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A mia madre e mio padre.

Forsitan et rosea sol alte lampade lucens And possibly the sun, agleam on high with rosy lampion,
possideat multum caecis fervoribus ignem possessesabout him with invisible heats
cir cum se, nul lo qui sit fulgore notatus a plenteous �re, by no e�ulgence mark ed,
aestifer ut tantum radiorum exaugeat ictum. so that he maketh, he, the Fraught-with-�re,

increase to such degree the force of rays.

(Lucretius, De Rerum Natura, V, 610{613;
transl. by William Ellery Leonard)
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Abstract.
Over the last ten years experiments onboard the Solar and Helio-

spheric Observatory (SOHO) acquired XUV data of the solar corona
(from � 165 to 1600 �A) which provided us with a comprehensive data
set covering all phenomenaoccurring in this region. Striking new re-
sults were obtained from these observations on the morphological and
physical properties of small and large-scalestatic and dynamic coronal
features, covering a complete solar activit y cycle from its minimum in
1996,through the last maximum on 2001and its decliningphasetowards
the next minimum expected in 2007.
In this Thesis we present the results we obtained from an analysis of
coronal spectroscopicobservations acquired with the UltraViolet Coro-
nagraph Spectrometer (UVCS) aboard the SOHO spacecraft. After a
brief hystorical introduction on UV coronal observations and a summa-
ry of the main properties of coronal plasmas, in the �rst part of this
Thesiswe review the most important physical processeswhich give rise
to the observed coronalUV spectrum and illustrate the spectroscopicdi-
agnostic techniquesusedto derive informations on the thermodynamic
state of the emitting plasma. A description of the UVCS instrument {
together with an outline of the characteristicsof the other SOHO exper-
iments whosedata have beenanalyzedfor a better and more thorough
interpretation of data { concludesthe �rst part.
In the secondpart of the Thesiswe focuson results from the analysisof
four UVCS datasets. In the �rst work we study the temporal evolution
of a streamer complex observed in June 2000at the time of a SOHO-
Ulyssesquadrature. Weexaminein particular two streamers,which were
slowly evolving, for which we derive densities,temperaturesand elemen-
tal abundances:theseturned out to be di�erent in di�erent structures.
This possibly depends on the streamer \age" at the time observations
have been acquired. In spite of the change in abundancevalues, both
streamershave the sameFIP (First Ionization Potential) bias (i.e. the
sameoverabundanceof low to high FIP elements, with respect to the
photosphericvalue of the ratio). We concludethat the processresponsi-
ble for the FIP e�ect is independent of the absolutevaluesof abundances.
The Fe/O ratio, which may be considereda proxy for the FIP e�ect, was
also measuredin situ by the Solar Wind Ion Composition Spectrome-
ter (SWICS) aboard the Ulyssesspacecraft,with the aim of comparing
coronal and in situ valuesand identify the coronal sourceof the plasma
sampled in situ. As we will show, data do not allow us to come to a
de�nite conclusionon this issue.
The secondand third work analyzeUVCS data from transient phenom-
ena, the Coronal Mass Ejections (CMEs), in their early and late stage
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of evolution. In particular, our secondwork concentrates on the UVCS
observations of a CME which occurredon 31 January 2000. Purposeof
our analysis is to infer the structure of the CME in the early stageof
its development and derive physical parametersof plasma in di�erent
parts of the CME. Thesearenot well known: measurements of densities,
temperatures and other physical parametersmay help us identify the
mechanismsthat lead to the CME phenomenaand serve as guidelines
for a theoretical model of CMEs. With the support of data from the
Magnetic Doppler Imager (MDI) the active region(AR) wherethe CME
originates is identi�ed and, combining white light data from the Mauna
Loa Observatory and UVCS data, we reconstruct the CME con�gura-
tion. To our knowledgethis is the �rst time that the CME three-part
structure hasbeenidenti�ed at this low coronal levels. A comparisonof
the observed structure with that predicted by the Lin & Forbes(2000)
CME model shows the two to be quite similar. Plasma densitiesand
temperatures in the expanding CME front and core are also given but
their distribution doesnot fully agreewith the Lin & Forbesprediction-
s; this result may help theoreticians to better de�ne their models. A
tentativ e estimate of the massin di�erent parts of the CME, and of its
overall mass,indicates that at the heliocentric distanceof our data (1.6
solar radii) the CME hasnot yet reached its �nal mass.
In our third work wereport on UVCSobservations of the coronalrestruc-
turing following a CME wich occurred in November 2002at the time of
a SOHO-Ulyssesquadrature campaign. Theseobservations cover, with
occasionalgaps,a time interval of more than 2 days giving us the pos-
sibilit y to study the evolution of the coronal plasma parametersin the
CME late stage. The observed UV emissionindicates plasmatempera-
tures above 6 � 106 K: a comparisonof the site of hot UV plasmawith
imagesfrom the Extreme UV Imaging Telescope (EIT) aboard SOHO
shows the high temperature emissionto overlie a growing post-
are loop
systemformed in the aftermath of the CME. This emissionmost likely
originates in the current sheet(CS) overlying the arcade,for which we
infer densitiesand give the temperature vs. time pro�le. Although this
does not represent the �rst identi�cation of a CS in a CME event, it
is the �rst time that the evolution in time of its physical parameters
has been given. Because,at the time of the quadrature, Ulysseswas
directly above the location of the CME, its instrumentation intercepted
the ejecta. High ionization state Fe was detectedby the UlyssesSolar
Wind Ion Composition Spectrometer(SWICS) throughout the magnetic
cloud associated with the CME: this is the �rst unambiguous identi�-
cation of the coronal sourceof the highly ionized plasma measuredin
situ by Ulysses.Hence,the SOHO-Ulyssesdata set provided us with the
uniqueopportunit y of analyzinga current sheetstructure from its lowest
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coronal levels out to its in situ properties. Both the remote and in situ
observations are comparedwith predictions of theoretical CME models.
In the fourth and last work of this Thesiswe analyzeUVCS observations
of a sungrazingcometobserved on February 2001;in particular we show
how from UV data it is possibleto estimate the physical parametersof
the coronal plasmaencountered by the comet. This givesus the oppor-
tunit y of illustrating brie
y atomic processeswhich occur at the time
of the interaction between the cool cometary and hot coronal plasmas
and are usually not discussedwhen dealing with coronal spectroscopy.
We alsoderived somecometary properties such as the water outgassing
rate, the nucleussizeand the number density of dust particles in the tail.
This comet apparently went through sequential fragmentation events a-
long its path and it is the �rst time that UVCS identifed two cometary
fragments and their sizehasbeenevaluated.
A concisedescription of future work is given at the end of the Thesis.



iv



Con ten ts

Abstract i

I Diagnostics and Instrumen tations 1

1 In tro duction 3
1.1 Observations of the solar corona: an hystorical overview. . . . . . . . 3
1.2 Purposesof the Thesis . . . . . . . . . . . . . . . . . . . . . . . . . . 5

2 A summary of morphological and physical prop erties of the corona 7
2.1 Coronal magnetic �elds . . . . . . . . . . . . . . . . . . . . . . . . . . 7
2.2 Coronal electron densities . . . . . . . . . . . . . . . . . . . . . . . . 10
2.3 Coronal electron temperatures . . . . . . . . . . . . . . . . . . . . . . 11
2.4 Coronal elemental abundances. . . . . . . . . . . . . . . . . . . . . . 12

3 Coronal plasma diagnostics 13
3.1 The observed coronal emission. . . . . . . . . . . . . . . . . . . . . . 13
3.2 UV Spectral line emission . . . . . . . . . . . . . . . . . . . . . . . . 15

3.2.1 The validit y of thermodynamic equilibrium . . . . . . . . . . . 15
3.2.2 Spectral lines formation . . . . . . . . . . . . . . . . . . . . . 17
3.2.3 Atomic levels population . . . . . . . . . . . . . . . . . . . . . 19
3.2.4 Atomic ionization balance . . . . . . . . . . . . . . . . . . . . 23
3.2.5 The validit y of ionization equilibrium . . . . . . . . . . . . . . 25
3.2.6 Emissionline intensity . . . . . . . . . . . . . . . . . . . . . . 26
3.2.7 Line broadening. . . . . . . . . . . . . . . . . . . . . . . . . . 32

3.3 Plasmadiagnosticsfrom EUV observations . . . . . . . . . . . . . . . 34
3.3.1 Separationof radiative and collisional components . . . . . . . 36
3.3.2 Plasmaelectron temperature . . . . . . . . . . . . . . . . . . . 37
3.3.3 Plasmaelectron density . . . . . . . . . . . . . . . . . . . . . 38
3.3.4 Elemental abundances . . . . . . . . . . . . . . . . . . . . . . 40
3.3.5 Oxygen elemental abundance . . . . . . . . . . . . . . . . . . 40
3.3.6 Plasmaout
o w speed. . . . . . . . . . . . . . . . . . . . . . . 41

3.4 White light continuum emission . . . . . . . . . . . . . . . . . . . . . 42



vi CONTENTS

4 Instrumen tation and Data Reduction 47
4.1 The SOHO mission . . . . . . . . . . . . . . . . . . . . . . . . . . . . 47
4.2 The SOHO/UVCS instrument . . . . . . . . . . . . . . . . . . . . . . 48

4.2.1 The spectrometerUV and WL channels . . . . . . . . . . . . 48
4.2.2 Instrument description . . . . . . . . . . . . . . . . . . . . . . 50
4.2.3 Stray light suppression. . . . . . . . . . . . . . . . . . . . . . 52

4.3 UVCS data reduction . . . . . . . . . . . . . . . . . . . . . . . . . . . 53
4.4 Other SOHO instruments . . . . . . . . . . . . . . . . . . . . . . . . 55

4.4.1 LASCO . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55
4.4.2 EIT . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 55
4.4.3 MDI . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 56

I I Observ ations & Results 59

5 Temp oral evolution of a streamer complex 61
5.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 61
5.2 The goal of our observations . . . . . . . . . . . . . . . . . . . . . . . 62
5.3 Streamerevolution from LASCO C2 images . . . . . . . . . . . . . . 63
5.4 UVCS observations and data analysis . . . . . . . . . . . . . . . . . . 64
5.5 Streamersphysical properties . . . . . . . . . . . . . . . . . . . . . . 66

5.5.1 Electron temperatures . . . . . . . . . . . . . . . . . . . . . . 67
5.5.2 Electron densities . . . . . . . . . . . . . . . . . . . . . . . . . 71
5.5.3 Elemental abundances:FIP e�ect . . . . . . . . . . . . . . . . 73

5.6 Abundancesmeasuredin situ and their coronal counterparts . . . . . 79
5.7 Conclusions . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 83

6 Early evolution of a CME in the low corona 85
6.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 85
6.2 The goal of our observations . . . . . . . . . . . . . . . . . . . . . . . 87
6.3 The January 2000CME scenario . . . . . . . . . . . . . . . . . . . . 88
6.4 UVCS observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . 90
6.5 Mark IV observations . . . . . . . . . . . . . . . . . . . . . . . . . . . 95
6.6 Density diagnosticsfrom white light observations . . . . . . . . . . . 96
6.7 Estimate of the CME electrondensity . . . . . . . . . . . . . . . . . . 98
6.8 Estimate of the CME out
o w speed . . . . . . . . . . . . . . . . . . . 100
6.9 Estimate of the CME electron temperature . . . . . . . . . . . . . . . 101
6.10 Massof the CME . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 105
6.11 Uncertainties in the CME parameters . . . . . . . . . . . . . . . . . . 105
6.12 Discussionand conclusion . . . . . . . . . . . . . . . . . . . . . . . . 108



CONTENTS vii

7 Post{CME curren t sheet evolution 111
7.1 Introduction . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 111
7.2 The goal of our observations . . . . . . . . . . . . . . . . . . . . . . . 112
7.3 The November 2002CME scenario . . . . . . . . . . . . . . . . . . . 113
7.4 UVCS observations . . . . . . . . . . . . . . . . . . . . . . . . . . . . 116
7.5 Physical parametersin the coronaand the CS . . . . . . . . . . . . . 120
7.6 Results . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 124

7.6.1 Elemental abundancesin the CS and adjacent regions. . . . . 129
7.6.2 Densitiesin the CS and ambient corona . . . . . . . . . . . . 131

7.7 Ulyssesobservations . . . . . . . . . . . . . . . . . . . . . . . . . . . 132
7.8 Discussionand conclusions. . . . . . . . . . . . . . . . . . . . . . . . 136

8 Coronal & cometary parameters from sungrazer observations 141
8.1 Introduction: sungrazerobservations . . . . . . . . . . . . . . . . . . 141
8.2 UVCS data . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 144

8.2.1 The observed emission . . . . . . . . . . . . . . . . . . . . . . 145
8.2.2 Ly� line pro�les . . . . . . . . . . . . . . . . . . . . . . . . . . 149

8.3 Physicsof cometary and coronal Ly� emission . . . . . . . . . . . . . 152
8.4 A model for the observed Ly� emission . . . . . . . . . . . . . . . . . 154

8.4.1 Cometary and coronal parameters. . . . . . . . . . . . . . . . 156
8.4.2 E�ect of Pyroxenedust grains . . . . . . . . . . . . . . . . . . 160

8.5 Summary . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 162

9 Summary and Future Perspectiv es 163

Ac knowledgemen ts I

Bibliograph y I I





Part I

Diagnostics and Instrumen tations





Chapter 1

In tro duction

1.1 Observ ations of the solar corona: an hystori-
cal overview

The optical emissionfrom the outer atmosphereof the Sun, the solar corona, is
� 6 orders of magnitude weaker than the emissionfrom its visible \surface", the
photosphere.Hence,hystorically, �rst observations of the coronahave beenpossible
only during solar eclipses,when the solar surfaceis occulted by the moon. Regular
observations of solareclipsesstarted only in 1842(by P. A. Secchi in Italy and C. A.
Youngof Princeton University), while the �rst photographicrecordshavebeenmade
in 1851(by Berkowski, in Konigsberg, on a daguerrotype). It is interesting to note,
though, that drawings of coronal structures at eclipseshave long beenpreferredto
photographic records,becauseof di�culties in setting appropriate exposuretimes:
short exposures,convenient for low-lying structures, were insu�cien t for higher,
fainter structureswhile long times led to overexposuresof the brighter low structures.

Whether the corona was a solar or an atmosphericphenomenon(terrestrial or
lunar) was long debatedand only in the secondhalf of the 19th century the con-
cept of a solar coronastarted developing. Observations of the solar coronaoutside
eclipsesbecamepossibleonly after the �rst coronagraphwas built (B. Lyot, 1930).
Spectroscopicobservations started with the pioneeringworks of J. Janssen(and J.
N. Lockyer) at the 1868 eclipse,which led to the discovery of Helium in promi-
nences. The puzzling observations, in the coronal spectrum, of unidenti�ed lines
(and in particular of a strong green line observed at � = 5303�A), led Young, in
1895, to postulate the existenceof an element, called coronium, not found on the
Earth. The problem was solved in 1942by the swedish scientist Bengt Edl�en who
identi�ed the observed lines with forbidden lines from highly ionizedatoms(such as
Fe xi , Ca xi i, Ca xi i i). This { together with the large width of the greenline and
the observation of only a small depressionat the position wherethe H and K lines
of Ca should be { led to the conceptof a million{degree temperature of the solar
corona.
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Becauseof the very high temperature of the coronal plasma (seeChapter 2),
emissionfrom coronal regionsis highest in the EUV and soft X-ray ranges,which
are almost entirely absorbed by the Earth atmosphere. Then, it becameevident
that, in order to increaseour knowledgeof coronal structures, spaceobservations
were mandatory. With the beginning of the spaceera with its rocket 
igh ts and
spacecraftmissions(in the secondhalf of the 20th century) the number of coronal
observations raisedtremendously.

Spaceobservations of the coronahad started by the Naval Research Laboratory
(NRL) in 1946, when the �rst far UV spectra were obtained by a spectrograph
mounted aboard a rocket. The �rst X-ray photograph of the Sun was obtained in
1963(by Friedman) with a pinhole cameraon a NRL rocket 
igh t. However, these

igh ts allowed only very short (about 7 minutes) observations of the solar corona
that provided only a \snapshot" over a very limited time interval, hencehiding its
extremely dynamic nature.

Long{term observations were obtained for the �rst time with the satellite series
Orbiting Solar Observatory(OSO� 1 to OSO� 8), launchedbetween1962and 1975.
Data acquiredby the non{imaging EUV, soft X-ray and hard X-ray spectrometers
and spectroheliographsaboard these satellites led to the �rst studies of the tem-
poral variabilit y of the electron temperature and density above active regions,the
�rst detection of very high temperature emission(T � 1.5{2.0�107K) during a 
are
and other relevant scienti�c achievements such as the �rst indication of temporal

uctuations in chromosphericand transition region lines.

A new era of multi-wavelength coronal observations from spacestarted in 1973
with the launch of the ATM packageaboard the Skylabmission. The ATM package
included a white{ligh t coronagraph,two X-ray telescopes,EUV spectroheliometer-
s/spectroheliographsand an UV spectrograph. The Skylab mission has been the
most productive mission in the history of solar observations from space,thanks to
the quality and quantit y of data, its nine{month duration and the level of funding
provided for data analysis. The most signi�cant progresseswere made in our un-
derstandingof coronal holes,of the structure, activit y and energybalanceof active
regionsand in the observation and prediction of solar 
ares.

The �rst spacemission that operated over nearly a full solar cycle (1980{1989)
was the Solar Maximumn Mission (SMM). The SMM satellite, the �rst to be com-
pletely dedicatedto solarobservations, focussedon spectroscopy over a broad range
of wavelengths rather than on the predominantly imaging activities of Skylabex-
periments. The missionpayload included a GammaRay Spectrometer (GRS), hard
X-ray instruments (HXRBS and HXIS), an UV Spectrometer & Polarimeter (U-
VSP, which provided a higher resolution imaging of the transition region plasmain

ares than previouslyachieved) and a coronagraph(which observed several hundred
coronal massejections and discovered10 new sungrazingcomets).

In 1991 the Compton Gamma-Ray Observatory (CGRO), designedto detect
bursts from cosmologicalobjects, recordedmore
 -ray and X-ray photonsfrom solar

ares than from the rest of the universeproviding crucial measurements of 
 -ray
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lines and contributing to a preciselocalization of the sourceof particle acceleration
in solar 
ares. The great breakthrough in soft X-ray imaging of the solar corona
and 
ares camewith the Yohkoh mission, launched in 1991and operating through
2001. The spacecraftcarried a payload of four scienti�c instruments: the Hard
X-ray Telescope (HXT) with four energy channels in the 14{93 keV range, the
Soft X-ray Telescope (SXT) with multiple �lters sensitive to temperaturesof T �
1:5 � 106K, the Wide-Band Spectrometer (WBS) and a BraggCrystal Spectrometer
(BCS). The Yohkohmissionprovided 10 yearsof soft X-ray imagesof the solar disk
aswell asof 
ares, increasingour knowledgeabout magnetic reconnectionand �eld
recon�guration processes.

The next major solar missionwas the Solar and HeliosphericObservatory(SO-
HO), launched in 1995and still fully operational at the time of this writing. This
is a cooperative missionbetweenthe U.S. National Aeronautics and Space Admin-
istration (NASA) and the European Space Agency (ESA). All the results described
in this Thesisare obtained from an analysisof SOHO data: a short description of
its instrumentation is given in Chapter 4.

Recent spacemissionsarethe Transition Region And Coronal Explorer (TRA CE)
and the Ramaty High Energy Solar Spectroscopic Imager (RHESSI). TRACE is a
NASA/ESA mission launched in 1998,with a single, high resolution (� 1") EUV
telescope and wasdesignatedto explorethe connectionsbetweenplasmastructures
observed in the solar outer atmosphereand the �ne{scale photospheric magnetic
�eld. High resolution imagesfrom the TRACE telescope have revealed intriguing
details about coronalheating and cooling, magnetic reconnectionprocessesand the
dynamic of coronal plasma structures. RHESSI is a NASA mission launched in
2002: its telescope providesimagesin hard X-ray with the highestspatial resolution
(� 2.3") ever achieved and wasdesignedto explorethe energyreleasein solar 
ares
and the basicphysicsof particle acceleration.

1.2 Purp oses of the Thesis

The aim of this Thesisis twofold: in the �rst part atomic processesleadingto coro-
nal emissionwill be illustrated and spectroscopictechniquesthat allow us to derive
the physical parameters(temperature, density, velocity, elemental abundances)of
coronal plasma will be described. In the secondpart we will show the results ob-
tained by applying thesetechniquesto the analysisof data acquiredby the SOHO
experiments. The data we analyzerefer to di�erent structures of the solar corona,
such as streamersand Coronal MassEjections (CME), and the signi�cance of the
problem we study will be preliminarly illustrated and put in a wider contest, via a
concisedescription of the state-of-the-art in the �eld.
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Chapter 2

A summary of morphological and
physical prop erties of the corona

Since the time of the �rst eclipseobservations the solar corona appeared to have
a highly inhomogeneusstructure. This becauseatoms, at the high coronal tem-
perature, are partially or fully ionized (i.e. they are in the \plasma" state) and
their motion follows the magnetohydrodynamic laws. The 2D con�guration of coro-
nal �elds is revealed by XUV and white light images; the magnetic �eld dictates
the topology and evolution of coronal structures and makes the solar corona dra-
matically di�erent from a simple gravitationally strati�ed atmosphere. The single
parameter that illustrates the in
uence of the magnetic �eld on the coronal plasma
is the socalledplasma-� , which is the ratio of the thermal pth to the magneticpres-
sure pmag . In the solar corona the magnetic pressuredominates over the thermal
pressurepreventing the horizontal strati�cation acrossthe magnetic �eld.

As we said in Chapter 1, the coronal temperature is on the order of 106 K, i.e.
temperature increasesmoving outwards from the photosphere(which is at 5000{
6000K). The transition from photosphericto coronal temperaturesoccursin a thin
layer, known as the \transition region" , wheredensity drops by about two orders
of magnitudeand the gastemperature hasa sharp rise in a regionbetween2000km
and 3000km above the solar surface(Figure 2.1). At typical coronal temperatures
(T � 106 K) and densities(Ne � 108 cm� 3) plasmain a 10 Gauss�eld hasa � � 1,
justifying our previousstatement that the coronais magnetically dominated. In the
following Sectionswe brie
y describe the coronalmagnetic �eld properties and give
a representativ e pro�le of density and temperature vs. the heliocentric distance.

2.1 Coronal magnetic �elds

Observations over extendedperiods of time revealedthat the activit y cicle has an
11 year periodicity. The total magnetic 
ux reaches a maximum during the peak
of a cycle (henceat the maximum of solar activit y) and drops to a low level during
the solar minimum. The fact that the Sun magnetic �eld changesdramatically
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Figure 2.1: Electron temperature (Te, dashedline) and density (ne, solid thin line)
model of the chromosphere(Fontenla et al., 1990;Model FAL-C) and lower corona
(Gabriel, 1976). In the transition region the neutral hydrogen density (nH 0 , solid
thick line) decreasesbelow the electron density becausethe plasma becomesfully
ionized (from Aschwanden,2004).

in just a few years in a cyclical pattern hints to a continuous generation of the
magnetic�eld inside the Sun. Becausephotosphericand coronalmagnetic�elds are
strongly coupled,all the chromosphericand coronalphenomenahave alsoan 11year
periodicity.

The appearanceon the Sunof vast, low-brightness,unipolar regions- the coronal
holes{ where the so-calledopen �eldlines originate, is related to the phaseof the
activit y cycle: the largest unipolar regionsappear at solar minimum, are centered
around the polesand extend down to low latitudes. At this times, the coronahas
a typical shape, with large, dark coronal holes that occupy a high percentage of
the total surface,while bright areasare concentrated in an equatorial belt, where
streamersare located. Streamersare approximately radial structures, which consist
of an arcadeof closed�eld lines that open up at the top of the structure, wherea
current sheetforms.

At the time of maximum activit y, coronal holes, if any, shrink in size and are
limited to polar areas,while streamersappear also at high latitudes. In this phase
the clear distinction between open and closed�eldline regionsdisappears and the
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magnetic �eld structure becomesmore complicated than in the simple dipole-like
con�guration at the minimum of the activit y cycle. At this time, the number of
transient phenomena,like 
ares or coronal mass ejections (CME) maximizes: a
descriptionof theseevents invokesthe restructuring/op ening/and subsequent closing
down of magnetic �elds.

The observed shape of all the structures typical of the \static" corona(i.e. phe-
nomenawith variation times on the order of days or months) is determinedby closed
and/or opene�eld con�gurations. This happens for instance for the coronal loops
(closedcon�guration), holes(open), plumes (open) and streamers(closedcon�gu-
ration surmounted by an open one). Moreover, all the observed variable features
typically included in the \dynamic" corona class(i.e. phenomenawith variation
times on the order of few days to minutes) may be described in terms of opening
(e.g. 
ares, plasmablowout) and/or closing(e.g. magnetic reconnection)processes
of the magnetic �eld.

Measurements of photosphericmagnetic�elds are madeby solar magnetographs
which take advantage of the Zeemane�ect, i.e. the splitting of the atomic energy
levels induced by an external magnetic �eld whoseintensity is proportional to the
amount of splitting. Theseinstruments measurethe radial component of the mag-
netic �eld, while more sophisticatedequipment - the vector magnetographs- can
measurealsothe normal component of the �eld (it is beyond the scope of this thesis
to give a detailed description of these instruments). Thesemeasurements demon-
strated that the the strongestmagnetic�elds (2000{ 3000G) are found in sunspots,
while active regionsand plageshave an averagephotospheric�eld of 100 { 300 G
containing small{scaleporeswith typical �elds of � 1100G. Network �elds are be-
lieved to be located mainly in betweengranules and to have a high �eld strengths
(1000{ 2000G), concentrated in slender
ux tubes(typical size� 100 { 330 km).
Unipolar regions,like coronalholes,have average�elds on the order of a few gauss.
During the solar cycle, the magnetic 
ux varies by a factor � 8 in active regions
and by a factor � 2 in ephemeralregions.

Direct measurements of coronalmagnetic�elds arestill in their infancy: the only
estimate we have comesfrom radio measurements or refer to prominences.Dulk &
McLean(1978)gave an empirical formula for the decreaseof the magnetic�eld B(r )
with height1:

B (r ) = (0:5G)
�

r
R�

� 1
� � 1:5

(2.1)

which is valid for the equatorial coronaat the sunspot minimum between1.02and
10 R� . This pro�le yields values of about 1 G at an heliocentric distance of 1.5
R� , decreasingto to � 0.02G at 10 R� . Of course,this curve doesnot include the
variations (by 1 { 2 ordersof magnitude) of the magnetic �eld strength causedby
the solar cycle.

1This formula has been derived from a compilation of di�eren t magnetic �eld measurements
such as in situ measurements, extrapolation from photospheric �elds measuredwith the Zeeman
e�ect and radio bursts.
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Figure 2.2: Top: radial pro�les of the electron density as derived via van de Hulst
inversionfrom variouswhite light measurements in an equatorial streamer. Bottom
panel: radial pro�les of electron temperature as derived (seetext) from the above
density measurements assuminghydrostatic equilibrium (from Gibson et al., 1999).
Di�eren t curves in theseplots refer to pro�les from di�erent measurements during
the Whole Sun Month campaignin August 1996.

There is a number of numerical techniques, basedon the magnetic �eld mea-
surements at photosphericlevels, that give valuesof the �eld at coronal altitudes.
These are basedon di�erent assumptions,the simplest being the \p otential" ap-
proximations. More sophisticatedtechniquesassumethe �eld to be force-free(i.e.
r � B = � B) with a constant or non constant � value. Theseare widely used,their
weaknessbeingthat the derivedvaluesdependobviously on the a priori assumptions
on which they are based.

2.2 Coronal electron densities

Coronal electron densities were �rst measuredfrom white light using the van de
Hulst (1950) inversion technique (see later, x 3.4). In Figure 2.2 (top panel) we
show the electron density Ne as a function of the heliocentric distance as derived
with this technique in an equatorial streamer(Gibson et al., 1999)at the minimum
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of the solar activit y. This can be represented by a radial power law:

N str
e (r ) = 108 � (77:1 � r � 31:4 + 0:954� r � 8:3 + 0:55� r � 4:63) (cm� 3) (2.2)

where r is the heliocentric distance in solar radii. A similar analysis applied at
di�erent latitudes shows that, at a nominal height of � 2500km above the solar
limb (henceat the baseof the corona,seeFigure 2.1), the electrondensity decreases
from a value of (3 { 5) �108 cm� 3 in coronal streamersto (0.5 { 1) �108 cm� 3 in
coronal holes.

Coronaldensitieshavebeendeterminedin the last yearswith di�erent techniques
from frequencyof radio bursts propagating through the corona, and from analysis
of EUV spectral line emissionusing coronal forbidden lines, emissionmeasureand
density sensitive lines. A brief descriptionof thesetechniqueswill begiven in x 3.3.3;
however, we anticipate herethat densitiesinferred from UV diagnosticsmay depend
on other parameterslike temperature, velocity and ion abundances(as we show in
Chapter 3) and sometimesit is di�cult to estimatethe uncertainties in the inferred
values. On the other hand, white light measurements, which depend only on the
geometry and the electron density distribution, yield results that are more easily
interpreted (seelater, x 3.4).

2.3 Coronal electron temp eratures

A major and still unsolved problem in solar physics is the identi�cation of the
mechanism leading to the suddentemperature rise from the chromosphereto the
corona(Figure 2.1). The total power emitted in x-rays by the coronais only � 10� 6

of the Sun's bolometric luminosity, and even taking into account all of the possible
coronal energylossmechanisms,the total energybudget of the corona is still only
� 10� 4 of the Sun's total output. Hence,the issueis not the sourceof the coronal
energy, but the mechanism which converts this small fraction of the total solar
output into heating and this problem is still debated.

For its solution, reliablemeasurements of coronaltemperaturesat di�erent height-
sand in di�erent coronalstructuresaremandatory. In Figure 2.2weshow the results
obtained for the Te(r ) pro�le inside a coronalstreamerfrom white light data; these
temperatures have beenderived from equation 2.2 assuminghydrostatic equilibri-
um to hold locally at each altitude r . It turns out that in coronal streamersTe

continuously risesbetween0:001� 0:003and 0:3 � 0:4 R� , and decreasesat higher
altitudes. Similar pro�les have beenobtainedalsofrom EUV observations of coronal
holesshowing mainly the samegeneralbehaviour shown in Figure 2.2 for coronal
streamers(seee.g. Kohl et al., 1997;Ko et al., 1997).

Beforeconcludingthis Sectionwe point out that temperatureshave beenderived
in the hypothesisthat plasmaalong the LOS is isothermal. However, becausethe
coronalplasmais optically thin (as we discussin x 3.1) at all wavelengths,whenever
di�erent structures are present along the LOS this assumptionis not tenable and a
further factor of uncertainty a�ects the derived values.
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2.4 Coronal elemental abundances

Elemental abundancescan be derived both from remote sensing technique (as we
describe in the next Chapter) and in situ measurements. In the last years it has
been found that some elements appear to be overabundant with respect to the
photospheric abundances,while other elements are possibly depleted. The main
parameter which seemsto separateelements with di�erent behaviour is the First
Ionization Potential (FIP): elements with a low FIP (i.e. � 10 � 10:5 eV) seem
to be depleted with respect to elements with a high FIP (� 10 � 10:5 eV). This
phenomenon(referred to asFIP-e�e ct) is typically unobserved in coronalholesand
is characteristic of coronal streamers. In particular, in thesestuctures a center-to-
limb e�ect has beenobserved (i.e. a larger FIP e�ect in the streamer limbs with
respect to the center; seee.g. Raymond et al, 1997)at 1.5 R� . This e�ect becomes
very important whenstreamerabundancesarecomparedwith in situ measurements:
from the ratio betweenthe abundancesof low to high FIP elements (such asMg/O
or Fe/O, where Mg and Fe are low FIP, while O is a high FIP element) it has
beenfound an anti-correlation betweenthe solar wind speedand the FIP-e�ect (se
e.g. Aellig et al., 1999). Hencetheseobservations may lead to concludethat the
slow wind sourcelies in the coronal streamer boundaries. However, observations
in coronal streamersat higher heliocentric distances(3.6 R� ) led to concludethat
slow wind may originate alsofrom the streamercusps(Strachan et al., 2002),while
other works indicate the low latitude branchesof coronal holesas another possible
sourceof slow wind (Poletto et al., 2002); as a consequence,this subject is up to
now debated.



Chapter 3

Coronal plasma diagnostics

In this Chapter we brie
y discussthe origin of the coronal spectral line emissionin
the extremeultra{violet range(EUV; � � 100{ 1000�A). The observed propertiesof
the radiative emissionfrom the solarcoronastrongly dependon the physical param-
etersof the emitting plasma. In order to extract, from the coronaldata, information
about the plasmatemperature, density, elemental abundancesand velocity �eld we
needto know all the main processesresponsiblefor this emission,that we brie
y re-
view in x 3.2. We then concentrate on the plasmadiagnostictechniquesto estimate
the plasmaparametersfrom EUV observations (x 3.3). At the end of this Chapter
(x 3.4) we also give a concisediscussionof the physical processesoriginating the
coronal continuum emissionin the white light range (WL; � � 3000{ 7000�A). As
we will show, this information complements those derived from UV lines, allowing
a better exploitation of data whenever both observations are available.

3.1 The observ ed coronal emission

The spectrum of the solar coronaspansover at least 14 ordersof magnitude, from
the shortest wavelengthsin 
 -rays to hard X-rays, soft X-rays, ultraviolet, visible,
infrared and radio, with each wavelengthregimerevealingdi�erent physical process-
es. From the observational point of view, typically 4 di�erent components to the
coronal spectrum (formed by di�erent mechanisms)are distinguished,namely:

� the K-corona (Kontinuierlich): shows a strongly polarized continuum spec-
trum, where the photosphericFraunhofer lines are not visible becausehave
beencompletely smearedout. This component arisesfrom the scattering of
the photospheric light by the fast moving electronsof the coronal gas (de-
scribed in x 3.4);

� the F-corona (Fraunhofer): shows the Fraunhoferabsorption lines of the pho-
tospheric spectrum. This component arisesfrom the scattering of the photo-
spheric light by small dust particles;
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Figure 3.1: Geometry of the radiation transport from the sourceregion to the observer:
the speci�c intensity I � is de�ned in the text.

� the E-corona (Emission): is madeof line emissionfrom variousatomsand ions
in the high temperature coronal ambient (described in x 3.2): the strongest
line in the visible rangeis the 530.3nm line of Fe xiv (greenline);

� the T-corona (Thermal): is a barely visible component in the infrared spec-
trum causedby the thermal emissionof interplanetary dust.

Becauseof its high temperature, the primary coronalemissionis in the UV and soft
X-ray spectral range,whereemissionlines of the E-coronaare strong relative to the
background level of K- and F- continuum emission.At any frequency� , the speci�c
intensity I � (erg s� 1 sr� 1 cm� 2 Hz� 1) is de�ned (seeFigure 3.1) as the energyper
time interval dt in the frequencybetween� and � + d� 
o wing within a solid angle
d! through an area da in the direction of the vector s oriented at an angle � with
respect to the normal n to the surface.We can then write

dE� = I � dacos� d! d� dt (erg) (3.1)

The variation of this quantit y dI � asit passesthrough intervening material depends
on the intensity increasedI em

� (s) = � � (s) ds (where � � (s) is the local emissioncoef-
�cient due to atomic emissionprocessesat the position s along the path through
the solar source)and the intensity decreasedI ab

� = � k� (s) I � (s) ds (where k� (s) is
the speci�c (i.e. function of � ) absorptioncoe�cient ) due to the atomic absorption
processes.Combining these two contributions we can write the radiative transfer
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equation:
dI � (s)

ds
= � k� (s) I � (s) + � � (s)

This equationwritten in terms of the so-calledsource function S� = � � (s)=k� (s) and
of the optical depth � � (s) =

Rs
s0

k� (s0) ds0 (where s0 is the remotest sourcelocation
along the line of sight s) has approximate solutions in the optically thick (� � � 1)
and optically thin (� � � 1) limits:

I � (� � ) � S� if � � � 1
I � (� � ) � I 0 + S� � � if � � � 1

whereI 0 = I � (s0) is the background intensity in absenceof any interveningmaterial.
Mainly becauseof the low coronal density, the transfer equation for the coronal
plasma holds in the optically thin limit. Moreover, becauseI 0 � 0, the coronal
speci�c intensity I � is proportional to the opacity � � , which for a constant absorption
coe�cien t is proportional to the depth L of the source(k� = const implies � � (s) =RL

0 k� ds = k� L).
As we said, this Thesis (apart from a brief Section on WL emission) focusses

on the analysis of the UV spectrum. We note, in passing, that in an optically
thin plasma, becauseL increasesfrom the disk center outwards, there is a center-
to-limb e�ect, which is fairly visible in UV. Becauseour UV data are taken at
heliocentric distances> 1:5 R� , we do not have such e�ect and we will not discuss
this issueany further. After this brief introduction on the generalcharacteristicsof
the coronalspectrum, we proceedto reviewthe physicalprocessesleadingto coronal
UV emission.

3.2 UV Spectral line emission

In this Section we start illustrating the ambient where the processesleading to
UV line formation occur (x 3.2.1). After a general introduction on the spectral
line formation (x 3.2.2), we describe the main processesleading to the atomic levels
population (x 3.2.3)and to di�erent ionization stages(x 3.2.4). Weconcludederiving
an expressionfor the observed line intensities (x 3.2.6) and reviewing the processes
responsible for the observed line pro�les (x 3.2.7).

3.2.1 The validit y of thermo dynamic equilibrium

A gas is in thermodynamic equilibrium at a temperature T if the energy transfer
betweenthe particles is dominated by collisions. The processthat leadsto thermo-
dynamic equilibrium is called thermalisation (characteristic of high density gases)
and is the basic requirement for the validit y of the Sahaequation (which controls
the ratio between ionization states of the sameelement), the Boltzmann equation
(which controls the atomic level population within a speci�c ion) and the Planck
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function (which givesthe energydensity of the radiation �eld). In thermodynamic
equilibrium a single temperature T can be assumedand the velocity distribution
of ions can be described by a Maxwellian distribution at that temperature. Glob-
al thermodynamic equilibrium requiresthat no temperature gradients exist in the
plasma and this condition is practically never achieved in real plasmas. However,
when the gas parameters(temperature, pressure,etc...) are varying in spaceand
time soslowly that onecanassumethermodynamic equilibrium to hold in the neigh-
borhood of any point, we are in the condition of local thermodynamic equilibrium
(LTE). In other words, LTE is valid whenever the thermalization length is (much)
shorter than the distance over which the gas parametersvary. In the transition
region and corona, the plasma is optically thin and the emitted photons are free
to escape without further interactions with the ambient: hencethere is no LTE.
The very concept of \temp erature" breaks down, the thermodynamic equilibrium
laws mentioned above are not valid and the velocity distributions of coronalprotons
and electronsare not expected to be Maxwellian. However, it can be shown that
in somecoronal regionsit is still possibleto considerthe protons and electronsin
thermal equilibrium, if the collisional processeswhich thermalize the gasare more
e�cien t than the processespreventing the equilibrium. To this end we evaluate the
most important parametersfor thermalization which are the proton-proton (� pp),
electron-proton (� ep) and electron-electron(� ee) collision times, and comparethese
with the characteristic time for coronalexpansion(� exp), assumedto be representa-
tive of characteristic time over wich plasmaconditions change. Estimates for these
times as a function of the ambient electron temperature and density are given by
(Mariska, 1992):

� pp � (0:313scm� 3 K � 3
2 ) �

�
mp

me

� 1=2 T3=2
p

Np ln �

� ee � (0:313scm� 3 K � 3
2 ) �

T3=2
e

Ne ln �

� ep � (13:0scm� 3 K � 3
2 ) �

T3=2
e

Ne

where Tp and Np are the proton kinetic temperature and density, Te and Ne are
the electron kinetic temperature and density, and ln � = 23 � ln(N 1=2

e T � 3=2
e ) is

the Coulomb logarithm (ln � � 20 in solar transition region and corona). In an
equatorial coronalstreamer(Ne � Np � 7�107 cm� 3, Te � Tp � 1:3�106 K at 1.2R� ;
Gibson et al., 1999)we obtain valuesof � pp = 14s,� ee = 0:33s,� ep = 270s. Because
in equatorial coronal streamersthe out
o w speedis negligibleup to an heliocentric
distanceof � 3:6 R� (seeStrachan et al., 2002),there is no coronalexpansion(� exp �
1 ) and the assumption of a single temperature plasma governed by a Maxwell-
Boltzmann distribution is justi�ed up to this distance. However, even assumingthat
the plasmais out
o wing at a speedvexp = (2:5� 108 cm� 2s� 1=Ne) � [215:4=h(R� )]2 '
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Figure 3.2: Characteristic times � as a function of the heliocentric distance in a typical
equatorial region (left panel) and in a coronal hole (right panel). This Figure compares
time scalesfor di�eren t processes:the ionization equilibrium time � ion for heavy ions, H
I collisional ionization times � c, H I photoionization time � � , electron thermalization time
� ee, proton thermalization time � pp, time for hydrogen-proton charge exchange � hp and
time for electron and proton temperatures equalization � ep. Thesetimes have to be lower
than the coronal expansiontimes � exp in order to maintain LTE condition and ionization
equilibrium (adapted from With broe et al., 1982).

1:1 km/s given by the mass
ux conservation, we have � exp = [(v=n) dn=dr]� 1 '
1:6 � 105s and the thermodynamic equilibrium hypothesisis still valid. By using the
sameformulas in a coronal hole (Ne � Np � 5 � 107 cm� 3, Te � Tp � 8:5 � 105

K at 1.2 R� ; Cranmer et al., 1999) we obtain values of � pp = 10s, � ee = 0:24s,
� ep = 200s,while � exp ' 780swith vexp � 110 km/s (Cranmer et al., 1999) and
the LTE condition is also justi�ed. Values at di�erent heliocentric distancesare
given in Figure 3.2 (adapted from With broe et al., 1982)which shows that for � exp

valuescomputed with the above formula (assumingthe mass
ux conservation in
the equatorial region and using the vexp given by Munro & Mariska, 1977for the
polar region) the LTE condition is justi�ed below � 3 R� and � 2 R� respectively
in the equatorial and polar regions.

3.2.2 Spectral lines formation

The coronal spectrum is generatedby the superposition of all the bound-bound
(i.e. from an energylevel to another within an ion/atom), bound-freeand free-free
emissionsprocessesoccurring amongthe coronal electronsand ions/atoms. The e-
missionin a coronalspectral line of an element X with m electronsremoved (X + m )
occursvia a bound-bound transition from a higher energylevel X + m

j to a lower level
X + m

i whereby the photon is emitted at a frequency� ij = � E ij =h. The photon may
be emitted via spontaneous emission (when an electron in a bound state sponta-
neouslyfalls to the lower energylevel) or stimulated emission (when an electron in
a bound excited state is stimulated by a passingphoton from the ambient radia-
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tion �eld). From the sametransition, photons are emitted over a small range of
frequenciesaround � ij and this spreadleadsto the formation of the emissionpro�le
 (� ) (which, however, is by far lessbroad than the observed pro�le, whoseorigin is
discussedin x 3.2.7). As mentioned above, the solar coronais optically thin, hence
we can assumethat the probability that the emitted photon interacts with other
atoms/ions before leaving the corona is negligible. As a consequence,the process
of stimulated emissioncan be neglectedwith respect to the spontaneousemission,
which dominates,and we do not needto solve the radiative transfer equation. In
this case,the speci�c emissivity Pij (� ) (given in ergcm� 3 s� 1 Hz� 1) in the transition
j ! i of a unit volume of plasmais given by:

Pij (� ) = N j (X + m ) A j i h� ij  (� ) (3.2)

whereN j (X + m ) is the number density (cm� 3) of atomsm times ionizedX + m which
are in level j and A j i (s� 1) is the spontaneousradiative transition probability. The
total power Pij (t ypically referredto asthe line emissivity) emitted in the transition
j ! i is then given by:

Pij =
Z 1

0
Pij (� ) d� = N j (X + m ) A j i h� ij (erg cm� 3s� 1) (3.3)

In the literature an alternative de�nition of the line emissivity independent of the
ion number density N (X + m ) is

� ij �
Pij

N (X + m )
=

N j (X + m )
N (X + m )

A j i h� ij (erg s� 1) (3.4)

which is referredto asthe normalized line emissivity. The intensity I ij (erg cm� 2 s� 1

sr� 1) detectedat Earth in the observed emissisonline (in the optically thin limit) is
given by:

I ij =
1

4�

Z + 1

�1
Pij dz (3.5)

wherethe integration is madealong the line of sight (LOS) z.
The largest sourceof uncertainty in the latter equationsis the number density

N j (X + m ), becauseof the unknown coronal abundanceof the element X and of the
many processespossiblymodifying the particular ionization state+ m and the j -level
population of the X atom. Each element may be found in one or several di�erent
stagesof ionization at any given plasma temperature and the computation of any
transition probability often depends upon having many other transitions already
calculated. Moreover, depending on the behaviour of the excited level population,
spectral linesmay bedistinguishedbetweenthosefrom allowed transitions and those
from metastablelevels referredto asforbidden or intersystemlines. Hence,in order
to evaluate Fij , it is necessaryto introducesomeapproximations. Typically plasma
is assumedto be in a steady state: locally the thermodynamic plasmaconditionsare
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not time{dependent. This assumptionis valid whenever the time scalesfor energy
input to the coronal gas and/or for the changesin the gas thermodynamic state
are short with respect to the time scalesfor the other physical processesinvolved.
The plasmasteadystate holds in "stable" coronalstructures such asstreamersand
coronalholes,while its validit y hasto beveri�ed in transient or impulsivephenomena
such as Coronal MassEjections (CMEs) or 
ares. In the next sectionswe describe
the other assumptionstypically introducedto compute the atomic level population
(x 3.2.3) and the atomic ionization state (x 3.2.4).

3.2.3 A tomic levels population

The electronof an m times ionizedatom may be in the ground level g of that stage
or in any of the excited levels j . In general,any given level j may be populated by
radiative and collisional excitation from lower levelsand by collisional de-excitation
and both spontaneous and stimulated radiative decay from upper energy levels.
Hencethe sameatomic processesmay depopulate the j -th level via excitation to
higher levels or de-excitation to lower levels. The population density of each level
must be calculated by summing in a statistical manner (i.e. taking into account
all the di�erent statistical weights) over a number of adjacent levels considering
all the excitation and de-excitation mechanismsfor each level. Moreover, the j -th
level may be depopulated by ionization (if the electron is removed) or populated
by recombination (if an electron is captured) processes.A selectionof the most
important atomic processesthat contribute to the atomic levels population (and to
the atom distribution amongdi�erent ionization stages)is shown in Figure 3.3. In
practice, carrying out a calculation that takes into account all these processesis
an enormouslycomplicatedtask that is solved by introducing someapproximations
which we list hereafter.

� First, we point out that in the chromosphereand the lower coronaionization
and recombination processes(occurring on time scaleson the order of tens
to thousandsof seconds)are much slower than excitation and de-excitation
processes(fractions of a second). This allows us to compute the population
of a j -th level for a given ionization stage + m, indipendently of the ioniza-
tion/recombination processes(discussedseparatelyin x 3.2.4).

� Second,the steadystate condition corresponds,as far asatomic processesare
concerned,to the statistical equilibrium hypothesis: if the plasma does not
evolve on time scalesfaster than the characterisctime scalefor excitation/de-
excitation processes(on the order of 1012=Ne s, seee.g. Harrison & Thompson,
1992; Mariska, 1992), we can assumethat the level population is not time{
dependent (i.e. dNj (X + m )=dt = 0), becausethe atomic processespopulating
and depopulating that level balanceeach other.

� Third, under conditionsusually found in the solarcorona(T < 107K and Ne <
108 cm� 3), the computation of the atomic level population can be simpli�ed
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Figure 3.3: A diagram showing the main physical processesinvolved in the excitation/de-
excitation and ionization/recombination of coronal atoms. Atoms and ions are marked
with �lled dots, electron with open dots, electron orbits with circles, electron transitions
with arrows and photons with a wiggly arrow (from Aschwanden, 2004).
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even moreby assumingthat the j -th level is populated/depopulatedexclusive-
ly from/to the ground level g, hencethat N j (X + m ) � Ng(X + m ) ' N (X + m )
(whereN (X + m ) is the number density (cm� 3) of the m times ionizedelement
X ). The latter condition (usually referred to as the two level atomic model)
holds for allowed transitions from the ground level of ions without metastable
levels (such as the Li-lik e ions) and is justi�ed by the higher e�ciency in the
coronaof the spontaneousemission(populating the g level) with respect to all
the excitation processes(depopulating the g level) shown in Figure 3.3.

� Fourth, a comparisonamong the computed time scalesfor all the di�eren-
t atomic processespossibly involved in the level population changes,shows
that in coronalconditions the excitation to the upper level j occursmainly by
collisionswith thermal electrons(collisional excitation), while the level depop-
ulation occursmainly by spontaneous emission. The collisional de-excitation
is negligiblebecauseof the low coronal density, while the stimulated emission
doesnot occur becauseof the low (in the EUV range) background radiation
�eld and the optical thinnes of the coronalplasma;hence,theseprocessescan
be neglected(this is sometimesreferredasthe coronal approximation). More-
over, the collisional excitation by protons is lessimportant than excitation by
electronsand can alsobe neglected.

We note that for ions with metastable levels j for which the radiative decay
rate A j g is small, the collisional de-excitation becomesan important depopulating
mechanism and the above approximations are not valid. As we mentioned at the
beginning of this section,any given level j may be populated also by radiative ex-
citation. This occursfor thoseatoms/ions which emit in lines whosechromospheric
emissionis high. In this case,absorption of photons from the background radia-
tion (induced absorption, called also radiative excitation) is also important. In the
following we concentrate only on electroncollisional excitation, radiative excitation
and spontaneousemissionand we give for each of theseprocessesan expressionfor
the number of transitions occurring per cm3 per secondassumingthat all the above
approximations are valid.

Electron collisional excitation

Collisions of ions with free coronal electronsmay excite an ion from its ground
level g to an upper j -th level (depending on the kinetic energyEe of the impacting
electron). The number of collisional excitation processes(in units of cm� 3s� 1) is
given by Ng(X + m ) Ne Ce

gj whereNg(X + m ) ' N (X + m ) is the number density (cm� 3)
of the ion X + m in the ground state g, Ne (cm� 3) is the electron density and Ce

gj is
the electroncollisional excitation coe�cien t (cm3s� 1). The latter can be computed,
oncethe collisional crosssection� gj (cm� 2) is known, as

Ce
gj =

Z + 1

0
� gj (v) f (v) v dv (3.6)
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where f (v) is the velocity distribution of the impacting electrons. The collisional
crosssectionis given by:

� gj =
� a2

0 I H 
 gj (Ee)
! g Ee

(3.7)

where a0 is the Bohr radius, I H is the ionization potential of the hydrogen atoms,

 gj (Ee) is the collision strength and ! g = (2J + 1) is the statistical weight of
the ground state. Assuming (becauseof thermodynamic equilibrium) f (v) to be
Maxwellian, Ce

gj can be expressedasa function of the electron temperature Te as:

Ce
gj =

8:63� 10� 6

! g T1=2
e

Z

� Egj


 gj (E) exp
�

�
Ee

kB Te

�
d

�
�

Ee

kB Te

�
(3.8)

where � Egj is the threshold energyfor the transition, kB is the Boltzmann's con-
stant and the collision strength 
 gj (E) is obtained from theoretical calculations.

Radiativ e excitation

Absorption of a photon at frequency� may excite an ion from its ground level
g to an upper level j provided the photon energy h� is equal or larger than the
energydi�erence betweenthe two levels � Egj . If �J (erg cm� 2) is the meanintensity
of the exciting disk radiation absorbed by the scattering ions and Bgj (erg� 1 cm2

s� 1) is the Einstein absorption coe�cien t, then the number of radiative excitation
processes(in units of cm� 3s� 1) is given by Ng(X + m ) Bgj

�J . The generalexpression
for the coe�cien t Bgj is:

Bgj =
! g

! j

8� 2 e2 f gj

2h� gj me c
(3.9)

where e = 4:8 � 10� 10 esu is the electron charge, ! g is the statistical weight of the
ground level g, me is the electron massand f gj is the oscillator strength of the
consideredtransition. �J can be evaluated oncethe exciting spectrum (typically o-
riginating in the underlying chromosphere),the atomic absorption pro�le and the
velocity distribution of the absorbingatoms are known.

Spontaneous emission

As already mentioned, in the solar coronathe spontaneousemissiondominates
over the stimulated emissionand the collisional de-excitation. If A j g = Bgj 2h� 3=c2

(s� 1) is the Einstein coe�cien t for the spontaneousemissionfrom the j -th level to
the ground level g, then the number of processesper unit volume and per second
(cm� 3s� 1) is given by N j (X + m ) A j g.

We note, however, that radiative excitation is important only for spectral lines
which have a high exciting radiation, hencelines which form also in the underlying
chromospheretransition region. For spectral lines observed only in the solar corona
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only the collisionalcomponent is important. In order to evaluate N (X + m ), we write
the statistical equilibrium equation for the population of the atomic level j of the
ion X + m ; taking into account the three processesmentioned above (and recalling
that Ng(X + m ) ' N (X + m )), this equation can be written as:

N (X + m )
�
Ne Ce

gj + Bgj
�J

�
= N j (X + m )

X

i<j

A j i (cm� 3s� 1) (3.10)

This simplerelationship givesthe number density N j (X + m ) for the X + m ion excited
to the j -th level asa function of the number density N (X + m ) of the ion it self: the
determination of the latter parameter is discussedin the next Section.

3.2.4 A tomic ionization balance

The ion number density N (X + m ) is often given as a chain of ratios:

N (X + m ) �
N (X + m )

N (X )
N (X )
N (H )

N (H )
Ne

Ne

This expressionseparatesthe dependenceof N (X + m ) on the electrontemperatureTe

(givenby the ratio RX (Te) = N (X + m )=N (X ) de�ned by the ionization balance) and
on the abundanceof the element X relative to hydrogen (given by the ratio AX =
N (X )=N (H )). In the coronausually N (H )=Ne ' N (H )=[N (H ) + 2N (H e)] ' 0:83
assumingthat both hydrogenand helium are fully ionizedand that N (H e)=N (H ) '
0:1. Hence,the term N (X + m ) is typically written as:

N (X + m ) = 0:83� RX (Te) AX Ne (3.11)

and the number N (X + m ) canbeevaluated by the ionization balanceequations.The
ionization stageX + m of a given element dependson many di�erent ionization and
recombination processes(seeFigure 3.3). However, aswe did for the determination
of the atomic levelspopulation, it is possibleto identify the predominant phenomena
in the coronal plasma.

Ionization processesfor astrophysical plasmasinclude, amongothers, photoion-
ization, collisional ionization and auto-ionization. In the low density, high temper-
ature coronal plasmathe photoionization (i.e. the bound-freetransition due to the
absorptionof a photon carrying an energyhigher than the ionization energy),three-
body recombination (i.e. the inverseprocessof collisional ionization) and charge
exchangerecombination (i.e. the capture by an ion of a neutral hydrogenelectron)
processesare negligible. Hence, in the following we describe the most important
processesdetermining the ionization stage of each element in the corona, namely
the collisional ionization, radiative recombination, dielectronic recombination and
auto-ionization.
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Collisional ionization

Collisional ionization occurswhenever free electronscolliding with an atom/ion
remove one of its bound electrons. This processrequiresthe speedof the ambient
electronsto becomparablewith that of the bound electrons.Becausein each ion the
binding energygetsprogressively larger from the outer to the inner electrons,higher
plasmatemperature correspondsto higher ionization stagespecies.The abundance
curve of any given atomic ionization stageX + m asa function of temperature hasa
minimum both at low temperatures(becausefreeelectronshave not enoughenergy
to ionize the atom) and at very high temperatures (becausethe \average" degree
of ionization is much greater). In between these two minima there is a tempera-
ture Tmax (+ m) of maximum e�ciency for the ionizing process(depending on the
selectedionization stage+ m and the consideredatomic species)called temperature
of maximum formation. In spite of the low coronal densities,this is the dominan-
t ionization processbecauseof the weakradiation �eld wherethe coronais immersed.

Radiativ e recom bination

The radiative (or two-body) recombination is the capture of a free electron by
an ion into oneof the available energystates followed by the emissionof a photon;
this is the inverseprocessof the photoionization.

Dielectronic recom bination and auto-ionization

In these two processesa free electron is captured by the ion and lands in an
excited state, while alsooneof the bound electronsbecomesexcited; both electrons
areexcitedand weendup with a doubly excitedstate. Hence,the processcanfollow
two di�erent ways: if the highly unstable doubly excited con�guration stabilizes
(with one or both excited electrons falling to the lowest available state) we have
the dielectronic recombination. On the contrary, if the ion spontaneously ionizes
ejecting an highly excited electron,while an excited bound electronsfalls to a lower
state, we have the auto-ionization process. The net result of the latter reaction is
equivalent to an elastic collision betweenan electronand the ion.

The assumptionof balancebetweenopposing processesmade for bound-bound
transitions determining the population of the j -th level, can also be extended to
the bound-free transitions to include ionization processes. Hence, for a plasma
in thermodynamic equilibrium at a given temperature T, a balance is generally
assumedbetween all processescausingthe stripping of electronsfrom atoms of a
given element and all the recombination processesleadingto lower ionization stages.
This approximation is usedto calculatethe ionization equilibrium: that is, under this
hypothesis,givena plasmatemperatureT, wecanwrite a systemof equationsfor the
ionizedstagesof a givenelement from which the number density of each ion X + m can
be evaluated. Oncethe ionization balanceRX (Te) is computed, from the statistical
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Figure 3.4: Ionization equilibrium calculations for di�eren t Fe ionizations stages(from
Fe v to Fe xix ) in the temperature range T = 105 � 107 as calculated by Arnaud &
Raymond (1992) using the CHIANTI code.

equilibrium (equation 3.10) it is possibleto compute, for each ionization stage,the
population of di�erent levels j . Ionization equilibrium and levelspopulation can be
computed with spectral codes available on the web; an useful code is the Arcetri
Spectral code (Landi & Landini, 1998;Landini & Monsignori Fossi,1990)accessible
also the web1. This code computesthe contribution function for di�erent spectral
lines as a function of temperature; moreover, the CHIANTI databaseallows the
user to evaluate the normalizedemissivity � ij (seeequation 3.4) for a given plasma
temperature and electron density (seeFigure 3.4).

3.2.5 The validit y of ionization equilibrium

In order to determine the coronal regionswhere the ionization equilibrium can be
considereda valid hypothesisit is necessary(similar to our discussionfor the validit y
of thermodynamic equilibrium in x 3.2.1) to comparethe time scalesfor ionization
� ions and recombination � r ec processeswith the coronal expansiontime � exp. For an
ion X + m the collisional ionization time � ions (m) to reach the ionization state m + 1
and the recombination time � r ec(m) from the state m + 1 to m can be written as

� ions (m) = (Ne qm )� 1 ; � r ec(m) = (Ne � m+1 )� 1 (3.12)

whereqm and � m+1 are the ionization and recombination rates (cm3 s� 1). In order
to estimate thesetimes, it is necessaryto assumea coronal model that gives tem-

1Seehttp://wwwsolar.nrl.na vy.mil/c hianti othercodes.html for a list of spectral codesavailable
on the web.
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peratures, densitiesand out
o w speedsat di�erent heliocentric distances. Results
from thesecomputations are given in Figure 3.2 (from With broe et al., 1982) that
shows the ionization equilibrium time for heavy ions � ions vs. the coronalexpansion
time at di�erent heliocentric distances. From this Figure we can seethat, because
the density drops and the out
o w speed increaseswith distance, above � 1:5 and
� 2:5 R� respectively at the polar and equatorial region, the lifetime of the ions is
longer than the coronal expansiontime and there is no ionization balance. In these
conditions, no further ionization/recombination processeshave time to occurr and
the atomic ionization state becomes\frozen-in", i.e. is conserved into the out
o wing
solar wind. For the hydrogenatoms, time scalesinvolved in the ionization equilib-
rium are the photoionization time � � and the collisional ionization � c in Figure 3.2,
which overcomethe coronal expansiontime above � 3 and � 8 R� respectively at
the polar and equatorial region.

3.2.6 Emission line in tensit y

We can now computethe intensity of coronalemissionlines. The observed emission
is the sum of the collisional (I col) and the radiative (I r ad) components: in the fol-
lowing we give the generalexpressionsfor the radiative and collisional components
of the observed line intensities and we will show in x 3.3.1how in the data analysis
we can separatethesetwo contributions.

Collisional comp onent

As we already discussed,the number of collisional excitation processesnc occur-
ring per secondand cubic centimeter is given by nc = N (X + m ) Ne Ce

gj (cm� 3 s� 1)
whereN (X + m ) = 0:83� RX (Te) AX Ne, hence

nc = 0:83� RX (Te) AX Ce
gj (Te) N 2

e (3.13)

The collisional line emissivity P col
gj (erg cm� 3 s� 1) is then given by

P col
gj = 0:83� h� gj RX (Te) AX Ce

gj (Te) N 2
e (3.14)

The photons emitted from collisional excitations spread over a solid angle of 4� ,
hencethe expressionfor the observed collisional line intensity I col

gj is obtained by
integrating the emissivity along the line of sight:

I col
gj =

1
4�

Z + 1

�1
P col

gj dz (erg cm� 2sr� 1s� 1) (3.15)

We note that the above equationshave beenwritten by assumingthat N (H )=Ne '
0:83. In general, N (X + m ) = RX (Te) AX N (H ), hence equation 3.13 has to be
written as

nc = RX (Te) AX Ce
gj (Te) Ne N (H ) (3.16)
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Figure 3.5: The contribution functions G(Te; AX ) (multiplied by a factor h� gj =4� ) for
di�eren t spectral lines in the temperature range T = 104:3 � 107:5. The curves showed
in this Figure have beencalculated with the CHIANTI code using elemental abundances
from Feldman (1992), ionization equilibrium valuesfrom Arnaud & Raymond (1992) and
Mazzotta et al. (1998) and a constant pressurep = N eT = 1016 cm� 3K.

From the latter equation we can de�ne the so called contribution function Cl ine

(which is useful to combine all the atomic physical parametersinvolved)

Cl ine (Te; Ne) =
N (H )

Ne
RX (Te) Ce

gj (Te) (cm3s� 1) (3.17)

With the approximation NH =Ne ' 0:83 the contribution function is only tempera-
ture dependent (Cl ine = Cl ine [Te]); as we better explain in x 3.3.3 this is true only
for allowed transitions, while for intercombination or forbidden transitions the Cl ine

function may be density-sensitive. In the literature there is an alternative de�nition
of the contribution function including also the abundancefactor:

Gl ine (Te; AX ) = AX Cl ine (Te) (cm3s� 1) (3.18)

With the above de�nitions the collisional line intensity can be simply written as:

I col
gj =

h� gj

4�

Z + 1

�1
Gl ine (Te; AX ) N 2

e dz (3.19)

Often the collisional intensity is written by introducing the di�er ential emission
measure dEM (T)=dT de�ned as:

dEM (T)
dT

= Ne N (H )
dz
dT

(cm� 5K � 1) (3.20)
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Figure 3.6: Geometry of the radiativ e excitation processand following di�usion of the
absorbed radiation in the direction of the observer (seetext).

hencewe have:

I col
gj =

h� gj

4�

Z

T
Gl ine (Te; Ne; AX )

dEM (T)
dT

dT (3.21)

The dEM (T)=dT function gives an indication of the amount of plasma along the
line of sight in the interval betweenT and T + dT that contributes to the emitted
radiation. From the dEM (T)=dT function it is possiblealso to de�ne the emission
measure EM as:

EM =
Z

T

dEM (T)
dT

dT '
Z

LO S
N 2

e dz (cm� 5) (3.22)

which measuresthe amount of emitting plasmaalong the line of sight. As we will
seelater on (x 3.3.3) this expressionis useful for plasmadensity diagnostics.

Radiativ e comp onent

As mentioned in x 3.2.3,the number nr of radiativeexcitation processesoccurring
per secondand cubic centimeter is given by:

nr = N (X + m ) Bgj
�J = 0:83� RX (Te) AX Ne Bgj

�J (cm� 3s� 1) (3.23)

where �J (erg cm� 2) is the meanintensity absorbed from the disk by the scattering
ions. For the geometry of the scattering processwe refer to Figure 3.6, where n0
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is the unit vector along the direction of the incident photon, n is the unit vector
parallel to the LOS (hence,the direction of propagationof the observed photon), 

is the solid angle under which the solar disk is seenby the sourceof the scattered
radiation and d! 0 is the in�nitesimal solid angle around n0. The mean intensity �J
absorbed by the scattering ion dependson the normalizedabsorption pro�le 	( � �
� 0) (

R1
0 	( � � � 0) d� = 1) of the ion (in a frame of referenceat rest with the ion

where� 0 � � gj ) as follows:

�J =
Z 1

0
J� 	( � � � 0) d� (erg cm� 2) (3.24)

whereJ� is the averagedisk intensity I disk (� ; n0) (at a given frequency� ) impinging
from the whole disk on the scattering ion and is given by:

J� =
1

4�

Z



I disk (� ; n0) d! 0 (erg cm� 2) (3.25)

By using equations3.23,3.24and 3.25we can write the emissivity P r ad
gj of a radia-

tively excited spectral line as:

P r ad
gj = 0:83h� gj Bgj

Z



RX (Te)AX Ne

Z 1

0
	( � � � 0)I disk (� ; n0)d�

d! 0

4�

(erg cm� 3s� 1) (3.26)

However, the latter equationholdsonly for scatteringionsat rest with respect to the
sourceof the exciting radiation. In a more generalexpressionwe have also to take
into account that the scattering ions can be in motion with respect to the sourceof
the exciting radiation, hencethe absorbed spectrum is seenDoppler shifted in the
ion frame of reference.In particular, if w is the out
o w speedof the absorbingion,
an incident photon emitted by the sourceat the frequency� in the direction n0 is
seenby the ion at a frequency� 0 given by:

� 0 = �

s
1 � w �n 0

c

1 + w �n 0

c

' �
�

1 �
w � n0

c

�
(3.27)

wherec is the speedof light. Hence,in order to write the correct expressionfor the
observed line intensity it is necessaryto integrate equation 3.26 over the velocity
distribution function f (w) of the scattering ions. Moreover, the photons scattering
is in generalnot isotropic: if � is the angle between the directions n and n0 (see
Figure 3.6), the probability that a photon arriving from all the possibledirections
around n0 in d! 0 is scattered in the direction n is written as p(� ) d! 0, where p(� )
is the so-calledredistribution phasefunction. Hence,this function has to be added
in the integration over the solid anglesd! 0 in equation 3.26. Finally, the resulting
expressionfor the line emissivity due to the radiative excitation is

P r ad
gj = 0:83h� gj Bgj

Z



p(� )

Z

v
f (v )R(Te)AX Ne

Z 1

0
	( � � � 0)I disk (� 0; n0)d� d3v

d! 0

4�

(erg cm� 3s� 1) (3.28)
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The intensity detectedat Earth I r ad
gj (erg cm� 2 s� 1 sr� 1) is then given by and inte-

gration of the line emissivity along the line of sight:

I r ad
gj =

1
4�

Z + 1

�1
P r ad

gj dz (erg cm� 2sr� 1s� 1) (3.29)

The expressionfor the p(� ) function dependson the spectral line; in particular, for
the linesmost frequently usedhereis (House,1970;Beckers& Chipman, 1974;Noci
et al., 1987):

Lyman-� � 1216�A,

Lyman-� � 1025�A and 4� p(� ) = 11+3 cos2 �
12 (3.30)

Lyman-
 � 973�A

O vi � 1032�A 4� p(� ) = 7+3 cos2 �
8 (3.31)

O vi � 1037�A 4� p(� ) = 1 (3.32)

Assuming the ions to have a Maxwellian velocity distribution (if the plasma is in
the LTE condition), the absorption pro�le 	( � � � 0) along the direction n0 of the
incident radiation can be written as a Gaussianfunction with a 1=e half width � �
given by:

� � =
c
� 2

� � =
�
c

r
2kB Tn0

mi
(3.33)

wheremi is the massof the emitting ion and Tn0 is its kinetic temperature alongthe
direction n0. Hence,the normalizedabsorption pro�le (i.e.

R1
0 	( � � � 0) d� = 1) is

given by:

	( � � � 0) =
c
�

r
mi

2� kB Tn0
exp

"

�
mi c2

2kB Tn0

�
1 �

�
� 0

� 2
#

(Hz� 1) (3.34)

Equation 3.28 states that the component I r ad to the line intensity arises from a
convolution integral betweenthe atomic absorptionpro�le 	( � � � 0) and the incident
lower atmosphereintensity I disk (� 0; n0), where� 0 = � � � � with � � = � (w � n0)=c. In
particular, the radiative excitation rate of a coronal line dependson the quantit y:

F (� � ) =
Z 1

0
I disk (� � � � ) 	( � � � 0) d� (3.35)

(which di�ers from equation 3.24for �J in that F (� � ) do not include an integration
over the solid anglesand here the I disk function depends on the Doppler shifted
frequency� � � � ). Because,typically, the coronal plasma is ou
owing, w � n0 > 0,
hence� 0 < � , � 0 = c=� 0 > c=� = � and the incident pro�le is seenby the scattering
ion red{shifted by Doppler e�ect. If the I disk (� � � � ) intensity pro�le originatesfrom
an emissionline2, the convolution integral maximizeswhen the central frequencyof

2 i.e. is the superposition of all the emission pro�les of spectral lines emitted from the lower
atmospherelayers
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Figure 3.7: Left: the Doppler dimming factor D (w) as a function of the plasmaout
o w
velocity w (km/s) for the O vi � 1032�A (dashedlines) and and O vi � 1037�A (solid) spectral
lines for di�eren t ion kinetic temperatures. Right: the samefor the Ly� line for di�eren t
proton temperatures (from Kohl et al., 1997).

the exciting line coincideswith the centroid position � 0 of the coronal absorption
pro�le 	, and its value decreasesas j� � j (hencejwj) gets larger. For high enough
out
o w speedw, the Doppler shift between the emissionand the absorption pro-
�les is such that the convolution integral is zero and the scatteredcomponent I r ad

vanishes. This e�ect is known as Doppler dimming; we will comeback to this in
x 3.3.6. The amount of Doppler dimming of the radiative component of a line is
characterizedby the parameterD (called Doppler dimming factor) de�ned as

D =

R

 F (� � ) p(� ) d! 0

R

 F (0) p(� ) d! 0

(3.36)

which corresponds (from the observative point of view) to the ratio between the
actual intensity of a line and the intensity that should be seenin absenceof any
Doppler dimming e�ect. Figure 3.7showsthe factor D computedfor several spectral
lines as a function of the coronal out
o w speedw. Typically the full width at half
maximum (FWHM) of the Ly� spectral line is on the order of � 0:9 � 1 �A, while
the O vi � 1032�A has a smaller FWHM on the order of � 0:16 � 0:18 �A. As a
consequence,for a given out
o w speed the Doppler dimming is more e�ective for
the latter spectral line, as shown in Figure 3.7. A comparisonbetween D factors
computed for the Ly� line with di�erent kinetic temperaturesTk shows also that,
given the sameout
o w velocity, the Doppler dimming decreasesas Tk (hencethe
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kinetic temperature) increases,as expected. The D curves for the O vi � 1037.6�A
line (left panel, solid) are more complicate because,for out
o w speedslarger than
� 100km/s, the shift in wavelength is largeenoughto allow the O vi � 1037.6�A line
to be excited by the nearby C i i � 1037.0�A and 1036.3�A spectral lines. This e�ect
(called line pumping) is shown in Figure 3.73 by the increasein the factor D for
the O vi � 1037.6�A line (solid curve) for w > 100km/s. Doppler dimming and line
pumping can a�ect the radiative component of the observed O vi line intensities
and have to be taken into account in the data analysis.

3.2.7 Line broadening

The speci�c emissivity Pgj (� ), as de�ned in equation 3.2, (erg cm� 3 s� 1 Hz� 1) is
given by:

Pij (� ) = Ng(X + m ) A j i h� ij  (� )

where (� ) is the emissionline pro�le normalizedto unity. The shapeof the observed
pro�le derivesfrom the convolution of all the emissionpro�les generatedby di�erent
broadeningmechanisms:

 (� ) =  (� )nat �  (� )col �  (� )th �  (� )tur (3.37)

where  (� )nat is the natural broadening,  (� )col the collisional broadening,  (� ) th

the thermal Doppler broadeningand  (� ) tur is the broadeningdue to unresolved
turb olent micro- and macroscopicmotions of the gas. In the following we brie
y
discussthe importance of each of thesetherms.

The  (� )nat broadeningis a consequenceof the Heisenberg uncertainty principle:
as we discussedabove, each atomic level j is depopulated through spontaneous
decay to the ground level g at a rate A j g (s� 1), hencethe lifetime of the j level is
� t j = 1=A j g. De�ning � E j as the uncertainty in the energyof the j level, from the
uncertainty principle we have:

� E j � t j = h
c

� 2
gj

� � gj
1

A j g
�

h
2�

(3.38)

hencethe natural line broadening(in wavelength) is given by:

� � gj =
A j g � 2

gj

2� c
(3.39)

However, � � j g < 10� 3 �A and is thus completelynegligible in observed lines.
Atoms in a cloud of gasexperiencetwo typesof perturbations from their neigh-

bors: they collide directly with some,and are a�ected by the electric �elds of parti-
clespassingcloseby. The energylevelsof the atom are then perturbed by collisions
or closeencounters with other atoms or ions. Thesetwo e�ects lead to collisional

3 in thesecurvesthe authors did not include the pumping from C i i � 1036.3�A.
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and pressurebroadening,respectively. Most simply, we may supposethat the atoms
are una�ected by other particles if the relative distanceis larger than the meanfree
path l0 of the interacting particles

l �
1

N �
=

r
2kB T

m
� 0 (3.40)

where N (cm� 3) is the number density of the colliding particles with massm and
� is the collision crosssection. Hence,the width � � col of the collisional broadening
(i.e. its full width at half maximum FWHM) by assuminga Maxwellian distribution
can be written as:

� � col =
� 2

c
1

� � 0
=

� 2

c
N �
�

r
2kB T

m
(3.41)

where, in our case,N � Ne and T � Te. Becausethe width increaseslinearly as
the number density N and the squareroot of the temperature T, at the densities
and temperatures typical of the solar corona this e�ect can be neglected(Mariska
1992),and becomesimportant only in relatively denseplasmas(N � 1011 cm� 3).

Emission lines from H atoms and hydrogen-like atoms, can be also broadened
by the Stark e�ect (i.e. the splitting of a spectral line into several components in
the presenceof an external electric �eld interacting with the atomic electric dipole).
The Stark components of the hydrogen lines are simmetrically distributed around
the position � 0 of the line centroid and photons emitted by these splitted levels
result in an overall line broadening. An expressionfor the width � � S of the Stark
broadeningin hydrogen-like C, N and O ions has beenderived e.g. by Gonzalezet
al. (1998) who give:

� � S = 0:48
� 2

c
N 2=3

e
n2:3

u

Z
(3.42)

wherenj is the principal quantum number of the upper j level of the transition and
Z is the ion atomic number. For instance,for the H Ly� line is nj = 3 and assuming
Ne = 107 cm� 3 we get � � S � 10� 6 �A, hencethis e�ect in the coronais negligible.

The main e�ect that dominates the line broadening in the solar corona is the
thermal broadening. Photonsemitted at at a wavelength � 0 in the atomic reference
frame by atoms moving at a thermal velocity vth , becauseof Doppler e�ect, will
be observed at a wavelength � = � 0 (1 � vth =c), red or blue shifted depending on
the vth component along the direction to the observer. Becausethe directions of
the atomic velocities are randomly distributed, the overall resulting line pro�le is
a superposition of all the red and blue shifted atomic emissions,resulting in a line
broadening. Assuminga Maxwellian distribution of velocities f (v), the thermal line
broadening� � th (i.e. its FWHM) is:

� � th = 2
p

ln 2
� 0

c

r
2kB Tk

m
(3.43)

wherem is the massof the emitting ion or atom with kinetic temperature Tk . For
instance, by using equation 3.43 for the Ly� spectral line, with a typical coronal
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temperature of T = 106 K, we get � � th ' 0:87 �A; hencethe thermal broadeningis
the main physical processa�ecting the observed line shape. Becauselines emitted
by a steadyisothermalplasmawith a Maxwellian particle velocity distribution have
a Gaussianpro�le, any time the observed line pro�les are well represented by a
Gaussianshape (Mariska, 1992),we may assumethat the LTE approximation holds.
This is often the casefor coronal plasmas: hence,from a Gaussian�t of the line
pro�le it is possibleto evaluate the kinetic temperature.

An additional component to the Doppler broadening can be due to turbulent
plasmamotions. Assuming(for simplicity) that this additional velocity �eld is also
Maxwellian with a root meansquarevelocity � , we have:

� � th = 2
p

ln 2
� 0

c

r
2kB Tk

m
+ � 2 (3.44)

Usually the thermal and turbulent line broadening components are identi�ed by
comparing the widths of lines emitted by at least two atoms of di�erent atomic
weight.

Before concluding this Section,we recall that the observed line pro�le it is not
the \true" pro�le of the line. If  (� � � 0) is the true emissionpro�le formed by
the superposition of all the processesmentioned above and G(� ) is the instrumental
pro�le, the observed line pro�le O(� ) is given by the convolution integral:

O(� 0) =
Z 1

0
 (� � � 0) G(� ) d� (3.45)

The instrumental pro�le G(� ) represent the smoothing by the spectrometer of an
in�nitely narrow spectral line and can be determined in laboratory by observing
spectral linesemitted by a heavy element (such asmercury) to minimize the thermal
Doppler broadening. It can be shown that, if  (� � � 0) and G(� ) are both Gaussian
pro�les with halfwidth � � l ine and � � inst respectively, then the observed pro�le will
alsobe a Gaussianwith halfwidth

� � obs =
q

� � 2
l ine + � � 2

inst (3.46)

This equation is commonly usedto correct the observed line pro�les for the instru-
mental broadening,once� � inst is known. The latter dependsalsoon the slit width
of the spectrometerusedfor the observations: the full expressionfor the � � inst term
is given in x 4.3.

3.3 Plasma diagnostics from EUV observ ations

A number of techniquesallow us to derive, from the observed UV spectral line in-
tensities and line pro�les, the plasmaelectrondensity Ne and electron temperature
Te, the kinetic temperatures Tk for di�erent atomic species,the elemental abun-
dancesN (X ) and the out
o w speed w. In the following we will describe these
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techniques: to this end, it is necessaryto derive a simpli�ed form for equations3.15
and 3.28 (x 3.2.6) which givesa generalexpressionfor the radiative and collisional
line intensities asa function of the physical parametersof the emitting plasma.

Equation 3.15givesthe collisional line intensity I col asan integral along the line
of sight (LOS). In the integrand function, only the electron density Ne typically
changesby many order of magnitudesalong the LOS, while the rate of changefor
the C(Te; Ne) and AX functions is signi�cantly lower. This implies that, in �rst
approximation, it is possibleto rewrite equation 3.15as:

< I col > = 1
4� < AX > < Cl ine (Te) >

R
LO S N 2

e dz =
= 1

4� < AX > < Cl ine (Te) > EM
(3.47)

where < AX > and < C(Te) > are, respectively, the averagevalue along the LOS
of the elemental abundanceand the contribution function. Becausein generaltem-
perature varies along the LOS, the critical factor in this approximation is the con-
tribution function C(Te), which dependsstrongly on the electron temperature Te.
Usually we assumethat the ion emissionoriginates in a narrow region around the
temperature of maximum ion formation, i.e. the averagevalue of C(Te) is given by

< C(Te) > =

RTe+� Te

Te
C(Te) dTe

� Te
(3.48)

and the approximation is valid when � Te � Te. It is important to note that,
because(as we described in x 2.2), the electron density typically decreasesrapidly
moving away from the plane of the sky (for instance it decreasesby more than 1
order of magnitude betweenthe heliocentric distancesof � 1:1 R� and � 1:6 R� )
and becauseI col in equation 3.47 is multiplied by

R
LO S N 2

e dz , the observed I col

originatesmainly in a narrow (L < 1R� ) regionalong the LOS over which, because
of its limited extension, the above approximation is tenable. However, the above
considerationsare valid only for quiet coronal structures (such as streamersand
coronal holes), while more sophisticatedtechniquesmay be necessaryfor dynamic
phenomenasuch as CMEs and 
ares.

Following similar arguments the radiative component I r ad of the observed line
intensity (equation 3.28) may be written in an approximate form for a Maxwellian
velocity distribution f (v), assumingthe function p(� ) to be independent of the
consideredatomic transition. From equations3.28,3.29,3.35and 3.36we can write

< I r ad > ' k
h� gj

4�
< p(� ) > < 
 > < F (0) > < D >

Z

LO S
Ne dz (3.49)

wherek = 0:83� Bgj < R(Te) > < AX > . The above averagefunctions are given by:

< p(� ) > = 1=4� (3.50)

< 
 > = � h(r ) = 2�

0

@1 �

s

1 �
R2

�

r 2

1

A
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< F (0) > =
1

p
�

R1
0 I disk (� ) d�

� �
=

�=�
p

�

R1
0 I disk (� ) d�

� �

where r (R � ) is the heliocentric distance of observation, � � =
p

� � 2
cor + � � 2

disk ,
� � cor and � � disk are, respectively, the 1=e half-widths of the coronal absorption
and of the chromosphericexciting line pro�les (assumedto have a Gaussianshape)
and < D > is the averageDoppler dimming factor. The resulting approximate
expressionfor the I r ad component is then:

< I r ad > = k
h� gj

16�
p

�

R1
0 I disk (� ) d�

R
LO S Ne dz

p
� � 2

cor + � � 2
disk

< D > h(r ) (3.51)

We note herethat, while the collisional component I col is proportional to � N 2
e , the

radiative component is proportional to � Ne. As a consequence,the coronal region
responsible for the observed I r ad component has a larger extensionalong the LOS
than the region whereI col originates.

3.3.1 Separation of radiativ e and collisional comp onents

The coronal intensity of strong spectral lines which are emitted also by the under-
lying chromosphereand transition region is due both to radiative and collisional
excitation processes.This is the casefor the Lyman-� � 1216�A (in the following,
Ly� ), Lyman-� � 1025�A (Ly � ) and Lyman-
 � 973�A (Ly 
 ) linesof neutral Hydrogen
and for the O vi �� 1032{1037�A doublet lines. In order to derive informations on
the plasma state it is necessaryto separatethe contributions I r ad and I col of the
observed line intensity I tot = I r ad + I col. Assumingwe observed the line intensitiesof
2 spectral linesemitted by the sameion/atom (as in the caseof Ly� and Ly� lines),
the radiative and collisional components can be computedby solving the following
linear system:

I r ad(Ly � ) + I col(Ly � ) = I tot (Ly � )
I r ad(Ly � ) + I col(Ly � ) = I tot (Ly � )
I r ad(Ly � )=Ir ad(Ly � ) = R�� r

I col(Ly � )=Icol(Ly � ) = R�� c

where R�� r and R�� c are, respectively, the expected ratios between the radiative
and the collisional components of the Ly� and Ly� lines. From theseequationswe
have

I r ad(Ly � ) = I tot (Ly � )� R �� c I tot (Ly � )
1� R �� c=R�� r

I col(Ly � ) = I tot (Ly � )� R �� r I tot (Ly � )
1� R �� r =R�� c

I r ad(Ly � ) = I tot (Ly � )R �� c � I tot (Ly � )
R �� c � R �� r

I col(Ly � ) = I tot (Ly � )R �� r � I tot (Ly � )
R �� r � R �� c

(3.52)

The collisional and radiative ratios are given by:

R�� r =
bLy �

bLy �

f Ly �

f Ly �

� Ly �

� Ly �

I disk (Ly � )
I disk (Ly � )

(3.53)
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R�� c =
bLy �

bLy �

qLy �

qLy �

where bLy � and bLy � are the Ly� and Ly� branching ratios, f Ly � and f Ly � are the
corresponding oscillator strengths, and qLy � , qLy � are the corresponding collisional
excitation rates qgj = NeCe

gj (s� 1). Hence,the radiative ratio R�� r is known, once
the disk intensities I disk (Ly � ) and I disk (Ly � ) have beenmeasured.The collisional
ratio R�� c dependson the electron temperature

qLy �

qLy �
=

ELy �

ELy �

f Ly �

f Ly �
exp

�
�

ELy � � ELy �

kB Te

�
(3.54)

whereELy � and ELy � are the energiesinvolved in the transition. Becauseof the high
coronal temperature, the value of the exponental factor is � 1 indipendently on the
precisevalue of the unknown electron temperature. We note that, becausein the
particular caseof Lyman lines is often I col(Ly � ) � 0, the proceduredescribed above
is better suitable for the other spectral line of the Lyman seriesor for the O vi ��
1032{1037�A doublet. Moreover, in the latter casethe expected ratio betweenthe
radiative and the collisional components, for negligibleplasmaout
o ws, is (Noci et
al., 1987)

I r ad(1032)
I r ad(1037)

= 4 (3.55)

I col(1032)
I col(1037)

= 2

Hence,for the O vi doublet the expectedratios are constant and independent of the
disk intensity.

We now proceedto describe the techniques to derive plasma parametersfrom
UV line intensities.

3.3.2 Plasma electron temp erature

Traditionally, temperatures in coronal streamersare calculated from the density
vs. height pro�le, under the assumptionthat the streamer is in radial hydrostatic
equilibrium. The pro�le of the electron density (Ne) vs. the heliocentric distancer
is usually deducedvia a Van de Hulst inversiontechnique (Van deHulst, 1950)from
measurements of the white light coronalpolarizedbrightness(pB) (seex 3.4). This
method allows\temp eratures" to bederivedover an extendedaltitude rangeand has
beenapplied alsorecently by Gibsonet al. (1999)to derive streamers'temperatures
(seeFigure 2.2): we refer the reader to that paper for a concisedescription of the
results.

Over a more limited altitude range(assumingionization equilibrium and all the
approximations described in the previous Sections),electron temperatures can be
derived from the line-ratio technique, whendi�erent ions from the sameelement are
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available, or from temperature-sensitive line ratios from lines of the sameion (see,
e.g., Wilhelm et al., 2002). Theseratios are independent of elemental abundances
and emissionmeasures.From equations3.47and 3.48wehave that the ratio between
spectral line intensities(formedonly by collisionalexcitation) of 2 di�erent ionization
stagesX + m and X + n of the sameelement X is simply:

I (X + m )
I (X + n)

=
< CX + m (Te) >
< CX + n (Te) >

(3.56)

which depends on the plasma temperature T and is independent of the unknown
elemental abundanceAX and the unknown emissionmeasureEM (assumingthat
the observed line intensitiesarisesfrom the sameelement of isothermalplasmaalong
the LOS). The plasma temperature can be estimated simply from a comparison
betweenthe observed and the expected line ratio computedas a function of T.

A more accurate determination of electron temperature involves the intensity
ratio of two spectral line emitted from the sameion. Indicating with j and k the
two excited levels, which (in the two level approximation) are populated only from
(and radiatively decay to) the ground level g, the ratio betweenthe corresponding
line intensities I gj and I gk is given by (seeequations3.47and 3.8):

I gj

I gk
=

� Egj

� Egk


 gj


 gk
exp

�
� Egk � � Egj

kB Te

�
(3.57)

where
 gj and 
 gk are thermally averagedcollision strengths. This ratio is sensitive
to the changein electron temperature if (� Egk � � Egj )=kB Te � 1, hence,for an
appropriate use of the technique, it is necessaryto observe spectral lines from an
ion whoseexcited levelsare well separatedin energy, hencelines which are far apart
in wavelength.

Because,as we describe in the next Chapter, the spectral intervals covered by
the UVCS instrument include spectral lines from di�erent ionization stagesof many
elements such asF e, S, Ar , Si , Ca and N i , in this work electrontemperatureshave
beenestimatedwith the line ratio technique.

3.3.3 Plasma electron densit y

Oncethe electron temperature is known, we can make an evaluation of the plasma
electron density from oxygen lines, for a static plasma, taking advantage of the Ne

and N 2
e dependenceof, respectively, the line radiative and collisional components.

Following Noci et al. (1987), the ratio betweenthe intensities of the O vi � 1032�A
and the O vi � 1037�A spectral lines can be written (consideringthe ratio between
the emissivities)as:

I (1037)
I (1032)

=
q1037 Ng + 4� Pgj

h� gj

q1032Ng + 4� Pgk

h� gk

(3.58)
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whereg, j , k indicate, respectively, the ground, lower and upper level of the tran-
sition from which the lines originate, Pgj , Pgk are, respectively, the emissivitiesof
the resonantly scatteredcomponent of the 1037and 1032doublet lines, Ng is the
population of the ground level, q1037 = Ne Ce

gj and q1032 = NeCe
gk are the collisional

excitation rates (s� 1) from the ground level and the other symbols have their usual
meaning. Equation 3.58can be rewritten as:

I (1037)
I (1032)

=
! j

! k

1 + ! j

! k
�

1 + �
(3.59)

where ! are the statistical weights of the levels and � , which represents the ratio
betweenthe collisional and radiative components of the 1032�A line, is given by

� �
I r ad(1032)
I col(1032)

= 5:75 102
� 2

gk exp Egk

kB Te

p
Te

R
gk I disk (� )d�

gNe(� � 2
cor + � � 2

disk )
1
2

�
Rsun

r

� 2

h(r ) (3.60)

whereI disk is the intensity of the exciting chromosphericline with a 1=ehalf-width
� � disk ; � � cor is the 1=ehalf-width of the coronalabsorption pro�le; g is the Gaunt
factor; h(r ) is the geometricalfactor given in equation3.50and other symbols have
their usual meaning. We point out that densitiesderived with theserelationships
are crudely evaluated becausewe madethe assumptionsthat a) the plasmais static
and b) emissionoriginatesmainly from the sameisothermal plasma.

Another technique often usedto estimate the plasmaelectron density takesad-
vantage of the peculiar behaviour of spectral lines formed from metastable levels.
As we alreadymentioned, for theselinesthe collisionalde-excitationbecomesan im-
portant depopulating mechanism: if the electrondensitiesaresmall (Ne � A j g=Ce

gj )
the line intensity I gj hasthe samedependenceon the electrondensity asan allowed
line (I gj / N 2

e ), while for larger Ne values (Ne � A j g=Ce
gj ) the metastable levels

are in Boltzmann equilibrium with the ground level and I gj / Ne. For intermediate
Ne valueswe have I gj / N �

e with 1 < � < 2. As a consequence,these lines are
density- sensitive and from the ratio of forbidden or intersystemline to allowed line
intensities it is possibleto estimate the electron density. In particular, by applying
this technique to di�erent spectral lines from the sameion it is not necessaryto
make assumptionsabout the element abundance,the ionization ratio and the size
of the emitting volume.

However, the most widely usedtechnique to derive electron densitiesis via the
emissionmeasureanalysis: for each observed spectral line intensity I gj it is pos-
sible, by assuminga priori the elemental abundanceAX and the ionization equi-
librium curve RX (Te) from prede�ned catalogues,to compute (for instance with
the CHIANTI code) the contribution function Gl ine , hence the di�erential emis-
sion measuredEM (T)=dT (see equation 3.21). By computing the contribution
function for all the observed spectral lines it is possible to determine the best-
�tting dEM (T)=dT distribution, i.e. the di�erential emissionmeasurewhich gives
the best agreement between the observed and predicted line intensities. Because
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dEM (T)=dT =
R

NeNH dz � N 2
e L, by assuminga typical value fot the depth L of

the sourcealongthe LOS, the averageplasmadensity canbeestimatedfor a rangeof
temperaturesT. In order to obtain the bestdEM (T)=dT distribution it is important
to selectspectral lines which are relatively density-insensitive (henceno metastable
levels are involved), and covering a wide range of temperatures. Large indeter-
minations may occur in temperature intervals poorly constrainedby the available
data.

3.3.4 Elemen tal abundances

The so called \absolute abundances"AX = N (X )=N (H ) (i.e. the abundancerel-
ative to hydrogen) can be derived from spectral lines formed solely by collisional
excitation, via a comparisonbetween the observed and the predicted line intensi-
ties. Given the electron temperature Te (estimated as described in x 3.3.2) and the
observed line intensity I col(X + m ) from an atom m times ionized, the only unknown
parametersin equation 3.47are the abundanceAX and the emissionmeasureEM .
Once the observed collisional component I col(H ) of an hydrogenspectral line (typ-
ically the Ly� line) has beenderived (x 3.3.1), the dependencefrom the EM can
be eliminated (assumingthat the observed emissionin the two lines arisesfrom the
samevolume of isothermal plasma) evaluating the ratio:

I col(X + m )
I col(H )

= < AX >
CX l ine (Te)
CH l ine (Te)

(3.61)

From the estimated Te value one can evaluate the contribution functions C(Te) of
the two lines (for instanceusing the CHIANTI code) and from the latter equation
the elemental abundanceAX . In the next Sectionwe describe how, with a di�erent
technique, it is possibleto estimate the oxygen abundanceindependently (in �rst
approximation) of the knowledgeof the electron temperature. We note that with
this technique it is possible,as already mentioned, to compute absolute elemen-
tal abundances,while in generalonly relative abundances(e.g. N (F e)=N (O)) are
known.

3.3.5 Oxygen elemental abundance

The absoluteoxygen abundance(i.e. the oxygen to hydrogenabundanceratio) can
becalculatedwith the method �rst describedby Raymondet al. (1997). The authors
point out that, oncethe collisional and radiative contributions to the intensities of
the oxygen lines are identi�ed, it is possibleto derive 2 di�erent estimate for the
oxygenabundance.If R is the ratio of the disk intensities in the Lyman-� and O vi
1032radiation (R = I disk (Ly � )=Idisk (1032)), the valueof the oxygenabundancefrom
the radiative( N (O)

N (H ) )r ad and the collisionalcomponents ( N (O)
N (H ) )col is given, respectively,



3.3 Plasma diagnostics from EUV observations 41

Figure 3.8: The computedratio betweenO vi � 1032�A and O vi � 1037�A line intensitiesas
a function of the out
o w plasmaspeedfor di�eren t combinations of Tk and T? obtained by
computing the integral along the LOS at 3 R� with the electron density pro�le of Fischer
& Guhatakurta (1995). In the left panel the curves have been calculated including line
pumping only by C i i � 1037�A, while in the right panel both C i i � 1037and � 1036.3have
beenincluded (from X. Li et al., 1998).

by
�

N (O)
N (H )

�

r ad

= R
I r ad(1032)
I r ad(Ly � )

CH I

COV I

bLy �

bOV I

f Ly �

f 1032

� � OV I

� � H I
(3.62)

and:
�

N (O)
N (H )

�

col

=
I col(1032)
I col(Ly � )

CH I

COV I

bLy �

bOV I

qLy �

q1032
(3.63)

where � � are the line widths and q the excitation rates. We point out that the
ratio of ion concentrations COV I =CH I over the logT interval 6:0 � 6:2 (appropriate
for coronal plasma conditions) changesby only � 10%: hence(opposite to what
happensfor the abundanceestimate of other elements), the oxygen abundancecan
be evaluated from equations 3.62 and 3.63 even if the precisevalue of Te is not
known.

3.3.6 Plasma out
o w speed

As we already mentioned in x 3.2.6, the radiative component of a spectral line is
strongly dependent on the out
o w speedof the scatteringionsbecauseof the Doppler
dimming and the line pumping processes.An important consequenceof equation
3.51 is that the ratio between the radiative components of two lines emitted from
the sameion (such as the O vi doublet lines) depends only on the ratio between
the correspondent Doppler dimming factors, henceis a function solely of the out-

o w speed. In particular, the ratio betweenthe total (i.e. radiative plus collisional)
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intensities of the O vi � 1032over � 1037lines is expectedbe ' 2 (i.e. equal to the
ratio betweenthe collisional components, seeequation 3.55) for very hight out
o w
speeds,becausethe radiative components are completely smearedout by Doppler
dimming; on the contrary, for negligible out
o w speedswe expect to observe an
higher ratio, closerto the upper limit 4 (i.e. the ratio betweenthe radiative compo-
nents). By taking into account also the line pumping, it is possibleto compute the
expectedratio asa function of the out
o w speed(Figure 3.8). Thesecurvescan be
usedto estimate,from the observed ratio, a possiblevalue for the out
o w speed: for
instance, ratios larger than � 2:5 typically implies an out
o w speed smaller than
100 km/s, while valuessmaller than 1 are reached only at larger speeds.However,
asshown in Figure 3.8, temperature anisotropiescansigni�cantly a�ect the Doppler
dimming and pumping and subsequently increasethe observed line ratio expected
for a given velocity.

3.4 White ligh t contin uum emission

As we anticipated in x 3.1, the observed solarcoronacontinuum emissionarisesfrom
the superposition of two di�erent components: the K-corona and the F-corona. In
this Sectionwe focuson the formation and propertiesof the observedK-corona. The
K component is observedat all position anglesanddecreasesmuch morerapidly with
height than the F-corona, which is concentrated toward the plane of the ecliptic.
The mechanism that producesthe K-corona emissionis the Thomsonscattering by
coronal electrons: the classicalThomsondi�erential crosssection� T (cm2 sr� 1) for
the elastic scattering of plane polarized photons is:

d� T

d

= r 2

e

�
1 � sin2 � cos2 �

�
(3.64)

where � is the angle between the plane of the incident electric vector and the s-
cattering plane, � is the photon scattering angle and r e = e2=(me c2) (cm) is the
classicalelectronradius. The above expressionmaximizeswhen the photon scatters
in the plane normal to the polarization plane. The total Thomsoncrosssection� T

integrated over all angles,is:

� T =
8�
3

�
e2

me c2

� 2

=
8�
3

r 2
e (3.65)

The electric �elds of the incomingand of the observed beamscanbe divided into the
\radial" components (i.e. those in the plane de�ned by the incoming and observed
beams) and those normal to that plane referred to as \tangential" components.
The scattering electron is acceleratedin the direction of the oscillating electric �eld
and the resulting dipole radiation (mainly emitted in the direction perpendicular to
its motion) is then polarized (seeFigure 3.9). In particular, if � dt dV d
 d� is the
energyscatteredby a volume element dV in time dt into a solid angled
 between
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Figure 3.9: Geometry of the formation by Thomson scattering of the radial component
of the scattered electric �eld.

wavelengths � and � + d� (where � is the emission coe�cient ), the observer can
de�ne two emissioncoe�cien ts, � r and � t , corresponding, respectively, to radially
and tangentially polarized light (Figure 3.9). For unpolarized incident light, these
are given by:

� t =
�
2

I 0 r 2
e Ne (3.66)

� r =
�
2

I 0 r 2
e Ne cos2 �

where I 0 (erg cm� 2 s� 1 �A � 1) is the incident 
ux (center disk intensity). As a
consequence,there are a tangentially and a radially polarizedbrightnesscomponent
I t and I r which are given by:

I t = �
2 � T I 0 Ne [(1 � u)C(r ) + uD(r )]

I t � I r = �
2 � T I 0 Ne sin2 � [(1 � u)A(r ) + uB(r )]

(3.67)

whereA, B , C and D are functions of the solid angle
 subtendedby the solar disk
at the scattering point and u = 0:63 is the limb darkening coe�cien t in the visible
wavelength of interest. The polarized and unpolarized brightness (I p and I u) are
given by:

I p = I t � I r

I u = 2I r
(3.68)

henceI p is the di�erence between the intensity of white light radiation polarized
along the radial to the sun (I r ) and the tangential (I t ) to the solar limb. Finally,
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the observed polarizedbrightnesspB (usually normalizedto the meansolar surface
brightness �B � ) at an heliocentric distanceof observation � is givenby an integration
of I p along the LOS (Cranmer et al., 1999):

pB(� ) =
�
2

� T
�B �

Z + 1

�1
Ne(z)

�
(1 � u)A(r ) + uB(r )

1 � u=3

�
� 2

r 2
dz (3.69)

where z =
p

r 2 � � 2 and the expressionsfor function A(r ) and B(r ) are given
later on (seex 6.6, equations6.2 and 6.3). The factor 1=(1 � u=3) arisesfrom an
average,over the solid anglesubtendingthe solar disk, of a disk luminosity function
I = I 0 (1 � u + u cos� ) (which takesinto account of the limb darkening), where� is
the anglebetweenthe radial to the disk sourcepoint and the radial to the scattering
point.

The pB at a given point � on the planeof the sky is measuredby acquiring three
white light intensities at that point (I � , I � and I 
 ) with three di�erent orientations
(� , � and 
 ) of a linear polarizer; the solution of a set of three linear equations
expressingthe unknown components (I ; Q; U) of the Stokesvector as a function of
the intensities I � , I � and I 
 gives the observed pB =

p
Q2 + U2. From the pB

valuesit is possibleto estimate the coronalelectrondensity Ne with the advantage,
with respect to the techniqueswhich useEUV spectral lines, that the pB depends
solely on the elecrondensity distribution Ne. However, in order to invert the above
integral we needan a priori expressionfor the dependenceof Ne on latitude and
longitude. This canbe donein several ways, from simplesphericalsymmetric model
(Van de Hulst, 1950), to axisymmetric model, to more complexmodels which take
into account largescalestructuressuch ascoronalstreamersor polar plumes(Romoli
et al., 1993;Romoli et al., 1997;Strachan et al., 1993). For instance,by assuminga
sphericallysymmetric density distribution Ne(r ), the pB integral may be written as
an Abel's integral equation(Strachanet al., 1993);assuminga polynomial expression

pB(� ) =
mX

i =1

ai � � bi (3.70)

for the observed pB, the electron density can be written as a simple polynomial
function of the (ai ; bi ) coe�cien ts (seee.g. Strachan et al., 1993;Guhathakurta et
al., 1996),of A(r ), B (r ) and u. The coe�cien ts (ai ; bi ) are evaluated by �tting the
measuredpB vs. � curve, leadingto an estimateof the Ne(r ) pro�le. Measurements
of the pB(� ) vs. � pro�les at di�erent coronal latitudes can be used to �nd, in a
similar way, an axisymmetric 2-dimensionalpro�le Ne = Ne(r; � ) which gives also
the density variations with latitudes � .

The techniquesdescribed above are valid only at the minimum of solar activit y,
whenthe coronatypically shows largeloop (closedmagneticgeometry)structuresor
helmet streamersnear the equatorand coronalholes(openmagneticgeometry)near
the poles. Hence,thesetechniquescannotbe applied in caseof transient phenomena
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such as CMEs, when the hypothesisof axy- or sphericalsymmetric density distri-
bution is obviously no longer valid and a 3-dimensionalreconstruction of coronais
needed.Recently Moran & Davila (2004)presented a technique to reconstruct from
LASCO imagesthe 3-dimensionalstructure of CMEs. The theorical ratio r = I p=Iu

of polarizedto unpolarizedelectronscatteredbrightnessis independent on the elec-
tron density (seeequations3.67, 3.68) and is a monotonically decreasingfunction
of z along the LOS; hence,from a comparisonbetweenobserved and theorical ratio
it is possibleto estimate the averageposition z along the LOS of the emitting plas-
ma. However, the Moran & Davila (2004) technique requiresthe knowledgeof the
observed intensities I � , I � and I 
 , while in somecasesonly the calibrated pB mea-
surement is available and the ratio r cannot be estimated. Hence,when analyzing
white light CME data (seelater, x 6.7) we will describe a simple technique we used
to evaluate, from the observed pB, the electron density in CMEs.
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Chapter 4

Instrumen tation and Data
Reduction

All studiescarried out for this Thesismake useof data collectedby the UltraViolet
Coronagraph Spectrometer (UVCS) aboard the Solar & Heliospheric Observatory
(SOHO). After a brief description of the SOHO mission(x 4.1), we review the main
characteristicsof the UVCS instrument (x 4.2) and standard techniquesusedin the
UVCS data reduction (x 4.3). For a better and more thorough interpretation of
data, we made use also of data collected by other instruments aboard the SOHO
spacecraftsuch as the Large Angle Spectroscopic COronagraph (LASCO), the Ex-
tremeultraviolet Imaging Telescope (EIT) and the Magnetic Doppler Imager (MDI)
which are alsobrie
y described in the last Section(x 4.4).

4.1 The SOHO mission

The SOHOmission1 hasbeendesignedto study the internal structure of the Sun,the
solar coronaand coronalheating processes,the origin and accelerationmechanisms
of the solar wind (Domingo et al., 1995). The mission was born from a project
of international cooperation betweenESA and NASA; the satellite payload include
twelve instruments for solar wind in situ measurements, and for solar corona and
helioseismologyremote sensingobservations. SOHO contains the largest complex
of instruments for solar physicspurposessincethe SkylabATM was launched more
than 30 yearsago(seeChapter 1).

The satellite was launched on December 2, 1995from Cape Canaveral (US) and,
after a transfer tra jectory, reached a stationary (i.e. three axis stabilized) halo
orbit around the Earth-Sun Lagrangian point L1 (see Figure 4.1), at a distance
of about 1:5 � 106 km sunward from the Earth. During its orbit around L1 (with
a period of about 180 days) the satellite is constantly pointing to the Sun center
with an accuracyof 10" and a point stabilit y of 1" per 15 minutes interval. This

1seehttp://soho www.nascom.nasa.gov/ for more detailed informations.
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Figure 4.1: The SOHO transfer orbit to the Lagrangian point L1 and its orbit around
it.

peculiar position gave many advantages to SOHO: �rst, while observations from
Earth-basedobservatories and Earth satellites are can be madeonly during \day"
time, from the L1 point SOHOhave the possibility to observe the Suncontinuously.
Second,becausethe L1 point is far outside the Earth magnetosphere,the in situ
measurements of solar wind plasma properties detect solely the plasma from the
Sun. Moreover, the small Sun-spacecraftvelocity changesthroughout the orbit are
appropriate for helioseismology.

The mission, was initially designedfor two years life; then, the ESA Scienti�c
Program Committee (SPC) approved the 5 years SOHO mission extension (from
May 1998to April 2003). Finally, at the beginningof 2002,a further extensionuntil
March 2007hasbeenapproved. This eleven yearslifetime will provide coverageover
a full solar cycle.

In the following we describe the UVCSexperiment and other SOHOinstruments
whosedata have beenusedin this Thesis.

4.2 The SOHO/UV CS instrumen t

4.2.1 The spectrometer UV and WL channels

The UVCS is a coronagraphspectrometerdesignedfor UV spectroscopy and visible
light polarimetry of the extendedsolar corona. The primary scienti�c objectivesof
this instrument are to identify and give the physical condition of the sourceregion
of solar wind, to study the wind accelerationmechanismsand the possiblecoronal
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Figure 4.2: The �eld of view (FOV) of the three UVCS channels.

plasmaheating processes.
The instrument consistsof three externally and internally occulted telescopes

and a high resolution spectrometer assembly. The telescopes focus co-registered
coronal imagesonto the three entrance slits of the spectrometer assembly which
consistsof three channels:

� The Lyman � channel, which is optimized for the observation of the neutral
hydrogen Lyman-� � 1216 �A spectral line and used also for observations of
other lines in the spectral range 1145 { 1287 �A (since november 1998 this
channel has been turned o� becauseit draws about 50% of the maximum
current; the Lyman � line is alsoobserved with the O vi channel)

� The O vi channel, which is optimized for observations in the spectral range
aroundthe O vi 1031.90�A/ 1037.63�A doublet and coversthe interval between
937�A and 1126�A, in the �rst order and the interval from 469to 563 �A in the
secondorder. An additional mirror betweenthe spectrometergrating and the
detector allows observations at longer wavelengthswhich include the neutral
hydrogenLy� 1215.67�A line (redundant channel).

� The white light channel(WLC), which is a coronagraphpolarimetermeasuring
the polarized intensity of the K-corona in the wavelength band from 4500to
6000�A.

The UVCS �eld of view (FOV) is shown in Figure 4.2: the instantaneousFOV
of the two UV channels is given by the projected length of the spectrometer slit
(40 arcmin) times the selectedslit width, while the FOV of the WL channel is
a 14"� 14" spatial �eld at the center of the instantaneous UV FOV. The UVCS
pointing mechanism can be usedto move the instantaneousFOV between1.4 and
10 R� ; moreover, the FOV can be rotated about the Sun-center in order to observe
the full corona.
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Figure 4.3: Top: UVCS diagram. Bottom left: isometric display of the imaging proper-
ties between the two stigmatic points � � 0. Bottom right: schematic of the spectral and
spatial imaging of a single toric grating (from Kohl et al., 1995).

4.2.2 Instrumen t description

The UVCS instrument (Figure 4.3) consistsof three very similar telescopes; the
primary optical components are the rectangular entrance aperture (the external
occulter), the telescope mirror, the internal occulter, the entrance slit ba�e, the
entrance slit and the sunlight trap. The external occulter consistsof three knife
edgesthat limit the FOV and the amount of solardisk light and shieldsthe telescope
mirrors from direct sunlight. The light from the solar disk is attenuated by a series
of three ba�es and a sunlight trap that reducesthe stray light by multiple re
ections
from low re
ectivit y plates.

The coronal radiation is then focussedonto the specrometer entrance slit by
the spherical telescope mirror with a focal length of 750 mm; the segment of the



4.2 The SOHO/UV CS instrumen t 51

Channel Ly� O vi
Ruling frequency 2400l/mm 3600l/mm
Incidenceangle � 12.85� 18.85�

Di�raction angle� 3.98� 2.78�

Rh 750mm 750mm
Rv 729.5mm 708.9mm
Reciprocal dispertion 5.54 �A/mm (1st order) 3.70 �A/mm (1st order)
Spectral bandwidth of pixel 0.14 �A(1st order) 0.0925�A(1st order)
Spatial widht of pixel 7" (0.025mm) 7" (0.025mm)

Table 4.1: UVCS channelsoptical parameters(from Kohl et al., 1995).

coronal image entering the slit corresponds to the UVCS instantaneousFOV and
by rotating the mirror it is possibleto selectdi�erent portions of the solar corona.
An internal occulter over the mirror intercepts the portion of light scattered and
di�racted by the external occulter otherwise be re
ected re
ected by the mirror
through the entrance slit. The width of the slit (measuredwith an error of � 1 � m)
can be adjusted to optimize the spectral resolution and count rate requirements for
a particular observation.

The roll mechanismcanrotate the telescope assembly over a � 179:7� rangewith
a rotational position control of � 0:1� and a baselinerotation rate of 8� /min ute.

The UVCS imaging properties are shown in the bottom panels of Figure 4.3.
Both spectrometerschannels use toric gratings (i.e. with two curvature radius)
mounted in the Rowland-circlecon�guration (i.e. entrance slit, grating and detector
on a circle whosediameter 2R equal to the horizontal radius Rh of curvature of the
grating). This con�guration guaranteesstigmatic spectral imaging and reducesthe
number of optical surfacesintercepted by the coronal light, an important factor
becauseof the relatively low re
ection coe�cien ts in the UV wavelengthdomain. In
order to reducethe aberrations, the di�raction angle� hasto benearzero(measured
from the grating normal) and it is necessaryto keepthe incidenceangle� small (see
Figure 4.3). The vertical (i.e. spatial) radius of curvature Rv of the grating is
smaller than the horizontal one(seeTable 4.1) and the vertical (i.e. the stigmatic)
focal plane intersectsthe Rowland circle at angles� = � � 0, which de�ne the two
stigmatic points (Figure 4.3). In this geometry, provided � 0 is small, it is possible
to have e�ective stigmatic imaging over a sectionof the Rowland circle on the order
of � 2R� 0 = Rh � 0. In order to cover a wide spectral range, the grating can rotate
aroundan axisnearly perpendicularto the bisectorof the anglebetweenthe incident
and di�racted rays (seeFigure 4.3) keepingthe best spectral focuson the detector.
An additional grazingincidencemirror in the O vi channelbetweenthe grating and
the detector allows for observations of the Ly� line; the de
ected spectral range is
called redundant channel.

The UV detectorsare two dimensionalphoton counting microchannelplate sen-
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sors with electronic readout (Siegmund et al., 1994). The detector has physical
dimensionsof 26 mm � 9 mm, electronically digitized to 1024� 360 pixels (1024
pixels in the spectral direction and 360 pixels in the spatial direction); each pixel
has physical dimensionsof 25 � 25 � m2, which correspond to a projected angular
resolution of 700� 700. Incoming photons interact with a photocatode and the subse-
quent photoelectron emissionis followed by a chargeavalanche which results in an
overall chargemultiplication of � 2� 107. A wire grid in front of the O vi detectorat
a distanceof 9 mm from the microchannel plates (biasedat +15 V) attenuates the
low energyionswhich enter the detectorand possibleelectric induction e�ects. This
grid producesa shadow on the detector reducingthe intensity of somespectral lines
(seex 4.3); the averagedistance between two adiacent wires is about ' 95 pixels
(Naletto, 1996). For each observation it is possibleto selectea \detector mask"
which de�nes the active area on the detector (up to 5 areascan be de�ned) and
speci�es the spatial and spectral pixel binning.

4.2.3 Stra y ligh t suppression

An important problem for an o�-lim b spectrometer is the suppressionof the stray
light, that is the percentage of the disk light that, leaking through the optics, re-
sults in an overestimateof spectral line intensities and changesin the line pro�les.
Stray light may reach the detector in two di�erent ways: 1) entering the instrument
directly and 2) being di�racted by the edgesof the entrance aperture and/or re-

ected/di�racted by other optical elements. The �rst component is totally removed
by a light trap that absorbsor re
ects away this radiation. The secondcomponent
includes also the radiation scattered from the light trap and/or di�racted o� the
external occulter, radiation from multiple non specular re
ections o� structural ele-
ments and other processes.This component can only be reducedby con�guring the
instrument optical geometry: UVCS hasbeendesignedin such a way that the level
of stray light is lower than most coronal signals. As revealedby laboratory tests,
the dominant stray light contribution comesfrom just inside the solar limb (Romoli
et al., 1993),henceit decreaseswith the increasingobservation height over the solar
limb.

The percentage of stray light on the detector can be estimated using the so
called stray light monitor lines, i.e. spectral lines which form at low chromospheric
temperaturesand shouldnot beobserved in corona,for examplethe C i i i � 977�A line
observed in the O vi channel. For each spectral line the stray light contribution I str

to its total intensity can be calculatedfor instancefrom the C i i i observed intensity
I obs(C I I I ) as

I str = I disk
I obs(C I I I )
I disk (C I I I )

(4.1)

where I disk and I disk (C I I I ) are, respectively, the disk intensities of the considered
and C i i i spectral lines. The latters have beenmeasuredfor instanceby Vernazza&
Reeves(1978)usingSkylabdata. With this techniqueit hasbeenpossibleto estimate
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Figure 4.4: The measured fraction of stray light (see text) at di�eren t heliocentric
distancesand the exponential �t to the data (dashedline).

the fraction of stray light on the UVCS instrument asa function of the heliocentric
distanceof observation (Figure 4.4). With an exponential �t to thesemeasurements
(data from L. Gardner, personalcommunication) we obtain the following expression
for the stray light contribution (seeFigure 4.4):

log(f str ) = � 20:7 + 71:2e� 1:46r =R� (4.2)

wherer is the heliocentric distanceof observation and f str is the stray light fraction
(I str = I obs � f str ).

4.3 UV CS data reduction

Beforestarting the data analysis,it is necessaryto follow a seriesof standard pro-
ceduresto calibrate the data; this is doneusing the UVCS Data Analysis Software
(DAS) developed by the UVCS scienceteam and written in IDL language. The
UVCS data are stored in FITS format and the �le are uncalibrated (row data in
counts/pixel). Hence,the �rst step is the so called \instrumental calibration" pro-
cedure,which converts all parametersusedfor the observations and storedin the �le
header(i.e. slit width, slit position, exposuretime, etc...) in physical units readable
for the user. The secondstepcorrectsexposuresaltered by cosmicray impacts (typ-
ically no more than oneor two exposuresover a wholedatasetof many hours). The
third step is the correction for the 
at �eld. Hence,using the DAS code, the user
may perform the wavelengthcalibration (which converts spectral bins in �A both for
the primary and redundant channels) and radiometric calibration (which converts
line intensities from counts/pixel to photons cm� 2 s� 1 sr� 1 �A � 1). From a combina-
tion of laboratory pre-
igh t calibrations and in 
igh t observations it turns out that
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UVCS radiometric calibration have a relative uncertainty of 20 { 22% for the �rst
order and of 50%for the secondorder spectral lines. Moreover, becausevariations in
the pixel to pixel responseon the detector are (for the O scvi channel) on the order
of � 5% (hencemuch smaller than the radiometric uncertainty), for essentially all
analysesthe 
at �eld correction is not made,and the above additional uncertainty
is adopted (Gardner et al., 2000).

After theseprocedureshave beencompleted,the data still contain instrumental
e�ects that arenot correctedby the DAS code. Oneof thesee�ect is the presenceof
imperfectionsin the di�raction grating which producea deviation of the di�raction
pattern from that of pure points to blurred-out points. As a consequence,some
photonsof a spectral line may be scatteredonto the detector at di�en t wavelengths
and createa \false" spectral line known as grating ghost. In UVCS, this occurs in
particular for photons from the extremely bright Ly� and O vi spectral lines; these
ghostscan be removed whenever their position is known.

Another instrumental e�ect that should be consideredis the non perfect aligne-
ment of the grating grids with the columnsof the detector. The consequenceof this
error is that the line centroids progressively shift moving along the slit from one
to the other side. For instance, for the Ly� line we measureda relative line shift
betweenpro�les at the two oppositesidesof the slit of about 0.25�A. This e�ect can
be eliminated by measuringin each spectrum only relative shifts betweenspectral
lines.

As we already mentioned, a further instrumental e�ect that one has to take
care is the dispertion producedby the wire grids. The result is a sharp drop of the
intensity at almostequi-spacedpoints alongthe spectrum (the non perfectregularity
of spacingis due to the e�ect of the light re
ected by the mirror that generatesthe
redundant channeland that hasdi�erent incomingdirection from that of the primary
spectrum). If the shadow falls on a spectral line, its use becomesquestionable,
becauseboth its intensity and pro�le are a�ected.

Finally, a fourth instrumental e�ect that has to be consideredwhen measuring
spectral line widths is the instrumental line broadening.As we mentioned at the end
of x 3.2.7,the observed pro�le is a convolution betweenthe line emissionpro�le and
the instrumental pro�le. In the particular, the FWHM of the instrumental pro�le
(seeequation 3.46) � � inst can be expressedas (Kohl et al., 1999)

� � inst =

vu
u
t (� � iw )2 +

2
3

ln 2

"

P2 +
�

W
0:025mm

� 2
#

(pixels) (4.3)

where � � iw is the instrumental line width, P is the number of pixels per bin and
W is the slit width in mm. The � � inst is the factor that has to be subtracted in
quadrature from the width obtained by the line pro�le �tting.
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FOV Occulter Spectral CCD Pixel Brightness
(r=R� type bandpass array size range(B � )

C1 1.1 - 3.0 Internal Fabry-Perot 10242 5.6" 2 � 10� 5 � 2 � 10� 8

C2 2.0 - 6.0 External Broadband 10242 11.4" 2 � 10� 7 � 5 � 10� 10

C3 3.7 - 32 External Broadband 10242 56.0" 3 � 10� 9 � 1 � 10� 11

Table 4.2: LASCO telescopesoptical characteristics (from Brueckner et al., 1995).

4.4 Other SOHO instrumen ts

In the following we give a brief description of the other SOHO instruments whose
data have beenusedduring this Thesis.

4.4.1 LASCO

The LASCO instrument aboard SOHOconsistsof three optical systems(C1, C2 and
C3), each equipped with its own 1024� 1024pixel CCD camera.The C1 telescope
is an internally occulted coronagraphobserving the white light corona with �eld
of view that goes from 1.1 to 3.0 R� , while C2 and C3 telescopes are externally
occulted coronagraphsobservingthe white light coronarespectively from 2.0 to 6.0
R� and from 3.7 to 32.0R� . The \synoptic" observations are madewith C2 using
an orange�lter (� � 540 { 640 nm) while C3 observeswith a clear �lter (� � 400
{ 850 nm). Typical LASCO data consist of a sequenceof imagestaken at a rate
of about 1 each 24 minutes, typically viewed as \movies". Table 4.2 summarizes
the designparametersof the three coronagraphs;for a more completeinstrumental
description seeBrueckner et al. (1995).

4.4.2 EIT

The EIT (Delaboudini�ere et al., 1995) instrument imagesthe solar corona in four
narrow passbandscentered on the He i i � 304�A, Fe ix / x � 171�A, Fexi i � 195�A and
Fe xv � 284�A spectral lines using multila yer �lters in normal incidenceto separate
the wavelengthbands. The correspondingpeaktemperaturesare, respectively, 8�104

K, 1:3 � 106 K, 1:6 � 106 K and 2 � 106 K, hence imagesacquired with the He i i
�lter refers to the chromosphericlevel, while the other three �lters give imagesof
corona/transition regionboundaries,quiet coronaand active regions.The EIT �eld
of view is a 45 arcmin squareand the disk imagesare focusedon a 1024� 1024
pixel CCD camera; the spatial resolution is limited only by the 2.6 arcsecpixel
sizeof the CCD. As for the LASCO instrument, EIT data are typically viewed as
\movies" with a time resolutionof 12min. and a pixel resolutionsometimesreduced
to 512� 512to keepthe �le sizereasonable(160 - 200Kbyte).
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4.4.3 MDI

The MDI instrument measuresline-of-sight motions (Dopplergrams),magnetic�eld
(magnetograms),and brightnessimagesin full disk. The instrument imagesthe Sun
on a 1024� 1024pixel CCD cameraand canobserve in either two spatial resolutions:
the full disk path (FD) has a FOV of 340 � 340 with 4" resolution, while the high
resolution path (HR) is magni�ed by a factor of 3.2 to provide 1.25" resolution
on a 110 � 110 FOV centered about 160" north of the equator. These imagesare
acquiredin the spectral range6767.8�A � 190m�A (centered on the Ni i 6768�A mid-
photosphericabsorption line) through a seriesof increasinglynarrow spectral �lters.
Its �lter system allows narrow band (94 m�A) �ltergrams to be made anywhere
in the vicinit y of the Ni i line using a pair of tunable Michelson interferometers;
combining data from these�ltergrams (typically �v e, 1 in the continuum, 2 on the
line wings and 2 about the line core) MDI givesan estimateof the Doppler velocity
and the continuum intensity. Moreover, several time each day circular polarizersare
inserted and a longitudinal magnetogramis constructedby measuringthe Doppler
shift separately in right and left circularly polarized light: the di�erence between
thesetwo is a measureof the Zeemansplitting and is roughly proportional to the
line of sight component of the magnetic �eld (averagemagnetic 
ux). For a more
completeinstrumental description seeScherrer et al. (1995).

Figure 4.5 shows an exampleof LASCO, EIT and MDI data for the sameday.
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Figure 4.5: Top row: LASCO/C2 (a) and C3 (b) observations on January 29, 2003
respectively at 17:26 and 21:54 UT; the white circle gives the sun size inside LASCO
occulting disk, North is up. Middle row: EIT Fe ix � 171�A (c) and He i i � 304�A(d) on
January 29, 2003respectively at 19:00and 13:00UT. Bottom row: MDI magnetogram(e)
and continuum intensitygram (f ) on January 29, 2003respectively at 20:48and 22:24UT.
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Part I I

Observ ations & Results





Chapter 5

Temp oral evolution of a streamer
complex

In this secondPart we present the results we obtained from an analysisof UVCS
datasetsusing the plasma diagnostic techniques described in x 3.3. In particular,
thesehave beenapplied to the study of the following structures: a coronalstreamer
complex (this Chapter), the early evolution of a CME observed in the low corona
(Chapter 6) and the coronalrestructuring following a di�erent CME event (Chapter
7). Moreover, in the last Chapter (8), we show how the UVCS instrument hasbeen
usedalso to a observe sungrazingcomet and how, from theseobservations, it has
beenpossibleto derive both cometary and coronal plasmaparameters.

This secondPart is then organizedas follows: for each of the above arguments
we review the actual knowledgein the literature and the unanswered questionswe
want to addresswith our data. Then, after a conciseillustration of our datasets,we
discusshow the diagnostic techniqueshave beenadapted to the di�erent casesand
we concludewith a description and discussionof our results.

5.1 In tro duction

We �rst will show how the techniques described in Chapter 3 can be applied to
quiescent structures such as coronal streamers. As we said streamersare the most
prominent featuresof the coronaand have beenlong observed in eclipseeven before
the spaceera started accumulating a really large amount of data on these struc-
tures. In spite of being the brightest and hencethe most easily observable coronal
structures, there a number of areaswhere work has still to be done. Past studies
focussedmainly on solar minimum streamers: the most complete set of data was
collectedduring the Whole Sun Month campaign(Galvin & Kohl, 1999) in several
experiments. Temperaturesand densitiesgiven in Chapter 2 have beenderived from
data collectedduring this campaign,and refer to a streamerobserved in 1996(i.e.
at the last solar minimum). Elemental abundances,kinetic temperaturesand out-

o w velocities have beengiven, still for minimum structures by J. Li et al. (1998),
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Feldman et al. (1998, 1999) and Strachan et al. (2002). These extensive analy-
sesstill leave areaswhereour knowledgeof the physical parametersof streamersis
incomplete. Little do we know, for instance,about pro�les of density and temper-
ature acrossstreamers,about the evolution of theseparametersduring streamers'
lifetime, or about the association of slow wind with streamersand, in particular,
with streamerslegs. Becausethe site where slow solar wind originates is still un-
known, a comparison(seex 2.4) betweencoronaland slow wind in situ abundances
may provide information on this issue. Raymond et al. (1997) from the apparent
similarity betweenslow wind abundancesand streamerslegs,claim theseregionsto
be sourcesof this component of the solar wind. However, becausethis conclusion
has beenchallengedby someauthors (seee.g. Marocchi et al., 2001), the problem
is still open.

It is well known (seee.g. Schmelz,1999)that the coronal to photosphericabun-
danceratio dependson the First Ionization Potential (FIP) of the element, the ratio
for elements with low FIP (� 10 eV) being larger than that for high FIP elements
(FIP e�ect). Measurements of the FIP e�ect in the wind and in the corona con-
�rmed fast wind to originate in coronal holes, while the association between FIP
e�ect in streamersand slow wind hasnot beenthoroughly analyzed. Moreover, few
studiesaddressedthe problem of FIP e�ect in streamersat altitudes above 1.5 solar
radii.

5.2 The goal of our observ ations

In this work, we analyzea streamercomplexwhich hasbeenobserved by UVCSover
about oneweek,in June 2000,closeto the peakof the solar activit y cycle. Purpose
of the present study is: to derive temperatures,densitiesand elemental sbundances
in streamersobserved close to the time of maximum solar activit y - which may
be useful to understand the evolution, if any, of streamerswith solar cycle - and
evaluate the variation of theseparametersacrossstreamers,which is poorly known
and may help us understand their structure. The choice of the time interval over
which data weretaken hasbeendictated by the occurrenceof a SOHO-Sun-Ulysses
quadrature (see,e.g. Suesset al., 2000). This is a geometricalcon�guration where
coronal plasma observed remotely by SOHO experiments is later sampled in situ
by Ulyssesinstrumentation. Hence,taking advantage of this con�guration, we plan
to compareabundancesin streamerswith abundancesmeasuredin situ by Ulysses:
this, aswe just said, providescrucial information for the identi�cation of the source
of slow wind.

In the following Sectionswe �rst discussthe temporal evolution of the streamer
complex, at altitudes above 2 solar radii, by analyzing LASCO C2 images(x 5.3).
This helps us understand which structures UVCS is sampling, when observingat
lower altitudes. In x 5.4 we describe UVCS observations, while in x 5.5 we describe
the electrondensities,temperaturesand elemental abundanceswe derived from our
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Figure 5.1: Left: LASCO C2 imagesfrom June 10 to June 16, 2000. Labels A, B, B'
identify di�eren t streamers(see text), the radial to Ulyssesis shown, together with the
position of the UVCS slit. Right: a composite image for June 12, 2000,showing the low
corona from a Mauna Loa white light image and, superposed, the outer corona from a
LASCO C2 image. The Figure shows that the LASCO C2 streamers in the south-east
quadrant do not extend radially inwards.

analysisof UVCS data. We give alsoan estimateof FIP e�ect in our streamersand
in the next Section(x 5.6) we comparecoronaland in situ abundances.A discussion
of our results completesthe work (x 5.7).

5.3 Streamer evolution from LASCO C2 images

In June 2000,at the time of the SOHO-Sun-Ulyssesquadrature, Ulysseswas at a
southern latitude of 58.2� , o� the easternlimb of the Sun. Hence,in the following,
we consideronly what's happening in the south-Eastquadrant of the corona.

Figure 5.1 (left panels) illustrates the coronal evolution in that quadrant, from
June 10 to June 16, 2000; superposedon each image, we give also the radial to
Ulyssesat a latitude of 58.2� , and the position of the UVCS slit (set normal to
the radius, at heliocentric distancesof 1.6 and 1.9 solar radii). On June 10 the
mid-latitude streamer labeled B' (Figure 5.1) is going through a disruption, which
modi�es the coronalmorphology, over that quadrant, and makesit di�cult to iden-
tify individual streamerson LASCO imagesof the next day (June 11). The lower
latitude streamerwhich shows up after the streamerdisappearanceof June 10 will
be hereafterdubbed streamerB (that is, B is a newly formed structure). Starting
from June 12, it is easyto identify two streamers{ labeled A, B, in Figure 5.1 {
which move apart in subsequent days. On June16{ 17,streamerB eventually slides
o� the UVCS slit. A and B appear to separatewith time becauseA, rooted on the
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back sideof the Sun, is draggedeastward by solarrotation, while streamerB, rooted
on the front side of the Sun, is draggedwestwards. On June 13 the two streamers
are superposedalong the line of sight and are not individually identi�able. Because
on June 10 the streamerA is more or lesslying along the radial through the south
pole and consideringthe time it takes to drag it by solar rotation from its polar
position to the limb of the Sun, we surmisethat on June 16 and/or early on June
17 streamerA is in the plane of the sky, possibly face-on,with emissionfrom other
structures contributing to the asymmetric brightness emissionon its low latitude
edge.

Our analysiswill focuson streamersA and B, from 11 June onwards. However,
becausethe UVCS slit is about � .5 (or � .2, when UVCS makesobservations at
the higher level) solar radii below the baseof LASCO C2 images,the inclination of
the streameraxes,with respect to the radial, is relevant for a correct interpretation
of UVCS data. To this end, Mauna Loa limb imageshelp us understandthe coronal
white light morphology below 2 solar radii. Unfortunately, Mauna Loa data are
available only for 11 and 12 June 2000;Figure 5.1 (right panel), where composite
Mauna Loa and LASCO C2 imagesareshown, revealsthat streamersare not radial:
this hasbeentaken into account when analyzing UVCS images.

5.4 UV CS observ ations and data analysis

As mentioned, the UVCS slit (100 � m wide) was centered at a southern latitude
of 58.2� , with its center at altitudes of 1.6 and 1.9 solar radii. Spectra have been
acquiredwith the O vi channelusing di�erent grating positions, in order to cover a
more extendedspectral range and obtain lines from as many elements as possible.
Typical observation times, for each grating position, are 7200s. Table 5.1 give the
list of the emissionlines we observe. Data, with a spatial resolution of 70" and
a spectral binning of 0.1986�A in the primary and of 0.1830�A in the redundant
channel,have beenacquiredon June10 { 13 and 16, at an altitude of 1.6solar radii,
and on June 12 { 14 and 17, at an altitude of 1.9 solar radii.

The strongest lines in the recordedspectral range are the H Lyman-� and the
O vi lines. Two sample spectra at two di�erent grating positions are shown in
Figure 5.2. Other ions, like Si xi i have a 10 times lower emissionthan O vi lines,
but are still easily distinguishable. Total line intensities were computed summing
over all the bins alongthe line pro�le. The background level hasbeenestimatedfrom
spectral intervals devoid of lines and it hasbeensubtracted from the line intensity.

Table5.1shows that in our data we have spectral lineswhich originate from ions
forming at quite di�erent temperatures: for instance,in ionization equilibrium, the
O vi 1032�A emissivity peaksat a temperature of 3 � 105 K, while the Si xi i 520.67
�A emissivity peaksat a temperature of 2 � 106 K, with appreciableemissionfrom
plasmasat temperaturesas high as 2 � 107 K. A comparisonbetweenthe observed
line intensity distributions along the UVCS slit of the O vi and Si xi i lines shows
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� obs (�A) � I D (�A) Ion Transition logTmax

972:51 972:54 H i Ly
 4.5
974:08 487:03 Fe xi i i 3s23p2 3P2 � 3s3p3 5S1 6.2
976:99 977:02 C i i i 2s2 1S0 � 2s2p1P1 4.8
998:76 499:37 Si xi i 1s22s 2S1=2 � 1s22p2P3=2 6.3
1018:77 1018:60 Ar xi i 2s22p3 4S3=2 � 2s22p3 2D5=2 6.3
1020:05 510:05 Fe xi i i 3s23p2 3P2 � 3s3p3 5S2 6.2
1025:69 1025:72 H i Ly� 4.5
1028:04 1028:04 Fe x 3s23p43d 4D7=2 � 3s23p43d 4F7=2 6.0
1031:90 1031:91 O vi 1s22s 2S1=2 � 1s22p2P3=2 5.5
1034:50 1034:48 Ni xiv 3s23p3 4S3=2 � 3s23p3 2P3=2 6.2
1037:63 1037:61 O vi 1s22s 2S1=2 � 1s22p2P1=2 5.5
1041:04 520:66 Si xi i 1s22s 2S1=2 � 1s22p2P1=2 6.3
1054:87 1054:90 Ar xi i 2s22p3 4S3=2 � 2s22p3 2D3=2 6.3
1100:14 550:01 Al xi 1s22s 2S1=2 � 1s22p2P3=2 6.2
1115:52 557:74 Ca x 3s 2S1=2 � 3p2P3=2 5.8
1136:24 568:12 Al xi 1s22s 2S1=2 � 1s22p2P1=2 6.2
1174:64 1174:65 Ni xiv 3s23p3 4S3=2 � 3s23p3 2P1=2 6.2
1196:11 1196:25 S x 2p3 4S3=2 � 2p3 2D5=2 6.1
1215:70 1215:67 H i Ly� 4.5
1219:71 609:86 Mg x 1s22s 2S1=2 � 1s22p2P3=2 6.1
1238:57 1238:82 N v 1s22s 2S1=2 � 1s22p2P3=2 5.3
1242:00 1242:03 Fe xi i 3s23p3 4S3=2 � 3s23p3 2P3=2 6.1
1242:80 1242:80 N v 1s22s 2S1=2 � 1s22p2P1=2 5.3
1249:90 624:95 Mg x 1s22s 2S1=2 � 1s22p2P1=2 6.1

Table 5.1: The most intense lines identi�ed in the O vi channel spectral range. In
the last column we give the temperature of maximum ion formation from the ionization
equilibrium of Arnaud and Raymond (1992) for Fe ions and of Arnaud and Rothen
ug
(1985) for other ions.
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Figure 5.2: Two samplespectra at 1.6 solar radii for June 16 using two UVCS grating
positions; intensities and wavelength scalesrefer to the primary channel.

that both intensitiespeak,on June10,at the samelatitude (� 48� ), wherethe white
light emissionis also brightest (seeFigure 5.3). This emissionoriginates from the
extensionof streamerB' to the lower altitudes sampledby UVCS;on the sameday, a
secondaryO vi and Si xi i intensity maximum seemsto originate from the extension
to lower altitudes of streamerA (latitude of � 70� ). However, on June 12, at the
position of O vi maximum intensity, the Si xi i emissionis altogether negligible,
while appreciablewhite light and Si xi i emissionkeepsoriginating from streamerA.
Unlessthere has beena dramatic drop in the abundanceof Si in streamerB, this
behavior can be interpreted as an indication that streamerB is a cooler structure
than streamerA, becauseit doesnot reach temperatureshigh enoughto give rise
to an appreciableemissionin the Si xi i 499 �A line. On the contrary, streamerA
emissionin Si xi i is approximately constant over thesethree days. The distribution
of O vi and Si xi i line intensity along the UVCS slit for the other days, and for the
height of 1.9 solar radii, con�rms the results obtained on June 12, that is, streamer
B keepsbeing persistently \colder", with respect to streamer A. This qualitativ e
analysis shows that di�erent streamersmay have di�erent temperatures and that
white light imagesobviously are unable to convey any information in this respect.
In the next Sectionswe will show that the interpretation of the Si xi i behavior in
terms of a temperature rather than an abundancee�ect is correct.

5.5 Streamers physical prop erties

In this section we describe the streamers' temperatures, densities and elemental
abundanceswe derived using the diagnostic techniqueswe described in x 3.3. On
June10only a limited number of spectra wereacquiredand data on H Lyman-� and
Fe xi i are missing. Becausetheseare crucial for the determination of temperatures
and elemental abundances,asshown in the following, streamerphysical parameters
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Figure 5.3: Top: LASCO C2 images for June 10 and 12. As described in the text,
streamer B' on June 10 disrupts and a streamer B is visible on June 12 images, which
may, or may not, be the reformation of B'. Bottom: pro�les of the O vi 1032 �A and Si xi i
520 �A line intensities as a function of the UVCS slit bins. The Si xi i line intensity has
beenmultiplied by 10; the latitude corresponding to the UVCS slit bins are given at the
top of the UVCS panels.

are not given on that day.

5.5.1 Electron temp eratures

In this work, becausewe have spectra that include lines from Fe x (� = 1028 �A),
Fe xi i (� = 1242 �A) and Fe xi i i (� = 974 �A; seeTable 5.1), we derive electron
temperaturesfrom the ratio of the intensities of theselines (seex 3.3.2), under the
hypothesis of ionization equilibrium. Obviously line emissionis integrated along
the line of sight: we make the hypothesisthat the temperatureswe derive refer to
streamers'regions.Hencewesupposethat the backgroundcontribution is negligible.
This is justi�ed becausethe line emissiondependson N 2

e and Ne decreasesas we
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Date 2000 streamer 1.6 R� 1.9 R�

June 11 B 6.01 � 0.03

June 11 A 6.12 � 0.04

June 12 B 6.03 � 0.02

June 12 A 6.13 � 0.04

June 12 B 6.01 � 0.04

June 12 A 6.14 � 0.06

June 13 B 6.08 � 0.03

June 13 A 6.09 � 0.04

June 13 B 6.02 � 0.04

June 13 A 6.15 � 0.06

June 14 B 6.12 � 0.04

June 14 A 6.14 � 0.06

Table 5.2: Electron temperatures (log T) for streamersA and B.

move out of the plane of the sky and of the streameredges.
We note that the most intense Fe lines in our data are those from Fe x and

Fe xi i, the Fe xi i i line being very weak and hencea�ected by large errors. Hence
temperatureshavebeenderivedby comparingthe observedFex/F exi i line intensity
ratio with the emissivities predicted by the CHIANTI 3 code and the ionization
equilibrium of Arnaud and Raymond (1992). Then we veri�ed that the observed
Fe x/F e xi i i and Fe xi i/F e xi i i ratios were consistent with those predicted for
thoseratios at the temperature previously obtained. We point out that di�erent Fe
ionization equilibria don't a�ect the temperaturesvalueswe derived. For instance,
emissivitiesbasedon the Fe ionization equilibrium of Mazzotta et al. (1998)do not
lead to any changein our values.

Table 5.2 gives the electron temperaturesat the bin corresponding to the peak
intensity of streamersA and B for June 11 through 14 at 1.6 and 1.9 solar radii,
depending on data availabilit y. We have been unable to derive the temperature
vs. height variation in the 1.6 to 1.9 altitude rangebecauseof the larger statistical
uncertainties in the 1.9 R� data. We can only say that the temperature vs. height
pro�le, in this range, is 
at enoughto be compatible with a constant temperature.
We alsoremind the readerthat, on June 13, A and B are more or lessalignedalong
the line of sight. Hencetemperatureson that day cannot be easilyascribed to either
structure and are most probably indicative of the averageplasma temperature of
the two streamers.

The qualitativ e results that lead us to identify streamerB as a cooler streamer
than A are con�rmed here: a di�erence of about 0.1 in logT seemsto characterize
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the two structures. Uncertainties in Table 5.2 have been calculated taking into
account the statistical uncertainties in the line intensity calculations. Assumingthat
the high temperature streamerA is at the lowest temperature compatible with the
uncertainty and that the low temperature streamerB is at the highest temperature
compatible with the uncertainty decreasesthe logT di�erence betweenA and B to
0:03� 0:04, that is, to about a 10%di�erence. The reasonwhy a slight temperature
variation has such a dramatic e�ect on the Si xi i line visibilit y lies in the shape of
the emissivity curve for Si xi i which, for instance,increasesby a factor � 40between
logT = 6:0 and logT = 6:1 (seeFigure 5.4). We will comeback to this point when
discussingthe abundancesin the streamers.

Figure 5.4: The O vi 1032 �A and Si xi i 520 �A emissivities vs. logT; emissivities
have been calculated from the CHIANTI 3 code (Dere et al., 2001), and the ionization
equilibrium of Arnaud & Rothen
ug (1985).

The temperatures of A and B compare favorably with previous estimates of
temperatures in streamers. In particular, the temperature of streamer A agrees
with the scale height temperature given by Gibson et al. (1999) for the WSM
streamerat minimum of the activit y cycle (seeFigure 2.2). Wilhelm et al. (2002)
give a streamertemperature Te = 1:4� 106 K, at an heliocentric distanceof 1.11R� ,
in the rising phaseof the activit y cycle,which is compatiblewith our estimate,since
temperature is supposedto increaseand reach a maximum somewherein between1
and 1.5 solar radii (Gibson et al., 1999). However, we did not �nd any evidencefor
plasmaat Te = 2:2�106 K at � 1:6 R� , which Foley et al. (2002)found in streamers
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observed in August 1999,closeto solar maximum. Foley et al. (2002) results were
basedon an emissionmeasureanalysisof CDS data: theseshowed, in streamersat
maximum, the presenceof a much higherpercentageof plasmagiving riseto emission
in Fe xi i i, xiv , xv than observed in streamersat minimum. In our data even Fe
xi i i is hardly identi�able. The reasonfor this discrepancyis not known: possibly
individual streamersat maximum activit y cover a wider rangeof temperaturesthan
at minimum and Foley et al. structure belongsto a higher temperature classthan
streamersstudied in the present work.

Data do not allow us to come to de�nite conclusionsabout the behavior of
temperature with time. The temperature of streamer A is constant with time, in
agreement with results from J. Li et al. (1998),who didn't �nd any major variation
in the physical parameters of streamersobserved over a 6 day time span. The
temperature of streamerB possibly increasesslightly with time. Its temperature is
lower than most of the estimatescited above. Whether this is related to the ageof
the streamer, being B a newly formed structure which is slowly heating up, is an
interesting hypothesiswhich should be checked on other streamers.

Figure 5.5: Left: pro�les of the O vi 1032 �A and Si xi i 520 �A line intensities along
the UVCS slit, at 1.6 solar radii, for June 17. Right: electron temperature pro�le along
the UVCS slit, showing that the electron temperature acrossthe streamer (streamer A),
peakstowards the streamer center and decreasestowards its edges.

In order to derive the electrontemperaturesacrossthe streamers,we applied the
ratio technique at di�erent latitudes along the UVCS slit: this has been done on
June 16/17 for streamerA, when (as we mentioned) this structure is seenagainst
the plane of the sky. The resulting temperature pro�le is given in Figure 5.5, right
panel. We caution the reader that valuesat high latitudes (that is, in the coronal
hole area) are only tentativ e, becauseionization equilibrium may not hold in a
plasmaout
o wing region. Also, becauseonly the center of the UVCS slit (bin 15,
latitude � 58� ) is at 1.6 R� its edgesextending to higher altitudes, the variation of
temperature with altitude a�ects the temperature pro�le. However, the plot points
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Date 2000 streamer 1.6 R� 1.9 R�

June 16 center 6.15 � 0.03

June 16 edge 6.08 � 0.04

June 17 center 6.12 � 0.04

June 17 edge 6.07 � 0.0

Table 5.3: Electron temperatures (log) acrossstreamer A.

to a decreaseof the electron temperature as we move from the center towards the
edgesof the streamer, in agreement with results obtained by Parenti et al. (2001).
The temperature di�erence between the streamer peak and its (southern) edge,
which we locate at the distancewherethe intensity drops by 1=eof the peak value,
amounts to � :05� :06 dex, that is, is on the order of 10 to 15%.

Table 5.3 gives temperatures at the center and at the edgeof the streamer at
1.6 and 1.9 solar radii. It is worth pointing out that this result refersto a streamer
which doesnot show the weak oxygen emissioncore that has beenfound in UVCS
imagesof streamersat the minimum phaseof the activit y cycle (see,e.g. Kohl et
al., 1997).

5.5.2 Electron densities

Once electron temperaturesare known, we can make an evaluation of the electron
density in streamersA andB asexplainedin x 3.3.3from the oxygenlines,for a static
streamer plasma, taking advantage of the Ne and N 2

e dependenceof, respectively,
the line radiative and collisional components.

Using theserelationships we derived densitiesacrossthe UVCS slit; in the top
part of Table5.4 we give densitiesat the positionsof the peakintensity of streamers
A and B from June11through 14at 1.6and 1.9solarradii and in the bottom part of
the sameTablewe give the density at the center and edgeof streamerA on June16.
We note that the two streamershave about the samedensity (which is consistent
with their comparableWL brightness)and that the density is about constant until,
on June 16/17, the density of streamerA increasesby a factor of � 2.

Densitieson 11, 12 and 13 June are about a factor 3 higher than streamerdensi-
ties at minimum given by Gibson et al. (1999),asmight be expectedat the present
phaseof the solar cycle(seeFigure 2.2). At the streamercenter densitiesare larger
than at the edgesby a factor 1.5 { 2, depending on the heliocentric distance. A
similar behavior has been found by Strachan et al. (2002) at larger heliocentric
distances. Uncertainties given in Table 5.4 take into account uncertainties in tem-
peratureand statistical errorsin line intensities. Wealsoassumeda 10%uncertainty
in the value of the O vi disk intensity (the value of the disk intensity a�ects the
identi�cation of the collisional and radiative components of the 1032�A line).
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Densitiesfor streamersA and B

Date 2000 streamer 1.6 R� 1.9 R�

107 cm� 3 106 cm� 3

June 11 B 3.0 � 0.5

June 11 A 2.9 � 0.7

June 12 B 2.2 � 0.3

June 12 A 1.7 � 0.4

June 12 B 7.5 � 1.4

June 12 A 10.0 � 2.7

June 13 B 3.1 � 0.5

June 13 A 3.1 � 0.7

June 13 B 7.8 � 1.5

June 13 A 5.0 � 1.3

June 14 B 9.4 � 1.9

June 14 A 8.7 � 2.3

DensitiesacrossstreamerA

Date 2000 streamer 1.6 R� 1.9 R�

107 cm� 3 106 cm� 3

June 16 center 5.3 � 0.8

June 16 edge 2.7 � 0.4

June 17 center 18.9 � 3.8

June 17 edge 11.6 � 2.3

Table5.4: Electron densitiesin streamersA and B (top) and acrossstreamerB (bottom).
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5.5.3 Elemen tal abundances: FIP e�ect

The absoluteoxygen abundance(i.e. the oxygen to hydrogen abundanceratio) is
here calculated with the method described in x 3.3.5, which is independent on the
knowledgeof a precisevalue of Te. For Hydrogen,following Raymond et al. (1997),
we usedthe ionization rate of Scholz and Walters (1991)and the recombination rate
of Hummer (1994).

This technique, however, requiresdisk intensities in the H Lyman-� and O-vi
lines in order to evaluate the oxygen abundancefrom the radiative components.
Unfortunately, there are no measurements of disk intensities at the time of our
observations. The procedurewe followed to get an estimate of disk intensities is
the following: the contrast between quiet and active region intensities has been
taken from Vernazza& Reeves et al. (1978); the increaseof the quiet sun and/or
active regionsemissionduring the solar activit y cyclehasbeentaken from Sch•uhle
et al. (2000), Woods et al. (1998), and Tobiska et al. (1998); the area occupied
by active regionsduring our observations has beenevaluated on the basisof MDI
magnetogramstaken about seven days after the time UVCS data were acquired,
in an attempt to considerthe solar hemisphereas seenby a slit o� the limb of the
Sun. On this basis,and starting from UVCSdisk measurements acquiredaround the
minimum of the solaractivit y cycle,wemadean estimateof the intensitiesof the full
disk, taking into account the percentage of the solar disk occupiedby active regions
(seealsoKo et al., 2002)on June 2000. We then comparedthe valueswe got for the
Lyman-� disk emissionwith the Lyman-� disk intensity measuredby SOLSTICE
over our days: the predicted and measuredvaluesagreewithin 10%. This shows
that the estimateswe made are realistic. We note that Lyman-� disk values we
predict are within 30%of the valuesgiven by Lemaire et al. (2002) for a coupleof
months beforeJune 2000,which is reasonablebecauseof the high variabilit y of this
line. Errors in the disk intensity evaluation lead to systematicerrors in the oxygen
abundances,but do not a�ect relative changesin the spatial variations of the oxygen
abundance.

Table 5.5 (top) givesthe absoluteoxygenabundancefor June 11, 12, 13 and the
absoluteoxygen abundanceacrossthe streamerA (bottom) from June 16/17 data,
at 1.6 and 1.9 solar radii. Valuesin the Tablesrepresent the averagebetween the
collisional and radiative estimates.Valuesof [N (O)=N (H )]r ad and [N (O)=N (H )]col

generally do not coincide, partly becauseof errors a�ecting the quantities they
depend on, partly becausethe O vi line collisional component is proportional to N 2

e

and is thus more likely to be a�ected by density inhomogeneitiesalong the line of
sight than the O vi line radiative component which is proportional to Ne. While
the separation of H Lyman-� line into radiative and collisional components may
be a�ected by someuncertainties, this averageis consideredto be robust (seee.g.
Raymond et al., 1997). The Table shows that we are unable to give the variation
with height of the abundance,due to the higher statistical errors in data taken at
1.9 solar radii.
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Oxygen abundance(log) in streamersA and B

Date 2000 streamer 1.6 R� 1.9 R�

June 11 B 8.76 � 0.13

June 11 A 8.42 � 0.22

June 12 B 8.84 � 0.13

June 12 A 8.46 � 0.22

June 12 B 9.06 � 0.25

June 12 A 8.31 � 0.35

June 13 B 8.70 � 0.13

June 13 A 8.67 � 0.22

June 13 B 8.70 � 0.25

June 13 A 8.35 � 0.35

June 14 B 8.50 � 0.25

June 14 A 8.48 � 0.36

Oxygenabundance(log) acrossstreamerA

Date 2000 streamer 1.6 R� 1.9 R�

June 16 center 8.39 � 0.13

June 16 edge 8.49 � 0.22

June 17 center 8.42 � 0.25

June 17 edge 8.67 � 0.36

Table 5.5: Oxygen abundancesin streamers A and B (top) and across streamer A
(bottom).
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Figure 5.6: Pro�les of the oxygen abundancedistribution along the UVCS slit for June
12 (left) and June 16 (right), 2000. Abundancesfrom the collisional component of O vi
(triangles) and from the radiativ e component of O vi lines are given, together with the
statistical error which a�ects the radiativ e determination. The photospheric abundance
(log) of oxygen, 8.93,given by Feldman (1992) is alsoindicated. The O vi 1032�A intensity
pro�les havebeensuperposedonto the abundancepro�les to identify the center of streamer
B along the slit; on june 12 the center of streamerA corresponds to bin 14{16 (seeFigure
5.3).

What appearsto emergefrom Table5.5(top) is a lack of variabilit y in the oxygen
abundancethroughout our data, that is, over a one week time interval. There is
a similar lack of variabilit y acrossstreamerA, on June 16/17 (Table 5.5, bottom),
becausechangesin oxygen abundancesare basically within error limits. However,
Figure 5.6, which gives (left panel) the pro�le of the oxygen abundanceacrossthe
UVCS slit for June 12, and (right panel) the pro�le of the oxygenabundanceacross
streamerA, on June 16, challengesthis conclusion: there is an obvious pattern in
the variation of the abundancealong the slit on both days. The valuesin Table 5.5
may be slightly misleadingbecauseof the large errors given there. Thosenumbers
represent errors averagedover the (small) errors of the radiative component and
the (large1) errors of the collisional component. Focussingon calculationsfrom the
radiative component only, however, shows that the abundanceof oxygenin streamer
B is higher than in streamerA and that the abundancein the streamercoreis lower
than in the streamer'slegs. It is interesting to notice that on this day we have little
discrepancybetweenthe collisional and radiative abundancedetermination, asmay
be expectedat the time the streameris on the plane of the sky.

Our analysissuggeststhat there may be di�erences in the abundancesbetween
di�erent streamers. The lower abundancein streamerA may be associated with a
lifetime long enoughto achieve a gravitationally strati�ed equilibrium, while in the
younger B streamer dynamical in
o ws of new material may prevent gravitational

1The larger error on the collisional component derives from error propagation on the relation-
ships for the separation of the collisional and radiativ e components of the total line intensities.
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Abundancesat 1.6 R�

Date 2000 streamer Al Ca Mg Fe Si S N

June 11 B 6.85 6.48 7.86 7.93 7.82 6.84 7.53

June 11 A 6.13 5.93 7.27 7.46 7.47 6.23 7.07

June 12 B 6.51 6.38 7.76 7.80 7.78 6.72 7.59

June 12 A 6.16 6.03 7.34 7.49 7.53 6.35 7.36

June 13 B 6.30 6.02 7.55 7.70 7.73 6.80 7.68

June 13 A 6.26 6.09 7.59 7.72 7.75 6.31 7.45

June 16 A 6.17 6.02 7.57 7.56 7.62 6.40 7.31

Abundancesat 1.9 R�

Date 2000 streamer Al Ca Mg Fe Si S N

June 12 B 6.45 6.52 7.88 7.90 7.70 6.69 7.48

June 12 A 5.72 5.89 7.50 7.45 7.21 6.26 6.98

June 13 B 6.41 6.39 7.86 7.77 7.74 6.51 7.55

June 13 A 6.16 6.33 7.25 7.54 7.25 5.84 7.32

June 14 B 6.03 6.06 7.63 7.62 7.56 6.40 7.43

June 14 A 6.19 6.22 7.66 7.67 7.24 6.35 7.37

June 17 A 6.08 6.09 7.59 7.58 7.62 6.50 7.40

Table 5.6: Elemental abundanceswith respect to hydrogen (log) for streamersA and B
at di�eren t heliocentric distances.

strati�cation to set in. This suggestionis supported by the value of the oxygen
abundancein streamerB, which is closeto the photosphericvaluegiven by di�erent
authors (see,e.g. Feldman, 1992, 8.93, Feldman and Laming, 2000, 8.83 � 0.06,
Holweger,2001,8.74� 0.08). StreamerA, on the other hand,hasabundancessimilar
to those found by Raymond et al. (1997) in streamerslegs/core (8.5/8.4). Thus
we cannot invoke projection e�ects to explain the higher abundancesof streamerB,
becausethey are higher than abundancesfound in the streamer legsby Raymond
et al. (1997,1998a).

As shown by Table 5.1, UVCS spectra include lines from many other ions. In
order to �nd the abundancesof elements responsible for the ion emission,we fol-
lowed the technique described in x 3.3.4 (using emissivities from the CHIANTI 3
code with the ionization equilibria of Arnaud and Rothen
ug, 1985and the pho-
tospheric abundancesof Feldman et al, 1992): any discrepancybetween observed
and predicted ratios has beenattributed to a variation of the element abundance
with respect to its photosphericvalue. Table 5.6 give the abundanceswe derived
for Al, Ca, Mg, Fe, Si, S and N at 1.6 (top) and 1.9 (bottom) solar radii. For June
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Figure 5.7: The di�eren t temperaturesof streamerA and B on june 12 at 1.6 solar radii
as given by an emissionmeasureloci method (seetext); abundancesfrom Tables5.5 and
5.6.

16/17 we give an averageabundancebetweenstreamercenter and edge,as we did
not �nd any evidencefor variation of abundancesacrossthe streamer. The errors in
the determination of abundancesare � 0.1 dex for Fe and Si, � 0.2 dex for Mg, Al,
S and N and � 0.3 dex for Ca. The variation of the error from element to element
is due to the di�erent intensity of the lines used in the calculations and of their
background. Abundancesseemto be di�erent, in the two streamers,even if the
di�erence is small. We warn the reader that most of the lines usedin our analysis
are from the Li or Na-like ions,whoseionization equilibrium may be subject to large
uncertainties (seee.g. Raymond et al., 2001;Del Zanna et al. 2001;Del Zanna et
al. 2002).

In order to visualize the di�erent temperatures of streamersA and B on the
basisof the elemental abundanceswe derived, we show in Figure 5.7 the results of
an emissionmeasureloci analysisapplied to June 12 data. To this end we evaluate
the upper limit to the emissionmeasureEM (cm� 5) which is related to the observed
line intensity I (phot cm� 2sr� 1s� 1), the electrontemperature Te, the abundanceAX

of element X and other atomic factors by (seeequation 3.47):

EM =
4� < I col >

< AX > Cl ine (Te)

where C(Te) is the contribution function (seee.g. Del Zanna et al., 2002) de�ned
in x 3.2.6. Then we made plots of EM vs. logT for O vi , Si xi i, Fe x and Fe xi i
lines: theseare shown in Figure 5.7. The Figure shows that the EM curvesintersect
near a single temperature which is di�erent for streamerA (left) and B (right) in
agreement with valuesgiven in Table 5.2.

In order to discussthe behavior of elemental abundancesat the coronalaltitudes
weanalyzed,weevaluatedthe ratio Y = log[N (X )cor=N (X )phot ] betweenthe coronal
and the photosphericabundancefor element X asa function of its First Ionization
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Potential (FIP). The present data include high FIP elements such as S, O and N
and low FIP elements like Al, Ca, Mg and Fe. This allows us to build plots of the
ratio between streamer and photosphericabundances(Feldman, 1992) for each of
the above mentioned element vs. its FIP value. Representativ e plots of our results
for streamersA and B, at 1.6 solar radii, are given in Figure 5.8 for June 11 and 12.
The photosphericabundancesare from Feldman et al. (1992). Dashedlines help
visualize the pattern corresponding to a FIP bias of 4.

Figure 5.8: Left: coronal element abundances(log, with respect to photosphericvalues)
against their FIP values, for June 11, 2000 data, at 1.6 solar radii, for streamer A, dia-
monds, and B, stars. Right: as for the left panel, but for June 12, 2000. The dotted lines
correspond to a FIP bias of 4.

Figure 5.8 shows the presenceof a FIP bias in streamersA and B, even if the
abundancesof the two streamersare di�erent. The high FIP elements S and N, in
streamerB, turn out to be depletedby as much as oxygen, even if abundancesof
S and N have beenderived from total line intensities, while for oxygen we madean
averagebetweenabundancesderived from radiative and collisional line components.
This strengthensthe validit y of our results. The two streamersshow the sameFIP
e�ect, but in streamerB the low FIP elements are enhancedwith respect to their
photosphericvalues,while in streamerA the low FIP element abundanceis lower
than the photosphericabundanceby a factor of � 1:5 (and the high FIP elements are
depletedby a factor of � 6). We note that the 8.93valueof the photosphericoxygen
abundanceis larger than more recent estimates (see e.g. Feldman and Laming,
2000, Holweger, 2001). New values will shift upward the Y data point in Figure
5.8. However we keep the 8.93 value to facilitate the comparisonwith FIP-plots
of Raymond et al. (1997, 1999) where this value was adopted. We also remind
the reader that oxygen Y values are a�ected by uncertainties in the H Lyman-�
and O vi disk intensities and thesemay be responsiblefor the discrepancybetween
oxygen and other high FIP elements Y values.

Plots in Figure 5.8 are constructed from absolute element abundances,while
most of the FIP plots are built from relative element abundances.Usually, oxygen
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is taken as referenceelement. However, as pointed out by Uzzo et al. (2003),
the strong oxygen depletion observed sometimesin the core of streamersmakes
the problem of whether the FIP e�ect is due to an enhancement/depletion of the
low/high FIP element even morecomplex. Our data point to an enhancement of the
low FIP element abundancein streamerB, but not in streamerA. Hence,it looks
like similar FIP e�ects can be obtained from a di�erent behavior of the elemental
abundances.

There are not many measurements of FIP e�ect in streamers(see,e.g.,Feldman
et al., 1998) and often results are contrasting (see. e.g. Schmelz, 1999). Moreover
they refer to lower altitudes than examinedhere. At heliocentric distancescompa-
rable to ours however, Raymond (1999) found a behavior similar to that shown by
streamerA in the coreof the streamershe analyzed,and a behavior similar to that
shown by streamer B in active regions and/or legs of streamers. In the scenario
we have beenpursuing so far, an explanation for the observed behavior calls for a
FIP e�ect imposedat chromosphericlevels, with gravitational settling afterwards
modifying the valuesof the abundanceratios, but not the FIP bias. As we said,
possibly, conditions in \y oung" streamer B have not been stable long enoughfor
gravitational settling to reducethe abundancesof low FIP elements, which, on the
contrary, are depleted in the \older" streamer A. A similar explanation has been
given by Raymond (1999) to interpret the di�erence betweenthe abundancesof the
coreof streamersand the abundancesof active region streamers.

5.6 Abundances measured in situ and their coro-
nal coun terparts

During the June 2000quadrature Ulysseswasat a southernlatitude of 58� , asmen-
tioned. In spite of this rather high latitude, becauseof the phaseof the activit y
cycle,Ulysseswas immersedin slow wind. Data from the Solar Wind Ion Composi-
tion Spectrometer (SWICS; seeBame et al., 1992)show that the solar wind speed
emanating from the Sun between10 and 17 June 2000was about 350km/s, which
is typical of the slow wind originating from non-coronalholeareas.Hencewe expect
in situ abundancesto show a FIP e�ect on the order of 2{3 in contrast to high
speed wind where the FIP e�ect is negligible (see,e.g., Geiss,1998, Von Steiger
et al., 2000, Von Steiger et al. 2001). This behavior is consistent with the FIP
pattern in the corona,weakFIP e�ect having beenfound in coronalholes(Feldman
& Widing, 1993,Doschek et al., 1998,Doschek & Laming, 2000), from which fast
wind originates. Quadrature con�gurations allow us to make a direct comparison
betweenthe coronalFIP and the in situ FIP e�ect. Becauseonly the abundancesof
few elements are measuredin situ, we chosethe Fe/O abundanceratio as a proxy
for the FIP bias, both elements being prominent among,respectively, the low/high
FIP elements.

BecauseUVCS data have beenacquiredbelow the altitude wherethe magnetic
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Figure 5.9: Measuredmagnetic �eld at the photosphere(left) and predicted magnetic
�eld at 1.6 solar radii (right) for Carrington rotation 1964 (June 13 to July 10, 2000),
using the MHD model of the corona described in Riley et al.(2001). Regions A and B
are described in the text. Heliographic longitude is labelled at the bottom. The magnetic
�eld intensity at the left and right gray-scalesare shown in the horizontal bars. The black
bar in the right panel shows the projected footpoint at Ulysseson 7 { 18 June 2000.

�eld is radial, we need �rst to extrapolate the photosphericmagnetic �eld out to
the altitude wherethe �eld is radial, reconstructinga map of the �eld con�guration
at coronal levels. Then we locate the position of the Ulysses\fo otpoint" on this
map, and identify the location, alongthe UVCS slit, of the plasmawhich eventually
reaches Ulysses. To do this, we utilize the MHD model of the corona and inner
heliospheredescribed in Riley et al. (2001). This model usesthe observed line-of-
sight component of the magnetic �eld as the inner boundary condition for a fully
three-dimensionalMHD model of the corona. With this model we extrapolated the
photosphericmagnetic �eld measuredat the Wilcox Solar Observatory to coronal
altitudes and made magnetic �eld maps at several heights: thesemaps allowed us
to infer the location of the footpoint of Ulysseswith respect to the neutral line.
From this we have beenable to determine which side of the streamerobserved by
UVCS hasbeenthe sourceof the in situ measurements. The shape of the streamers
correlatewell with thoseobserved by LASCO.

The photospheric�eld usedin the model and the predicted �eld at 1.6 R� are
shown in Figure 5.9 (for the projection of Ulyssesfootpoint at 1.6 R� seenext
paragraph). Region A in this Figure is the mixed photospheric polarity region
that gave rise to the band of streamerslying on the limb and containing streamers
A and B discussedabove. Region B in this Figure was the sourceof the higher
speed wind that followed the band of streamers. As might be expected at this
phaseof the solar activit y cycle, the photospheric�eld hasa complexpattern which
simpli�es at coronal levels in part becauseshort length scalevariations are lost in
the extrapolation into the corona, but also becauseshort time scalevariations are
lost in the smoothing used to estimate the �eld over the entire photospherefor a
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UVCS Date 2000 UlyssesDate 2000 (F e=O)cor (F e=O)SW I CS vp (km/s)

June 11 June 29 0.12 � 0.03 0.09 � 0.04 365

June 12 June 30 0.14 � 0.04 0.14 � 0.05 352

June 13 July 01 0.15 � 0.04 0.15 � 0.05 339

June 14 July 02 0.16 � 0.05 0.19 � 0.16 333

June 17 July 05 0.11 � 0.03 0.10 � 0.07 309

Table 5.7: Coronal (F e=O)cor vs. in situ (F e=O)SW I CS ratios: in the last column we
give the speedof the solar wind stream sampledby SWICS.

full solar rotation. In Figure 5.9 it is clear that Ulyssesskimsalong the neutral line
for most of the June 2000quadrature. From the model coronal con�guration, we
estimatedthe latitude, and hencethe position along the UVCS slit, where�eldlines
reaching Ulyssesintersectedthe UVCS slit.

Values of Fe/O at these positions and the averageFe/O values measuredby
SWICS are given in Table 5.7. There is only one UVCS grating position, among
thosewe used,which includesthe Fe xi i line. Hence,only oneFe/O value per day
is available from UVCS observations. SWICS temporal resolution (seeFigure 5.10)
is much higher: in the Table we give the daily averageover SWICS measurements.
We list in the Table also a daily averageof the proton velocity and the day when
velocities and Fe/O ratios have beenmeasuredat Ulysses.Ulysseswas, during the
JOP 112 campaign,at a distanceof � 3:25 AU: the time taken by plasma leaving
the coronato reach the Sun has beencalculatedusing the averagespeedon 7 { 17
June (seeFigure 5.10) and corresponds to an 18 day constant shift.

The agreement betweencoronal and solar wind value is remarkable. Moreover,
valuesof the ratio comparewell with Fe/O valuesmeasuredby Aellig et al. (1999)
in ecliptic solar wind with SOHO CELIAS CTOF for solar wind speedof the order
of 300 - 350 km/s, as measuredin our case. However, it is worth noticing that in
situ values represent daily averagesover widely di�erent values, which cannot be
probed by coronal measurements that provide only values of the ratio integrated
along the line of sight. Figure 5.11 shows in situ Fe/O values,measuredover a 3
hour time interval, the daily averagesfrom thesevaluesand their 1 sigmaexcursion,
together with the Fe/O coronalvalues: clearly the 1 sigmadeviation is solarge that
the comparisonbetweencoronaland in situ valuesis meaningfulonly whenaverages
over extendedtime intervals are considered,becauseindividual valuesmay agreeor
disagreealtogether fortuitously.

The present work improved upon Aellig's work in that the quadrature con�gura-
tion allows us to comparethe valuesof the Fe/O ratio measuredin the sameplasma
parcel �rst in the coronaand later in situ. However, we point out that this is strict-
ly true only for the June 16/17 plasma,wherewe surmisestreamerA to be in the
plane of the sky (seesection5.3). On previousdays, the coronal Fe/O valueshave
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Figure 5.10: Top: plasmaspeedfrom SWICS data over the time interval which includes
the JOP 112 campaign (June 20, 2000is DoY 172). Bottom: the Fe/O ratio as observed
by SWICS over the same time period. The daily average we used for comparison with
coronal Fe/O valuesare indicated by short horizontal lines.

beenevaluated on the basisof the magnetic�eld mapspreviously described { which
allow us to identify the coronal latitude where plasma sampled in situ originates
{ with the additional assumptionthat plasmareaching Ulyssescan be represented
by coronal plasmawhich projects onto the plane of the sky, provided it originates
from the samelatitude. This assumptionis justi�ed by the location of the Ulysses
footpoint which runs along the neutral line of the magnetic �eld over all the days
for which Fe/O valuesare given in Table 5.7.

Aellig et al. (1999) also comparedthe Fe/O valuesobtained by CELIAS over
an 80 day period (from DOY 150to 229,1996)with the value derived by Raymond
et al. (1997) for the legsof streamersobserved in 1996. Although there may not
be a one-to-onecorrespondencebetweenthe streamerplasmaobserved by Raymond
and the CELIAS plasma,the time whenin situ data had beenacquiredoverlapsthe
time when streamershad beenobserved, making the two valueslikely comparable.
Aellig points out that Raymond's value of 0:13� 0:05

0:03 is consistent with slow wind
in situ Fe/O valuesand provides evidencein favor of streameredgesbeing the site
where slow wind originates. However, if we consider the values given in Table 1
of Raymond et al. (1998a), we �nd a Fe/O value, both in the July 25 streamer
core and legs,of 0.16 and valuesof Fe/O = 0.08,0.12, respectively, for July 23/24
and Aug. 21 streamers,whereno distinction is madebetweenstreamercoreand/or
legs. Hence, there is very weak evidence,if any, in this data, favoring streamer
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Figure 5.11: The Fe/O ratio from three hour averages,measuredby SWICS (dashed
line), daily averagesof Fe/O calculated from the SWICS measurements, and their 1 sigma
uncertainty (asterisks), coronal Fe/O ratio, calculated from the abundancesderived from
UVCS spectra and their 1 sigma uncertainty (squares)vs. time from June 29 (DoY 181)
to July 7 (DoY 189).

legs as sourcesof the slow wind. We concludethat we should probably resort to
a comparisonbetween coronal and in situ absolute abundances,rather than to a
comparisonbetweenabundanceratios.

The sameconclusionhas beenreached by Ko et al. (2002), who analyzeddata
acquiredby UVCS at heliocentric distancesbetween1.2 and 1.6 solar raddi, above
an active region. The lower heights and higher line intensities consideredby Ko
et al. (2002) allowed these authors to measure,much better than we could, the
decreaseof element abundanceswith height. However, they point out that a similar
FIP e�ect is present all over the rangeof altitudes they examined. If FIP e�ect is
independent of absoluteabundances,theseare a more valid meansto establishan
association betweencoronal and in situ parametersthan the FIP e�ect might be.

5.7 Conclusions

In this work we analyzedUVCS observations of a couple of streamerstaken over
a time interval of about one week in June 2000, during the ascendingphase of
the solar activit y cycle. The two streamershave a higher density, but about the
sametemperatures, than streamersat the phaseof minimum in the solar activit y
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cycle. Moreover, they are characterized by di�erent temperatures. Temperature
apparently decreasesfrom the center towards the edgeof streamers.

The streamersweexaminedo not show the dichotomy in the oxygenvs. hydrogen
behavior, typically found in streamersobserved by UVCS at the minimum of the
solar activit y cycle. This raisesthe problem of the behavior of the oxygenand other
element abundancein thesestreamers. Our analysisshows that the two streamers
we examinedhave di�erent elemental abundances.One of them, newly formed, at
the time of our observations, hashigher abundancesthan the other: neither of them
shows such a high oxygen depletion as found in streamersat minimum activit y.
This result apparently cannot be ascribed to projection e�ects, becausein the only
day when we are able to distinguish the streamercoreand legswe still �nd a lower
di�erence betweencenter and edgeof the streamer,and a higher oxygenabundance
in the core, than measuredin streamersat minimum activit y.

We found evidencefor the FIP e�ect in both streamers:however, the sameFIP
e�ect turns out to originate from di�erent elemental abundances. Our results for
the newly formed streameragreewith those found for the active region streamers
by other authors. Hencewe concludethat the processresponsiblefor the FIP e�ect
is at work independently of the absolutevaluesof the abundances.

Wemadea comparisonbetweencoronalvaluesof the Fe/O ratio and in situ mea-
surements of the sameratio, taking advantageof the SOHO-Sun-Ulyssesquadrature
con�guration at the time data have beenacquired. Coronal and in situ valuescom-
pare well. However, the 
uctuations in the in situ valuesare so large that a com-
parison can be made only between time-averagedvalues. Moreover, we show that
there is so far little evidencein the coronal data favoring an association between
abundancesin the streamer legsand slow wind abundances.This issueshould be
further pursued to �nd a more persuasive evidencefavoring streameredgesas the
site whereslow wind originates.



Chapter 6

Early evolution of a CME in the
low corona

6.1 In tro duction

A Coronal MassEjection (CME) is a sporadic ejection of large plasmastructures.
Thesephenomenaoccur about onceper day (depending on the phaseof the solar
cycle) carrying a masson the order of � 1014 � 1016 g, which corresponds to an
averagemass loss rate of mCM E =(� t � 4� R2

� ) � 2 � 10� 14 � 2 � 10� 12 g cm� 2 s� 1

(� t = 1 day), lessthan 1% and 10% of the solar wind massloss, respectively, in
coronal holes and streamers. CMEs involve the catastrophic loss of equilibrium
of a magnetic con�guration with the releaseof the stored energyand a subsequent
recon�guration of the disrupted �elds. Projectedonto the planeof the sky they have
typically a threeepart structure (Figure 6.1, left) consistingof 1) a bright leading
edge(\plasma pileup" in Figure 6.1), 2) a dark void (\cavit y") and 3) bright core
(\prominence"). However, the 3D geometryof CME is still debated,and in di�erent
modelsthesephenomenaaretreated aslightbulb bubbles,arcadesof loops,or curved
and twisted 
uxtub es. Becauseof LOS projection e�ects and of the optical thinnes
of plasma,observations are often ambiguousand do not allow oneto easily identify
thesefeatures.

The evolution of a CME into the interplanetary spaceis in generalconceived as
an expansionof a magnetic 
ux rope (i.e. helical �eldlines wound around a curved
cylinder) with the legsconnectedto the footpoints on the Sun (Figure 6.1, right).
However, in the last few years edge-enhancingtechniques applied to the LASCO
di�erence images(Figure 6.2) revealed a complex �ne structure of CMEs, which
appear to be composedof numeroushelical strands (seee.g. Wood et al., 1999;
Dere et al., 1999;Lin et al., 2005). The real 3D geometry of theseevents is then
still uncertain and their geometricmodeling is still crude.

Over the last few years,Lin & Forbes(2000),Lin, Raymond & Van Ballegooijen
(2004), Lin (2002) have thoroughly exploredCME processes,from the CME initia-
tion to its expansionthrough the solarcoronaand its manifestationat chromospheric
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Figure 6.1: Left: the typical three part structure of a CME (from Forbes,2000); these
featuresare not necessarilypresent in all CMEs. Right: schematic of the 
ux rope expan-
sion into the interplanetary space(from Lepping et al., 1997).

Figure 6.2: LASCO/C2 images(enhancedwith the wavelet technique) of a CME showing
the leading edge,cavit y and core as well as the formation of the current sheet (adapted
from Lin et al., 2005)

levels. During the CME, the �eld is stretchedoutwards, due to the catastrophic loss
of equilibrium of the 
ux rope: a current sheetforms in betweenthe reconnecting
loops and the lower tip of the bubble that grows around the 
ux rope as reconnec-
tion progressesoutward. The temporal evolution of the bubble is illustrated in the
top rows of Figure 6.3, in a sequenceof representativ e snapshots(from a numerical
model of Lin, Raymond & Van Ballegooijen, 2004)that shows the magneticcon�g-
uration at di�erent times. In this model, a 
ux rope is initially held in equilibrium
in the coronaby a balancebetweencurvature forces,magnetictensionand compres-
sion; hence,the increasein the strength of the dipoleat the baseof the magnetically
stable structure (i.e. a changing in the photospheric�elds) leadsto a suddenloss
of equilibrium and the 
ux rope is ejectedupwards, followed by the formation of a
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Figure 6.3: Top: a sequenceof snapshotsof the CME evolution showing at di�eren t times
the disrupted magnetic �eld (from Lin, Raymond & Van Ballegooijen, 2004). Bottom:
simulation of the temporal evolution of the CME topology seenthrough a slit at a �xed
altitude, as predicted by the snapshotsshown above.

current sheet. Each panelof Figure 6.3coversan areaof � 2:25� 1012 km2: starting
from the top left panel simulations show the progressive rise of the CME core and
the increasingdimensionsof the CME bubble; thesesimulations comparefavourably
with the observed evolution of CMEs (Figure 6.2). At any given time a thin layer
around the separatrix bubble (i.e. the outermost closed�eldline surrounding the

uxrop e) is �lled with hot plasma
o wing out of the current sheet. Also, plasmain
the outer shell is hotter than plasmain the innermost sections.

To help the readervisualizewhat UVCS may be expectedto observe, if a CME
structure happens to be sampled at a �xed altitude during its evolution, on the
snapshotsgiven in Figure 6.3 we have drawn a strip representativ e of the UVCS slit
(width not in scale). Results from a simulation made cutting through the panels
of Figure 6.3 and letting the rising CME bubble progressively enter a slit set at a
constant altitude are shown in the bottom panel this Figure. This represents the
temporal evolution of the topology predicted by the Lin & Forbes(2000) model, as
seenby a spectrographslit.

6.2 The goal of our observ ations

To our knowledge the three-part CME structure we described has been observed
only above the LASCO/C2 occulter, henceat heliocentric distanceshigher than
2 R� . A �rst interesting question we may ask is at which heliocentric distances
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thesestructures start forming and can be observed. Moreover, becauseof the very
inhomogeneousdistribution of plasmainside the CMEs, little information hasbeen
accumulated on electrondensitiesand temperaturesof di�erent CME sub-structures.

To this end, in this work we analyzethe early stagesof a CME that occurred
in the NE quadrant on January 31, 2000, for which we have data which cover the
�rst hoursof the CME evolution. Our analysisis basedon Mauna Loa, LASCO and
UVCS observations: unfortunately interplanetary data are not available because
Ulysseswasnot favorably locatedto observe the event. Wehavebeenableto identify
the CME sourceregion and to provide evidencefor the interaction betweenthe AR
wherethe CME originatesand the largescaleambient �eld, which getsdisrupted by
the CME. The con�guration of the CME is comparedwith that predicted by Lin &
Forbes(2000)CME model which we prove to hold sincethe early stagesof the CME
development. We also provide physical parameters(Ne and Te) of the three-part
CME structure in theseearly stages.

6.3 The January 2000 CME scenario

On January 31, 2000, LASCO C2 and C3 coronagraphsobserved a CME in the
NE quadrant at an approximate latitude of � 60� N, which propagatedin the outer
coronaat a speedof � 500km/s. Extrapolating backwards in time, with a constant
speed,the CME turned out to beejectedat a time t � 18:43UT. Figure 6.4 (top left
panel) shows the pre-CME corona,from a composite imagemadeup with data taken
by the Mauna Loa Mark IV Coronameterand by the LASCO C2 experiment 1. The
middle and right panelgive the coronalcon�guration during the CME propagation.
Mark IV pB imagesare not available after about 22:00UT. For future reference,
the positions of the UVCS slit (seex 6.4) are alsoshown in this Figure.

Most CMEs, independent of whether they are or are not associated with promi-
nenceeruptions, originate in Active Regions(Subramanian& Dere, 2001) and, at
interplanetary distances,show a helical magnetic structure, usually referred to as
\magnetic cloud". The interaction betweenARs and the background �eld hasbeen
recently studied by several authors (see,e.g.,Luhmann et al., 2003;Leamonet al.,
2004)who focussedon the relationship betweenthe local AR �eld and the largescale
ambient �elds to get a better understandingof the origin of the helical 
ux ropes
observed in the interplanetary medium. It turns out that an interaction between
the ARs and the overlying large scale�elds is crucial to the interpretation of the
CME and interplanetary phenomena.

Hence,a �rst interesting issuewe want to addressis the identi�cation of the
CME sourceregion. To this end, we analyzed MDI observations of the ARs on
January 31, 2000. The most prominent AR in the NE quadrant is AR 8851at a

1SeeMauna Loa and LASCO movies respectively at
http://mlso.hao.ucar.edu/cgi-bin/mlso datasum.cgi?2000&1&31&ACOSand
http://lasco-www.nrl.navy.mil/daily mpg/2000 01/
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Figure 6.4: Top: Mauna Loa Mark IV and LASCO C2 imagesfor the CME event on
January 31, 2000. Bottom: Yohkoh (left and middle panel) and EIT Fe xi i (right) images
of the activit y beforeand after the CME.

northern latitude of 27� and easternlongitude of 42� ; becausethe radial from this
AR projects onto the planeof the sky at a latitude of � 54� N (which correspondsto
the latitude at which the CME coreis seenin UVCS and Mauna Loa data, seelater
Figures6.6and 6.9), this is a �rst indication that AR 8851couldbe the CME source.
As revealedby LASCO images,the CME is centered at a latitude of � 57:5� N at
19:48UT (i.e. when it was at an heliocentric distanceof 3.1 R� ), and moved to a
latitude of � 67:4� N lessthan 4 hours later (at 13.3 R� ); this northward angular
motion projects back at 1 R� at the time of the CME occurrenceat a latitude of
� 55� N, in agreement with the angleof the projected radial from AR 88512.

Moreover, this AR is rapidly evolving, with a total areaand total sunspot number
increasing in time. This rapid evolution implies 
ux emergenceand a possibly
unstablecon�guration that makesAR 8851a likely candidatefor the CME ejection.
As revealedby imagesacquiredby the Imaging Vector Magnetograph(IVM) at the
MEES Solar Observatory3, the two sunspots within the AR are moving in opposite
directions implying a shearing of the magnetic �eldlines above the AR, which is
considereda likely agent to trigger the magneticequilibrium loss.

The identi�cation of AR 8851asthe CME sourceregion is further supported by

2We note here that (as recently pointed out by Cremades& Bothmer, 2004) a deviation to-
wards higher latitudes with respect to the projected radial from the sourceregion is a systematic
phenomenonfor CMEs occurring around the maximum of the solar activit y cycle; such de
ections
are probably due to the \fast solar wind 
o w from polar coronal holesthat encompassesthe CME's
expansionat the higher latitudes" (Cremades& Bothmer, 2004).

3Seehttp://www.sola r.ifa.hawaii.edu/IVM/Movie/Quic k/2 000/ ivm AR885120000131.html
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EIT and Yohkoh data: Yohkoh SXT data have a gap in between 16:52and 21:24
UT, hencethere is no data coverageat the time of the CME ejection. However, in
the �rst imageavailable after the gap,at 21:24UT, a prominent cusp-shaped arch is
rooted in AR 8851,and an EIT 195�A loop appearsto benestedwithin the SXT loop
(seethe bottom row in Figure 6.4). Thesenewly formed structures provide strong
evidenceof 8851being the sourceof the CME ejection and the site for reconnection
of AR �eldlines, torn open by the ejection, and subsequently reforming.

The only alternative sourcefor the CME could be AR 8858,a region which, on
January 31, is behind the solar limb and, draggedby solarrotation, crossesthe plane
of the sky on February 3, at a latitude of 26� ; however, disk activit y in AR 8851
makesusfavor this asthe sourceof the CME. Note alsothe inclination toward higher
latitudes of the SXT arch (Figure 6.4) in agreement with CME ejection northward
of its AR source.

Imagesfrom the Mauna Loa Mark IV Coronametershow at the time of the CME
occurrencea complexsystemof rising loopswhich are seenlater in the LASCO/C2
�eld of view. Di�erence images(Figure 6.5) revealeda complexsystemof di�erent
loops surrounding a bright knot that we identify as the CME core. The opening
CME front, the following dark void and the CME core are also visible; moreover,
as revealedby a comparisonwith EIT Fe xi i di�erence images,at this early stage
of the event the current sheetand the neutral \Y" point are already visible. As we
said, in the literature typically thesestructures are identi�ed after the CME enters
the LASCO/C2 �eld of view (seee.g. Lin et al., 2005). To our knowledge,this is the
�rst time that the 3 part structure of CMEs hasbeenidenti�ed at such low coronal
levels. As shown in Figure 6.5, the UVCS slit is favorably located to observe the
whole CME bubble; in particular we expect to observe the transit of the CME core
below the UVCS slit at about 20:00UT (seemiddle left panelof Figure 6.5). In the
next Sectionwe concentrate on the analysisof the UVCS data.

6.4 UV CS observ ations

The UVCS data of the January 31 CME were acquired in the O vi channel: ob-
servations started on January 31, 2000at 17:05UT and endedon February �rst at
02:00UT. The UVCS slit was centered at a Northern latitude of 60� in the East
quadrant (seeFigures6.4 and 6.5) and two observation heights have beenused,1.6
and 1.9 R� : the instrument took alternatively 12 exposuresat 1.6 and 3 exposures
at 1.9 R� (with an exposure time of 120 s), hencewe have nearly \simultaneous"
observations of the sameevent at two di�erent altitudes. The slit width was 50
� m: data were acquiredwith a spatial binning of 6 pixels (i.e. a spatial resolution
of 42") and a spectral binning of 1{3 pixels depending on the selectedwavelength
interval. In particular, the �v e selectedspectral rangesare 1063.4{ 1068.1�A, 1029.5
{ 1044.4�A, 1024.3{ 1027.7�A, 987.5 { 993.4�A and 1211.8{ 1220.7 �A (redundant
channel). Table 6.1 lists the lines included in theseranges,together with the tem-
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Figure 6.5: Top: a sequenceof four Mauna Loa di�erence images (times are in each
panel) showing the complexstructure of the rising CME and the position of the UVCS slit
at 1.6 R� . Bottom, a: composite image obtained by superposinga di�erence Mauna Loa
image (19:23 { 19:32UT) and an EIT Fe xi i di�erence image (18:36 { 19:25UT); b: the
corresponding non-di�erenced imagesfrom Mauna Loa (19:23 UT) and EIT Fe xi i (19:25
UT).

perature of formation of the emitting ion, from the ionization balanceof Mazzotta
et al. (1998).

The C i i � 1065.7�A line (absent at coronal levels) might help us correct lines for
stray light contamination (seex 4.2.3);however, in our data this line is unobserved,
hencethe stray light contribution is negligibleand the correctionhasnot beenmade.

In Figure 6.6 (top and bottom left panels)we show the time evolution of the Ly�
and O vi 1032 line intensities at di�erent latitudes along the UVCS slit centered
at 1.6 R� : in this Thesis we report only results fron an analysis of data at this
heliocentric distance, while data at 1.9 R� are not discussedhere becausetheir
analysis is still in progress. These imagesshow the presenceof some persistent
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� obs (�A) � I D (�A) Ion Transition logTmax

991:62 991:58 N i i i 2s22p2P3=2 � 2s2p2 2D5=2 4.9
1025:69 1025:72 H i Ly� 4.5
1028:04 1028:04 Fe x 3s23p43d 4D7=2 � 3s23p43d 4F7=2 6.0
1031:90 1031:91 O vi 1s22s 2S1=2 � 1s22p2P3=2 5.5
1034:50 1034:48 Ni xiv 3s23p3 4S3=2 � 3s23p3 2P3=2 6.2
1037:63 1037:61 O vi 1s22s 2S1=2 � 1s22p2P1=2 5.5
1041:04 520:66 Si xi i 1s22s 2S1=2 � 1s22p2P1=2 6.3
1043:28 1043:29 Mg xi 1s2p 3P0 � 1s2s 3S1 6.9
1065:89 1065:89 C i i 2p3 2P3=2 � 2s2p2 2D5=2 4.7
1215:67 1215:67 H i Ly� 4.5

Table 6.1: Lines included in the UVCS spectral ranges.

features(visible asvertical \strip es"4) in the northward half of the slit, in particular
at latitudes of about 56.9� N, 63.1� N and 67.8� N. By a comparisonof theseimages
with the top left panel of Figure 6.4 these three features can be identi�ed with
three radial structuresobserved by LASCO/C2 prior to the event at theselatitudes.
However it is di�cult to identify in the left panels of Figure 6.6 the passageof
the CME: at the CME latitudes (50 � 60� N) the data show only an approximately
constant Ly� and O vi 1032line intensity until � 18:30UT, then a rapid decrease
(respectively by about 30%and40%),followedby someintensity 
uctuations. Hence
we do not observe, as expected, a sharp rise in the line intensities at the time the
CME front enters the UVCS slit5. Considering that also in Mauna Loa intensity
imagesthe CME structure was hardly identi�able and we had to build di�erence
imagesto enhanceits visibilit y, we constructed\running di�erences" UVCS images,
by subtracting, pixel by pixel, intensities of the i -th exposure from intensities of
the (i + 1)-th exposure. The results of this procedureapplied iterativ ely over the
whole dataset are given in the right panelsof Figure 6.6 and show that UVCS is
sequentially imaging the expandingCME bubble. The bright emitting knot imaged
around 20:00UT at a latitude of � 50� 55� may represent the CME core,no longer
visible at later times becausealready moved to higher levels. Around the core, the
Ly� imageshows the typical three part structure of the CME, and the leadingedge
and dark void are alsoclearly visible. A similar structure is observable in the O vi
running di�erence image,but the CME coreis hardly visible (wewill comeback later
on this di�erence). We note also that, at later times, the Ly� CME imageappears
to be slightly \distorted" towards northward latitudes. This happens because,as
already mentioned, the CME is de
ected towards higher latitudes (i.e. movesalong
the UVCS slit) during observations.

The reasonwhy the CME structures becomevisible only in UVCS running dif-

4As we discusslater, theseare not due to an instrumental e�ect.
5This is better explained in the next Section.
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Figure 6.6: Top left: the Ly� intensity evolution along the UVCS slit (x axis) at
di�eren t times (y axis) as observed at 1.6 R� . Colors range from 0 (white) to 5.2�1011

phot cm� 2s� 1sr� 1 (black). Top right: the Ly� running di�erence evolution at 1.6 R � ,
colors from � 4 � 1010 (black) to +3 � 1010 phot cm� 2s� 1sr� 1 (white). Bottom left: same
as top left for the O vi � 1032�A line, colors from 0 (white) to 3.1�1011 phot cm� 2s� 1sr� 1

(black). Bottom right: sameas top right for the O vi � 1032�A line, colors from � 3 � 109

(black) to +3 � 109 phot cm� 2s� 1sr� 1 (white).

ferenceimagesis their weak intensity: for instance,(as we show in Figure 6.7) the
core structure in the Ly� line (intensity bump at about 20:00UT) is only � 10%
higher than the background emission,while is hardly identi�able in the O vi line.
Nevertheless,in the following we will try to give an estimate of the plasmaparam-
eters in the di�erent featuresof the CME from the observed UVCS line intensities.
In particular, assuminga value for the elemental abundances,we have mainly the
following unknown parameterswhich give rise to the observed line intensity: the
electron density Ne, the electron temperature Te, the out
o w speed vout and the
extensionalongthe LOS L of the emitting plasma. In the selectedspectral intervals
there are neither two lines from di�erent ionization state of the sameelement nor
two di�erent lines emitted from the sameion (seeTable 6.1), hencethe line ratio
techniquesfor the estimateof Te (described in x 3.3.2)cannot be applied. Moreover,
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Figure 6.7: Left: the Ly� and O vi 1032 intensity evolution averagedover 10� around
a latitude of 50� N. Note that both spectral lines show an intensity decrease(which corre-
spond to the transit of the CME void), but only the Ly� line hasa signi�cant emissionat
the CME core (around � 20:00UT); this is interpreted as a combination of temperature
and Doppler dimming e�ects (seelater). Right: the time evolution of the Si xi i 1040line
(plus signs) and the averageover 16 minutes (solid line) showing possibly a minimum at
the time of the CME core transit.

the standard technique usedto derive the electron density from the ratio between
the O vi doublet lines (x 3.3.3) holds only for negligible out
o ws, which is not the
casefor CMEs. Hence, in order to solve the problem, we resort to Mauna Loa
pB measurements (as we describe in the next Section) to derive the CME electron
density.

An estimate for the out
o w speedvout can be obtained from the observed ratio
R1032=1037 of the O vi � 1032to the � 1037�A spectral line intensity (seex 3.3.6). How-
ever the line intensities are weak enoughthat errors a�ecting the line ratio make it
impossibleto distinguish betweenvalueswithin di�erent CME structures. Averaging
at the CME latitudes over the whole dataset we derived a value of R1032=1037 ' 2:7.
We then built the pro�le of the R1032=1037 intensity ratio vs. the plasma out
o w
speedvout for an atmospherewith an electrondensity given by the GH pro�le (mul-
tiplied by a factor 6; this choice will be discussedin x 6.7) and a range of parallel
and perpendicular temperature values(Tk and T? , seeFigure 6.8); it turns out that
a ratio R1032=1037 ' 2:7 correspondsto an out
o w speedof � 70� 80 km/s indepen-
dently of the plasma parameters(seeFigure 6.8). Becausethe CME featuresare
faint with respect to the coronalbackground, this low value may not be representa-
tive of the CME out
o w speed;asa consequencewe usedthe pB observations for a
better estimate of the out
o w speedin the di�erent CME structures.
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Figure 6.8: The computed ratio betweenO vi � 1032�A and O vi � 1037�A line intensities
as a function of the out
o w plasma speed vout for di�eren t combinations of Tk and T?

(w = sqr t2kB T=m) obtained by computing the integral along the LOS at 1.6 R � with the
electron density pro�le of Guhatakurta & Holzer (1994) multiplied by a constant factor of
6 (seetext).

6.5 Mark IV observ ations

The Mark IV K-Coronameterat the Mauna Loa Observatory acquiresimagesof the
low corona(700 { 1080nm) from � 1:12 to � 2:79 R� using a 2048-element linear
array (sampledto 384pixels) alignedwith the radial (projected on the plane of the
sky) from the Sun center. The detector (160 pixels per solar radius) is rotated by
360� over a period of about 3 minutes acquiring data with an angular resolution of
0.5� ; from thesedata a 960� 960 pixels image of the corona is then reconstructed.
On January 31, 2000the instrument acquired91 exposuresfrom 17:30UT to 22:07
UT; the �rst 3 exposuresare corrupted (contain negative pB values)and have not
beenused.

The Mark IV pB measurements are shown in Figure 6.9; in order to facilitate
the comparisonbetweendata takenby di�erent experiments, this Figure (left panel)
shows the pB brightnessmeasuredat 1.6 solar radii by the Mark IV over a rectan-
gular areathat simulates the UVCS slit over the sametimescaleusedfor Figure 6.6
(UVCS observations cover a longer time interval than Mark IV data). Faint struc-
tures are better visible in the right panel of this Figure, wherewe show the running
di�erence imageobtained after accumulating the original data over 9 minutes (3 ex-
posures)for a better statistics. Figure 6.9 (right panel) shows that the pB emission
appearsat positions along the slit which delineatebranches,closelyresembling the
topology predicted by the Lin & Forbes(2000) model. The similarity betweenthe
pB and the Ly� imagesis not surprising: pB dependson the electron density and,
for a �xed outward velocity and approximately constant electron temperature, the
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Figure 6.9: Left: the Mauna Loa Mark IV pB as measuredalong the position of the
UVCS slit at 1.6 R� (x axis) at di�eren t times (y axis). To facilitate a comparisonbetween
Mark IV pB and Ly� images(seeFigure 6.6), pB data have been plotted on the same
scaleas the UVCS data; colors range from 0 to 8 � 10� 8 (in units of B � 1

� ). Right: running
di�erence image.

Ly� intensity is dictated by the electron density as well. Both pB and UVCS data
show, until � 18:30 UT, a bright emission(between a northern latitude of � 45
and 65� ) which disappearsafter � 19:00UT that (as we discusslater) we identify
as the CME front material being ejected at later times. Moreover, we note that
the pB image shows the samethree background persistent structures we observed
also in UVCS data (con�rming us that theseare not an instrumental e�ect) which
represent the streamer structures visible in the pre-CME composite Mark IV and
LASCO imagesof Figure 6.4.

In the next Sectionswe describe how, taking advantageof the Mark IV pB data,
we evaluate the CME electrondensity Ne (x 6.6 and 6.7) and the out
o w speedvout

(x 6.8); given Ne and vout (wich is usedto derive the Doppler dimming factor), from
a comparisonof the predicted and the observed UV line intensities, we derived an
estimate for the electron temperature Te in the CME core, front and void (x 6.9).
Finally, from the density measurements, we derived an estimate for the massof
di�erent CME features(x 6.10).

6.6 Densit y diagnostics from white ligh t observ a-
tions

As we described in x 3.4, assuminga pro�le for the electron density Ne(r ), it is
possible to compute from Equation 3.69 a value for the expected pB(� )exp at a
given heliocentric distance� of observation; the latter has to be comparedwith the
observed value pB(� )obs. Becausethe Thomson scattering is more e�cien t at the
angleof 90� , the main contribution to pB(� )obs arisesfrom the coronalplasmaclose
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Figure 6.10: The contribution to the observedpB (assumingthe Guhathakurta & Holzer,
1994Ne(r ) pro�le) along the LOS at 1.6 (solid line) and 1.9 (dotted line) R � .

to the plane of the sky. In particular, in Figure 6.10we show the contribution from
di�erent regionsalongthe LOS to the observed pB, ascomputedwith equation3.69
by assumingfor Ne(r ) the Guhathakurta & Holzer (1994) pro�le (hereafter GH):

Ne(r )GH = (1:4 � 106) r � 2:8 + (8:0 � 107) r � 8:45 + (8:1 � 107) r � 16:87 (6.1)

In the computation weusedthe following expressionsfor the A(r ) andB(r ) functions
(Altschuler & Perry, 1972):
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and r (R � ) is the heliocentric distance. Figure 6.10shows that, at distancesz along
the LOS from the plane of the sky larger than � 1 R� the contribution to the total
pB becomesnegligible. As a consequence,the main di�erencesbetweenthe expected
value pB(� )exp and the observed value pB(� )obs are due to changesin the electron
density in a region closeto the plane of the sky.

The above considerationsled us to usethe following method to evaluate the Ne

in transient coronalstructures. First, analyzing the pB coronal images,we choosea
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regionwhereno signi�cant bright structuresarevisible and we evaluate the constant
multiplier k of the Ne(r )GH pro�le we needto reproduce the observed pB. Then,
we assumethat, in coronal regionswhereisolatedstructures (e.g. streamersand/or
CMEs) are present, the electron density pro�le along the LOS is:

Ne(z) = k � Ne(z)GH , if jzj > L=2 (6.4)

Ne(z) = k � Ne(z)GH + �Ne , if jzj � L=2

where �Ne is the additional electrondensity that allowsus(in a regioncentered on the
planeof the sky with a length L (cm) alongthe LOS) to reproducethe observed pB.
The length L is a freeparameterthat canbeevaluated from the dimensionprojected
onto the planeof the sky of the consideredstructure assumingan a priori geometry.
The additional density �Ne is, in �rst approximation, inverselyproportional to L, so
that the product �Ne L is nearly independent of the choiceof L. This method yields
an averageelectron density < Ne > in the structure given by:

< Ne > =
1
L

Z + L=2

� L=2

�
Ne(z)GH + �Ne

�
dz (6.5)

Wenote that, becausethe observedpB dependssolelyon Ne, no further assumptions
are neededabout the plasmaphysical parameters. In the next Sectionwe describe
results from applying this method to the pB data of our event.

6.7 Estimate of the CME electron densit y

The proceduredescribed in the last Sectionhas beenapplied pixel by pixel (along
the position of the UVCS slit) to the region occupiedby the CME, throughout the
time interval coveredby our observations. Beforedescribingthe resultswe obtained
from this technique,wequalitativ ely discusswhat canbe inferred from observations.
As we haveshown in Figure 6.9,pB data reveal the presenceof the bright knot CME
core: because,in �rst approximation, the observedpB is proportional to the electron
density, we may expect the core region to correspond to a plasmadenserthan the
surrounding regions. However, after the transit of the CME front, the Ly� , O vi
and Si xi i line intensities decreaseand a signi�cant emissionfrom the core is seen
only in the Ly� line (seeFigures 6.6 and 6.7). The radiative component of the
O vi line can be Doppler dimmed, but its collisional component and the intensity
of the Si xi i line can be reduced(despite an increasingin electron density density)
only by temperature e�ects. In particular, becausethe O vi and Si xi i emissivities
peak, respectively, at temperaturesof logT = 5:5 and logT = 6:3 (seeFigure 5.4),
a decreaseof the collisional component of both lines can be justi�ed only by a
temperature increaseabove logT = 6:3; hencewe may expect the coreregion to be
denserand hotter than the surrounding plasma. In the following we will show how
this conclusionis con�rmed by our analysis.
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Figure 6.11: Left: the background plus additional electron density (solid) as computed
(assumingan extensionL along the LOS of 1 R� ) from the Mark IV pB data asa function
of time averagedover the CME latitudes. Values of �Ne can be obtained by subtracting
to the solid curve the background constant density of 7:4 � 106 cm� 3 (dashedline). Right:
a comparison between the evolution of the observed Ly� intensity (cross signs) and the
Ly� intensity as computed from the densities shown on the left, by assumingnegligible
out
o ws and a coronal plasma temperature of Te = 106:15 K (seetext). Numbers at the
bottom refer to what we identi�ed as the CME front (1), void (2), core (3) and post-core
(4) regions.

In Figure 6.11 (left panel) we show the results from the technique described in
the last Section;in particular, in this Figure wegive the coronalbackground electron
density and the additional density �Ne we computedat the latitudes of the CME core
as a function of time. The background pB hasbeenreproducedby multiplying the
GH density pro�le by a factor k = 6 (seeequation 6.4), while the CME density has
beenderived by assumingan increaseddensity �Ne over an extensionalong the LOS
L = 1 R� centered on the plane of the sky. This assumptionhas beensuggested
by the averagedimensionprojected onto the plane of the sky of the CME bubble
(seeFigure 6.9), which supposedlymoveson that plane becausewe do not observe
any signi�cant line Doppler shift (we will discussin x 6.11 the errors deriving from
these assumptions). The computed �Ne values strongly depend on the selectedL
values;however, we note that the averageLya emission(proportional to Ne L) does
not signi�cantly change,becausea decreasein L is balancedby an increasein the
computed �Ne and viceversa; hencethe assumptionof the L value doesnot signi�-
cantly a�ect (in �rst approximation) the computedLya line intensity (uncertainties
in this technique are discussedin x 6.11). The right panel of Figure 6.11 shows a
comparisonbetween the observed Ly� intensity and the intensity computed from
the pB derived densitiesshown on the left panel of the sameFigure: this will be
discussedin x 6.9. We anticipate that the lack of agreement betweenthe observed
and reconstructedLy� intensities in this Figure will be ascribed to the evolution of
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Figure 6.12: Left: altitude vs. time pro�le of the CME intensity (from Mauna Loa Mark
IV data) integrated around the CME latitudes (seetext). Right: altitude vs time plots
of the CME front (q + � h), core (h) and neutral rising point (q) in the Lin et al. (2004)
CME model; note that this simulation refers to a fast CME (v ' 1000km/s), hencerising
speedsof di�eren t CME features are higher than those of our slow event.

plasmaparametersthroughout the CME (x 6.9).

6.8 Estimate of the CME out
o w speed

As we mentioned above, from the Doppler dimming technique we cannot distin-
guishbetweenthe out
o w speedsvout of di�erent CME structures becausetheseare
relatively faint with respect to the coronal background. However, when trying to
reproducethe line intensities observed by UVCS, an estimate for vout is mandatory
becauseboth Ly� and O vi line intensities may have been signi�cantly Doppler
dimmed. Hence,we assumedthe out
o w speedto be the sameas the CME rising
speed;this has beenderived from the pB data by integrating in each exposurethe
observed intensity over the CME latitudes and subtracting the averagecoronal in-
tensity in the wholedataset. The resulting image(Figure 6.12,left panel) shows the
presenceof di�erent CME substructuresexpandingat di�erent speeds. Analogous
variations in the rising speedof di�erent parts of a CME has beenfound, e.g., by
Lin et al. (2005). We note that the speedof the CME front increasesfrom � 30
km/s at 1.6R� (18:30UT) up to � 160km/s at 2.6R� (20:00UT), while the speed
of the brighter CME core (possibly after slightly acceleratingbelow 1.6 R� ) shows
a largespreadof valuesbetween70� 100km/s, but no signi�cant acceleration.The
secondarysubstructuresin betweenthe acceleratingCME front and the core seem
to move at intermediate speeds. We point out that the CME front seemsto start
rising at an heliocentric distanceof about 1.6 R� (i.e. the height of the UVCS slit).
This may explain why we do not seethe arrival of the CME front onto the UVCSslit
(i.e. a suddenincreasein the line intensities) and we seeonly an intensity decrease
preceedingthe arrival of the CME core: at the beginnning of our observations the
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front material is probably \in equilibrium" at the height of the UVCS slit. Hence,
this material is ejected outward and we seean intensity decreasebecauseof the
plasma electron density decreaseat this height. We note that someCME models
predict that the front material has to be at an heliocentric distance of � 1.2 R�

beforeit starts accelerating(Figure 6.12,right panel); however, becausewe have no
Mauna Loa observations before17:30UT (or before17:42UT, taking into account
the poor quality of the �rst exposures),we cannot de�nitely provide the height of
the front material at earlier times.

6.9 Estimate of the CME electron temp erature

Given the a priori chosenL value and the electron density Ne and plasmaout
o w
speedvout , we may compute the expected Ly� , O vi and Si xi i line intensities as
a function of Te: a comparisonof the predicted and the observed intensities allows
us to infer the electron temperature of the plasma. However, the Si xi i is a second
order line and, becauseof the large uncertainties in the estimate of its intensity
(seeFigure 6.7, right panel), cannot be usedto infer temperatures,while the Ly�
and O vi line intensities have a better signal to noise ratio. Both these spectral
lines may have a radial and a collisional component; however, at typical coronal
temperatures (T � 106 K), collisional excitation would give a ratio between the
Ly� and Ly� intensities on the order of � 0.13{0.14,while for resonant scattering
a much lower ratio (� 0.001{0.002)is expected (seee.g. Raymond et al., 1998a).
Becausein our data the observed I (Ly � )=I (Ly � ) ratio is on the order of � 0:004
and � 0:002,respectively at the beginningand at the endof UVCSobservations, we
can safelyassumethat the observed Ly� emissionarisesalmost entirely from radia-
tive excitation, making it easierto estimate the expected Ly� intensity I exp(Ly � ).
Moreover, possibleuncertainties in the vout valuesdo not sensiblya�ect the com-
puted I exp(Ly � ) for vout � 100 km/s (seeFigure 3.7). Hence,the computation of
the Ly� intensity is easierthan that of the O vi line, for which we have to compute
both the radiative and collisional components and the estimateof the Doppler dim-
ming factor is more critical. For thesereasonswe infer temperaturesfrom the Ly�
intensity, while we usethe O vi and Si xi i line intensities for a consistencycheck.

In order to comparethe observed line emissionswith those computed from the
CME region, we needto evaluate the contribution from the external coronabehind
and in front of it along the LOS. To this end, it is necessaryto assumea back-
ground density pro�le, electron temperatures, out
o w speedsand disk intensities.
In agreement with the results from the technique we usedto derive Ne, we assumed
the electron density pro�le given by equation 6.1 and multiplied by a factor 6; the
electron temperature hasbeenassumedto be constant along the LOS and equal to
the kinetic temperatureof 106:15 wederived from Gaussian�ts to the Ly� line pro�le
(seelater); as a typical out
o w speedwe assumeda value of � 100 km/s constant
along the LOS and for the disk intensities we used the samevaluesestimated for
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CME region front (1) void (2) core(3) post-core(4)

Observed line intensities

(phot cm� 2s� 1sr� 1)

I(Ly � ) (1011) 3:5 � 0:1 2:6 � 0:1 2:8 � 0:1 2:5 � 0:1

I(O vi 1032)(1010) 1:9 � 0:1 1:2 � 0:1 1:2 � 0:1 1:2 � 0:1

I(Si xi i 1040)(1010) 1:2 � 0:2 0:8 � 0:1 0:7 � 0:1 0:8 � 0:1

Computed line intensities

(phot cm� 2s� 1sr� 1)

I(Ly � )CM E 1:8 � 1011 1:1 � 1011 1:2 � 1011 9:5 � 1010

I(Ly � )T OT 3:4 � 1011 2:7 � 1011 2:8 � 1011 2:6 � 1011

I(O vi 1032)CM E
r ad 3:8 � 109 2:0 � 109 6:0 � 108 7:6 � 108

I(O vi 1032)CM E
col 7:2 � 109 2:7 � 109 1:9 � 109 1:7 � 109

I(O vi 1032)CM E
tot 1:1 � 1010 4:7 � 109 2:5 � 109 2:5 � 109

I(O vi 1032)T OT 1:9 � 1010 1:2 � 1010 1:0 � 1010 1:0 � 1010

I(Si xi i 1040)CM E 8:4 � 109 6:5 � 109 4:7 � 109 3:9 � 109

I(Si xi i 1040)T OT 1:0 � 1010 9:0 � 109 7:0 � 109 6:0 � 109

Plasmaparameters

Ne (cm� 3) 1:0 � 107 9:4 � 106 1:1 � 107 7:4 � 106

logTe 6.30 6.40 6.45 6.40

vout (km s� 1) 30 50 80 80

Table 6.2: Ly� , O vi 1032 and Si xi i 1040 line intensities observed and computed in
the CME front, void, core and post-core (seetext). For a discussionof the uncertainties
in the computed valuesseelater x6.11.

the June 2000quadrature observations (seediscussionin x 5.5.3). We then assumed
that the measuredintensitiesderive from a backgroundcoronalemissionplus a CME
emission,originating from a region centered on the plane of the sky and extending
over a length L = 1 R� along the LOS. The Ly� , O vi 1032and Si xi i 1040line
emissionswe computed (by using equations 3.47 and 3.51) from the background
coronaalong the LOS at 1.6 R� turn out to be respectively 1:6 � 1011, 7:7 � 109 and
2:0 � 109 phot cm� 2s� 1sr� 1. In order to reproduce the observed intensities, these
valueshave to be addedas a constant background to the line intensities estimated
for the CME region.

We started our computations at the CME front: in this region, by assuming
an out
o w speedof � 30 km/s (as suggestedby the Mauna Loa pB observations,
seeFigure 6.12) and by using values for the fraction of neutral hydrogen atoms
as a function of temperature given by the CHIANTI spectral code (v. 5.0), the
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observed Ly� intensity of 3:5 � 1011 phot cm� 2s� 1sr� 1 is reproduced provided the
averageelectron temperature in the CME region is logTe = 6:3. At later times,
the right panel of Figure 6.11 shows that the Ly� intensities computed from the
electron densitieswe derived, assumingthe sametemperature and out
o w speed
we assumedin the CME front, are signi�cantly di�erent from the observed values.
Hence,it is necessaryto assumedi�erent valuesof Te and vout in order to reproduce
the intensities observed at later times. Taking advantage of the out
o w speeds
measuredfrom Mauna Loa data, we infer the electron temperature we need to
reproducethe observed Ly� intensities after the transit of the CME front.

Results from this computation are given in Table 6.2; the out
o w speedof the
plasma in the CME void is assumedto be an averagebetween the front and core
speeds(seeFigure 6.12,left panel), while for the post-coreregionthe value is uncer-
tain becausethere are no visible pB structures in this region and we assumedthe
samespeedasthat of the CME core. In this Table,errors in the observed intensities
(derived from the number of observed counts by taking into account the averages
we madeover spatial bins and exposures)are on the order of 2%, 5% and 18% re-
spectively for Ly� , O vi and Si xi i intensitiesstarting from � 20:00UT throughout
the whole dataset, while we derived slightly smaller errors at earlier times when
all the line intensities are larger (errors in the derived plasma parametersare dis-
cussedlater in x 6.11). Numbers (1) { (4) in the �rst row of Table 6.2 correspond
to the regionsgiven at the bottom of Figure 6.11 (right panel); segments in this
Figure also show the time intervals over which we computed the averageobserved
intensities and plasma parametersgiven in Table 6.2. Once the Ly� intensities
have beenreproducedwith the appropriate plasmatemperatures,we computed as
a consistencycheck, the O vi and Si xi i line intensities using the line emissivities
given by the CHIANTI spectral code. As a free parameterwe have the oxygen and
silicon abundances,that we assumedto be equal to the value we derived in coronal
streamers(observed only �v e months later) of logN (O) � 8:7 and logN (Si) � 7:7
(seeTables5.5 and 5.6). Values in Table 6.2 show a good agreement (i.e. within
the errors of the observed intensities) between the computed and observed O vi
and Si xi i intensities. Temperaturesin Table 6.2 point towards higher valuesin the
CME structures with respect to the surrounding coronal plasma; in particular, the
core region turns out to have a temperature of about 2:8 � 106 K, hencea factor 2
higher than the 1:4 � 106 K background corona and � 40% higher than the plasma
temperature in the CME front. This corresponds to the temperature increasewe
expectedfrom the observed time evolution of the O vi and Si xi i line intensities,as
we qualitativ ely discussedat the beginningof x 6.7.

We note that the temperature increaseat the CME void and coreis further sup-
ported by an analysisof the O vi 1032 line pro�les: the kinetic temperatures we
derived from the line pro�le Gaussian�ts are on the average� 25% larger in the
CME void and coreregionsthan in the CME front (seeFigure 6.13); larger temper-
ature variations in the CME regionsmay hidden in the averagecoronal plus CME
line pro�le. This Figure shows also that we do not observe signi�cant variations
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Figure 6.13: Top: a comparison between the normalized O vi 1032 line pro�les at
two di�eren t times (averaged over 4 spatial bins around the latitude of ' 50� N and 4
exposures)showing a � 25% line broadening between the CME void and core. Bottom
left: the evolution at the CME latitudes of the hydrogen (dashes) and oxygen (solid)
kinetic temperatures as derived from Gaussian�ts of the O vi 1032and Ly� line pro�les.
Bottom right: the evolution along the UVCS slit (i.e. at di�eren t latitudes) of the oxygen
kinetic temperatures; colors range from 3 (black) to 5�106 K (white).

in the averagehydrogen kinetic temperature, which keepsnearly constant around
1.4�106 K. This can be interpreted as follows: as we discussedabove, the Ly� e-
mission is due only to the radiative excitation, while (partly becauseof the larger
O vi Doppler dimming), the O vi emissionarisesmainly from collisional excitation
6. Becausethe collisional and radiative components are crudely proportional to N 2

e

and Ne respectively, the O vi line pro�le is much morea�ected than the Ly� pro�le
by the larger density regions,such as thoseof the CME.

6For instance, our calculations (seeTable 6.2) show that the radiativ e component of the O vi
intensity in the core region is only � 24% of the total intensity.
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6.10 Mass of the CME

The massof the di�erent parts of the CME can be estimated by assumingthat
the additional electrondensity �Ne derived from the pB data is representativ e of the
CME density. Becausethe CME 3D geometry is unknown, the derived valueswill
give only the order of magnitudeof the real CME massand depend on the assumed
geometry.

From Figures 6.6 and 6.9 we seethat (projected onto the plane of the sky) the
bright CME core has a typical radius on the order of r core ' 0:1 R� ' 7 � 104km.
In order to infer the massof the corewe assumedeither a), a high density spherical
blob of plasmawith radius r core, or b) a cylindrical structure with basesurface� r 2

core
extending over a depth of one solar radii along the LOS and crossingthe plane of
the sky. In the sphericalgeometrythe coreextendsalong the LOS over 0.2 R� and
the additional electrondensity �Ne we computedto reproducethe observed pB is in
this caseabout �v e times larger than density previously computed(Figure 6.11), so
that the product Ne L keepsapproximately constant; in this geometrywe estimate
a core massof � 4 � 1013g. In the cylindrical geometry (L=1 R� ) the additional
density is on the order of �Ne = 3:5� 106 cm� 3 (seeFigure 6.11and Table6.2); hence,
in this secondgeometry, the coreturns out to have a massof � 6 � 1013g.

In order to derive the massof the CME front we assumedeither a) an hemi-
sphericalshell surrounding the corewith thicknessand internal radius of 2 � 105km,
or b) a semicilindrical sheathwith thicknessand internal radius of 2� 105km extend-
ing along the LOS over 1 R� (seeFigure 6.6 and 6.9). Starting from an additional
density �Ne ' 2:7 � 106 cm� 3 (seeFigure 6.11 and Table 6.2), the front massin the
two geometriesturns out to be respectively (a) � 5 � 1014g or (b) � 6 � 1014g.

As for the CME void in betweenthe front and the core,by assumingthe shape of
an hemisphericalshell with internal radius of 7� 104km and thicknessof 1:3� 105km,
with an additional density of 2 � 106 cm� 3 we derive a massof � 5 � 1013g, while
with a semicilindrical sheathwith the samethicknessextendingalong the LOS over
1 R� the massturns out to be � 1 � 1014g. In conclusion,the total CME masswe
estimate is on the order of 6 � 8 � 1014g depending on the adopted geometry; this
massresidesmostly in the CME front surrounding the core, while the massof the
core is lessthan 10%of the total CME mass.

6.11 Uncertain ties in the CME parameters

In this Sectionwe give an estimateof the uncertainties which may a�ect the values
we inferred for the plasma density and temperature. In the technique we used to
derive densities from the observed pB there are two major unknown parameters:
the extensionL along the line of sight of the region with an additional density �Ne

and the position with respect to the plane of the sky wherethis region is centered.
All the resultswe have shown (except for the coremassin sphericalgeometry)have
been derived by assumingL = 1 R� and � CM E = 0 (where � CM E is the angle,
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Figure 6.14: Left: typical electron density pro�les (normalized to the maximum density
value N max

e on the plane of the sky at the position 0 on the x axis) along the LOS at 1.6
R� computed with the region of additional density (1 R � long) centered on the plane of
the sky (solid line), and centered at angles� CM E of 15� (dotted), 30� (dashed) from this
plane. Right: typical squaredelectron density pro�les (samesymbols as in the left panel)
used to compute the emission measureEM =

R
LO S N 2

e dz; these curves show that the
EM value doesnot signi�cantly changefor di�eren t � CM E values.

measuredfrom the plane of the sky, wherethe region with additional density �Ne is
centered along the LOS); in the following we discusshow changesin L and � CM E

a�ect the derived parameters.
As we mentioned, the assumption � CM E = 0 has been suggestedby the ob-

servation of no signi�cant Doppler shifts in the UVCS Ly� line pro�les (i.e., the
wavelength shift, if any, is � 0:1�A, which is the spectral binning of our data). How-
ever, if the region with the enhanceddensity is centered at angles� CM E = 15� and
30� from the plane of the sky we �nd (along the LOS at 1.6 R� ) an increasein
the �Ne value respectively by 4% and 28%. Hence, the value �Ne = 2:7 � 106 cm� 3

for � CM E = 0 (seeFigure 6.11, right panel) increasesto �Ne = 2:8 � 106 cm� 3 and
= 3:5 � 106 cm� 3 respectively at � CM E = 15� and 30� . However, the changein the
background plus CME density is small, as shown in the left panel of Figure 6.14:
asa consequence,the

R
LO S Ne dz changesfrom the value computedwith � CM E = 0�

only by � 0:3% and � 3% respectively with � CM E = 15� and 30� , while at these
anglesthe

R
LO S N 2

e dz changesby � 3% and 9%. We concludethat variations in the
� CM E value do not sensiblya�ect the computedvaluesof the line intensities (hence
the derived temperatures), at least in the simple approximation we made that the
CME plasma is isothermal along the LOS and the background atmospherehas a
constant temperature. On the contrary, the computed CME masseswill increase
with �Ne as � CM E increases;in order to constrain the � CM E values simulations of
the overall pro�le originating from a superposition of the background atmosphere
and a CME propagatingat di�erent anglesare in progress.Becausethe line pro�les
do not show signi�cant Doppler shift, we expect to be able to constrain the � CM E
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values(hencethe CME mass)given the observed CME rising speed.

Figure 6.15: Left: the computed variations (%) of the electron density < N e > (dotted
curve, averagebackground plus CME density along the LOS) and of the additional density
�Ne (solid curve) asa function of variations (%) in the length L along the LOS of the CME

region. Right: variations (%) in the computed Ly� intensity as a function of logT for
di�eren t valuesof L (seetext).

The assumption of L = 1 R� has been suggestedby the observed extension
(projected onto the plane of the sky) of the CME bubble (seeFigures 6.6 and 6.9)
which we assumedto be representativ e also of the CME extensionin the direction
perpendicular to the plane of the sky. The left panel of Figure 6.15 shows the
variations in the computed electron densitiesas a function of the assumedlength
L along the LOS of the region with additional density �Ne. Let us assume,for
instance,that with L = L 0 we derived a value of < Ne > = < Ne > 0 for the electron
density, and that the computed Ly� intensity I (Ly � ) = I (Ly � )0 reproducesthe
observed value with a temperature in the CME region of T = 106:3 (data points in
the two panelsof the Figure). Hence,the left panel of Figure 6.15 shows that, by
assumingfor instancean error of 50% on the L value (so that L = L 0 � 50%), we
have < Ne > = < Ne > 0 � 15%

20%. The corresponding error in the estimate of the Ly�
intensity is I (Ly � ) = I (Ly � )0� 30%

40% (becauseI (Ly � ) / L � Ne) and from the right
panel of Figure 6.15 we seethat this uncertainty corresponds to logT = 6:3� 0:25

0:1

on the temperature value (seeerror bars in Figure 6.15, right panel). We note that
with this uncertainty all CME temperaturesmay be either under or overestimated,
hencetemperature di�erences betweendi�erent structures will be maintained and
the generaltrend of higher temperaturesat the CME void and core is still valid.

The a priori chosenvalue of L may signi�cantly a�ect the derived value of the
additional density �Ne, and the computedCME mass.However, asshown by the solid
curve of Figure 6.15 (left panel), changesin the L value are balancedby changes
in �Ne, so that the product L � �Ne keepsapproximately constant. As a consequence,
larger �Ne valuescorrespond to smaller valuesof the volume occupiedby the CME
(becauseof the reducedlength L alongthe LOS) and the variation in the computed
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massfor L = L0 � 50%are on the order of only � 5%.

6.12 Discussion and conclusion

In this work we studied the early evolution of a CME which occurred on January
31, 2000,with the aim of inferring the structure of the CME in the early stageof its
development. Mauna Loa white light and UVCS UV data allowed us to reconstruct
the CME con�guration: a comparisonof the observed structure with that predicted
by the Lin & Forbes (2000) CME model shows the two to be quite similar. In
particular, it has been possibleto identify , lessthan one hour after its initiation,
the typical three parts of a CME (front, void and core) both in white light and
UV data. From the pB data we derived the electron densitiesin thesestructures:
their pB contrast with respect to the background hasbeenreproducedby increasing
the electron densitiesrespectively by 35%and � 50%over the averagebackground
coronal density for the CME front and core. From these densitieswe tentativ ely
derived the massof di�erent CME structures, by assumingsomesimple geometries
for their 3 dimensionalshape. It turns out that at 1.6R� the total masswecompute
is 6 � 8 � 1014 g. This value is on the small side with respect to more typical CME
massesof � 1015 � 1016g; however, as pointed out by Lin et al. (2004), the massof
a CME increaseswith increasingheliocentric distances,becauseof the progressive
reconnectionof new �eldlines around the CME bubble. In the Lin et al. scenario,
most of the CME mass(� 80%) is added shortly after the onset of reconnection,
henceit is possiblethat the massvaluewe derive is representativ e only of the initial
massof a CME in the early phaseof its development. The total massof this CME
(as derived at higher levels from LASCO/C3 images7) is about 2:1 � 1015g, hence
a factor � 3 larger than the masswe derive at 1.6 R� . The massof each CME
measuredby LASCO imagesincreaseswith time also becauseof the partial �lling
in the telescope FOV and the value of 2:1 � 1015 g derived by LASCO corresponds
to the upper limit value reached before the CME starts leaving the LASCO �eld
of view; hencea CME massat 1.6 R� of 1/3 of the total massmeasuredat higher
levels seemsto be realistic.

An interesting result we derived is the temperature variation acrossdi�erent
CME structures, in particular a temperature higher by factors 1.4, 1.8 and 2.0 than
the surrounding 1:4 � 106 K corona respectively in the CME front, void and core.
This behaviour, alsocon�rmed by the variations of the oxygenkinetic temperatures,
is opposite to what envisaged by the Lin, Raymond & Van Ballegooijen (2004)
model (seeFigure 6.3 wheredarker colorsindicate higher temperaturesin the CME
bubble), where plasma in the outer layers of the CME bubble, being the latter
to be reconnectedat the top of the current sheet, is expected to be hotter (i.e.
temperaturesdecreasefrom the external bubble shellstowards the CME core).

At the low heliocentric distanceof 1.6 R� we are dealing with plasma heating

7SeeLASCO CME catalog on http://cda w.gsfc.nasa.gov/CMElist/
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cannotbeprovided by a shock asthe speedof the CME front is too small. The sound
speed vs =

p

 p=� =

p
(5=3)kB Te =mH in the corona at the temperature given

above is about 140km/s, while the Alfv �en speedvA = B=
p

�� = B=
p

8� Ne mH is
on the order of 570 km/s for a 1 Gaussmagnetic �eld and an electron density of
7:4 � 106 cm� 3; hencethe CME front movesat a sub-sonicand sub-alfv�enic speed.
In caseof plasmaheating by a simple adiabatic compressionwe expect the product
� = Te N 1� 


e = Te=N 2=3
e to be nearly constant. Because� coronal =� f r ont ' 0:9, as we

computed with electron density and temperature valuesgiven in Table 6.2 for the
CME front and with density and temperature given above for the external corona,
we may concludethat, within the uncertainties, plasmaheating at the CME front
is provided in �rst approximation by an adiabatic compression. On the contrary,
di�erent processeshaveto beinvokedin order to explain the observedplasmaheating
at the CME void and core; further analysison this issueis at present in progress.
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Chapter 7

Post{CME curren t sheet evolution

7.1 In tro duction

In the previousChapter we have shown that the three-part con�guration of a CME
can be detectedin the low corona,at altitudes lower than 2 R� . Independently of
the mechanismsthat modelersinvoke to explain what causesthe CME events and to
model the �eld restructuring and accompanying features,there is a generalconsen-
susabout magnetic reconnectionplaying a fundamental role in the whole process.
Modelsmay be brie
y classi�ed either ascatastrophe,or 
ux-rop e models(see,e.g.,
Lin & Forbes,2000)and non-
ux-rop emodels,e.g. breakout (Antiochoset al., 1999)
or shearingarcademodels (Miki �c & Linker 1994). In the latter, reconnectionmay
be the causeof the initial instabilit y and may eventually lead to the formation of
a 
ux-rop e. In the catastrophemodels,a current sheet(hereafter CS) is envisaged,
extending from the top of the reconnectedloop systemto the plasma bubble that
surroundsthe 
ux rope: reconnectionprovides for both the chromospheric/coronal
features (separating bright ribbons, growing loop system) and the interplanetary
phenomena(ejection of the plasmabubble). Figure 7.1 is a cartoon illustrating the

ux rope model of Lin & Forbes(2000).

In the work illustrated in the previous Chapter we had no evidencefor the p-
resenceof a CS: possibly at these early stagesthe CS was still below the UVCS
observingaltitudes. Direct observations of a CS during a CME event would con-
tribute relevant information to modelers,but becausea CS is supposedto be thin,
its detection is quite di�cult. Moore et al. (1995) infer a thicknessof 800 to 8000
km for the reconnecting\w all" in a large solar 
are. Ciaravella et al. (2002) and
Ko et al. (2003) assumea CS depth, in a post-CME event, on the order of � 105

km, from the width of a bright, high temperature emitting region. This sizeis con-
sistent with the thicknessl that can be inferred from the Sweet-Parker relationship
l = h � MA (whereMA is the Alfv �enic Mach number equal to the ratio of the in
o w
speed to the local Alfv �en speed) assuminga sheet length h of � 5 solar radii and
MA = 0:03, which appearsto be the peakvalue M A attains minutes after the CME
onset(seeWebbet al., 2003,and referencestherein). This is probably an upper limit
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Figure 7.1: The CME/
ux rope con�guration from Lin & Forbes (2000). The position
of the post-CME loops (seetext) is also shown.

to the thicknessof the CS and what is appropriate at later times cannot be easily
predicted: while h is going to increaseM A decreasesand theseprocessescompete in
determining the actual size. Thesevaluesare much larger than those obtained by
assumingthat the reconnectingregion has the typical sizeof elementary 
ux tubes
(see,e.g., Sturrock et al., 1984) and show that the CS characteristics are still far
from being identi�ed.

Recently there have beenreports of CS detectionsin the extendedcorona,from
observations acquired in the wake of CME events by UVCS and LASCO (see,e.g.,
Ciaravella et al., 2002;Ko et al., 2003;Raymond et al., 2003). CSshave beeniden-
ti�ed in UVCS data from the presenceof emissionfrom unusually high temperature
ions; tipically this emissionlasts for many hours, although a casefor short lived (�
minutes) has beenpresented by Raymond et al. (2003). In the white light LAS-
CO imagesCSscorrespond in generalto ray like bright structures; similar ray like
featureshave been found by Webb et al. (2003) in Solar Maximum Mission data
in association with \disconnection events" associated with CMEs and have been
ascribed to CS as well.

7.2 The goal of our observ ations

In the work presented herewe focuson analyzingUVCS data acquiredin the after-
math of a CME which occurredat � 17:00UT on November 26, 2002. Becausethe
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grating position we usedallowed us to observe high temperature lines, which may
form in a Current Sheet(CS), we aimed at identifying the CS and give its physical
parameters.Then, becausewehavedata for morethan two days, wederived the evo-
lution with time of the CS:this hasbeensofar not observedand the knowledgeof the
temporal pro�le of the CStemperature, for instance,may help theoreticiansdevelop
realistic modelsfor the behavior of the CS in the late stagesof the CME event. Our
observations have beentaken at the time of a Sun-Ulysses-SOHOquadrature, that
is at the time when the Sun-SOHO-Ulyssesangle is ' 90� . We have already illus-
trated in Chapter 5 the reasonwhy this geometryis important (x 5.2): instruments
on Ulyssesmeasurethe properties of the solar wind plasma (Solar Wind Obser-
vations Over the Polesof the Sun [SWOOPS]) and magnetic �eld (Vector Helium
Magnetometerand Fluxgate Magnetometer[VHM/F GM]) and, most importantly,
the composition and ionizaton state (Solar Wind Ion Composition Spectrometer
[SWICS]). Hence, this special con�guration gave us the opportunit y of checking
whether signaturesof the CME could be found in Ulyssesdata at � 4:3 AU. As we
will see,our study wassuccessfullaswe have beenable to identify the CS, separate
its emissionfrom that of the ambient corona, and give the evolution with time of
the physical parametersof the CS. Order-of magnitude estimatesof 
o w into the
CS and the behavior of the density in the regionsurrounding the CS are alsogiven.
Moreover, we identi�ed the CME signature in Ulyssesin situ data, establishingan
unambiguouscorrespondencebetweencoronal and in situ CME parameters.

7.3 The November 2002 CME scenario

In the following, we illustrate the coronal con�guration as imaged by LASCO/C2
instrument on November 26 { 29, 2002 to help the reader understand the overall
scenarioof the events occurring during UVCS observations. Prior to the CME the
coronal con�guration o� the West limb shows two large streamerscentered, respec-
tively, at � 10� (hereafterstreamer1) and 50� North latitude (hereafterstreamer2).
MDI and the Big Bear Solar Observatory Active RegionMonitor 1 (ARM) show on
November 26, 24:00UT the presenceof two active region (AR) groups: a northern
group, including NOAA 10197and 10199ARs (locatedrespectively at N25W84and
N28W58) and a southern group including NOAA 10198,10201and 10195ARs (lo-
cated respectively at S18W61,S16W78and S16W94). This complexcon�guration
(seeFigure 7.2, top and bottom left panels)allows for topologicalconnectionswith-
in individual ARs as well as for transequatorial loops connectingactive regionsin
the two hemispheres.With respect to the streamerlocations, ARs in the northern
hemispherelie on the southernsideof streamer2 and active regionson the southern
hemispherelie on the southernmostside of streamer 1. The CME we are dealing
with started around 17:00UT on November 26, 2002in the West hemisphere,and
wasmostly con�ned within the NW quadrant. At that time the GOESsatellite does

1seehttp://www.sola rmonitor.org/index.php?date=20021126 on the web
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Figure 7.2: Top row: imagesof the loop system developing after the CME as seenin
EIT He i i � 304 �A imagesat di�eren t times. The panel at the right of the EIT imagesis
a cartoon depicting the scenarioof the November event at the time UVCS acquired data:
the line of sight is normal to a high temperature region (emitting the hot [Fe xvi i i] � 974
�A spectral line) which we interpret asa CS (seetext). The EIT post-CME systemconsists
of loopswhich bridge over the limb of the Sun. Bottom row, left: an EIT di�erence image
in the Fe xi i � 195 �A emission,which better reveals the bright tops of the reconnecting
loops; right: altitude vs. time pro�le of the top of post 
are loops,asmeasuredat di�eren t
positions and in di�eren t lines. The black arrow marks the CME initiation time.

not provide evidenceof any large 
are event and it is di�cult to identify unambigu-
ously the CME starting time. There are no regions,behind the limb, that might
contribute to the CME: NOAA 10197and 10199are isolated regionsin the North-
ern hemisphere,while in the southernhemispherethe closestregion to AR 10194is
NOAA 10195,40 degreesaway (and even more distant from the other regions).

In order to check for phenomenaoccurring in the lower corona,we examinedEIT
imagesin the He i i � 304 �A and in the Fe xi i � 195 �A spectral lines. Unfortunately,
� 195 �A data have a gap betweenNovember 26, 13:13UT and November 26, 19:13
UT: the only availableEIT data arein He i i 304�A and provide no evidencefor events
from the CME region at the approximate time of the CME initiation. Hence,we
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Figure 7.3: LASCO imagesof the CME event that started on November 26, 2002� 17:00
UT, at di�eren t times (time runs clockwise starting from the top left panel). Superposed
onto the imageswe also show the radial direction to Ulyssesand, normal to the radial,
the UVCS slit, centered at 1.7 solar radii at a latitude of 27� N.

have no information on the CME ejection signatures.We note, however, that He i i
data show, from November 26 through November 29, repeatedtransient ejectionsof
chromosphericmaterial from streamer2 (observed by UVCS asa dramatic increase
of the C i i i intensity) unrelated to the CME event: theseevents will not be dealt
with in this work.

Figure 7.3 illustrates the white-light coronalactivit y in the North-Westquadrant
as seenin imagestaken by LASCO/C2, throughout the 2.3 days observations we
made. For future reference,we also show the position of the UVCS slit. As shown
in Figure 7.3, the CME appears to originate from the northward side of streamer
1, in between the north and south group of ARs, and leaves initially the streamer
2 structure apparently una�ected. The relation between the CME and the two
active regionscomplexesis not clear. Streamer 1 gets partially disrupted by the
CME and de
ected by � 7� towards southernmost latitudes. As time goes on,
streamer 1 slowly comesback to its original position and eventually, at the end
of our observations (November 29, 02:56UT), is centered at � 14� North (that is,
slightly northward of its original position), while streamer2 shifts by � 6� northward
aswell. However, the multiple cuspsat the top of this streamersuggestweareseeing
unresolved substructureswhich project onto the plane of the sky within the same
area. On November 28,07:00UT (seeFigure 7.3) oneof thesesubstructuresstarts to
rapidly shift southwardsbecomingclearly visible and, at the endof our observations,
is centered at � 30� North. This seriesof events endsup tightening the \gap" area
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in betweenstreamers1 and 2, which, on November 29, is nearly �lled with emitting
plasmawhich makesit brighter than it was prior to the CME eruption.

The CME weanalyzeis not a fast event: from LASCO imageswederivedbetween
16:54and 22:06UT the outward speedof the openingloop preceedingthe CME core
to increasefrom � 90 to � 420km/s, while, behind the dark cavit y, the CME core
seemsto take o� with an initial very low speedwhich increasesup to a �nal speed
that spansbetween� 130 and � 250km/s depending on the di�erent parts of the
CME. Analogousvariations in the rising speed of di�erent parts of a CME have
been found, e.g., by Lin et al. (2005). Here is su�cien t to notice that, whatever
speedis chosen,the November 26 CME is a slowly evolving phenomenon.

7.4 UV CS observ ations

UVCS observations started on November 26, 18:39UT, and lasted until November
29, 02:56UT, with 4 gaps in between. Becauseour observations started after the
CME ejection, we expect to image the post-CME recon�guration brie
y described
in the previoussection.

The UVCS slit, normal to the solar radius, has been centered at a northern
latitude of 27� , in the western quadrant, at a commandedaltitude of 1.7 R� (see
Figure 7.3). The slit width was100� m and the detectormasksbinned the data over
6 pixels (42

00
) in the spatial direction. The mask has beenselectedto cover lines

from ions originating in hot plasmasaswell as from ions originating in cool plasma.
Table 7.1 lists the lines that have beendetectedduring the observations, together
with the temperature of formation of the emitting ion, from the ionization balance
of Mazzotta et al. (1998). Data have a 2 pixel spectral binning (0.1986�A/bin) in
the 1023.97{1043.23�A, 998.15{1008.87�A, 967.17{981.07�A spectral intervals and
a 3 pixel spectral binning (0.2979�A/bin) in the 991.15{994.72�A, 943.68{965.13�A
spectral intervals.

As we mentioned in x 4.2.3, the C i i i � 977.02�A emissionallows to correct lines
for stray light contamination. However, becausein our data the C i i i line is usually
not observed at the CME latitudes, this implies that the stray light contribution is
negligibleand the correction hasnot beenmade.

Figure 7.4 shows the intensity distribution along the UVCS slit, summedover �
2.5 hours of observations, of four lines, H Ly� and O vi , Si xi i, [Fe xvi i i] represen-
tativ e of low, high and very high temperature plasma. Theseintensitiesare given at
the beginningof our observations (Nov. 26, 18:39UT; left column), at an interme-
diate time (Nov. 27, 21:30UT; middle column) and at the end of our observations
(Nov. 29,00:20UT; right column). The Ly� and Si xi i � 499�A lineshave essentially
the sameintensity pattern and show brighter emitting featuresat the position of the
northern streamer and of the disrupted southernmoststreamer visible in LASCO
images.The gap in betweenthe two bright featurescorrespondsto the dark channel
in betweenstreamersin LASCO images. Synoptic data acquired on November 25
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� obs (�A) � I D (�A) Ion Transition logTmax

943:66 943:61 Ca xiv 2s22p3 4S3=2 � 2s22p3 2D3=2 6.5
944:37 944:38 Si vi i i 2s22p3 4S3=2 � 2s22p3 2P3=2 5.9
949:15 949:22 Si vi i i 2s22p3 4S3=2 � 2s22p3 2P1=2 5.9
950:09 950:15 Si ix 2s22p2 3P1 � 2s22p2 1S0 6.0
962:98 481:45 Fe xv 3s3p 1P1 � 3p2 1D2 6.3
972:51 972:54 H i Ly
 4.5
974:08 487:03 Fe xi i i 3s23p2 3P2 � 3s3p3 5S1 6.2
974:77 974:86 Fe xvi i i 2s22p5 2P3=2 � 2s22p5 2P1=2 6.7
976:99 977:02 C i i i 2s2 1S0 � 2s2p1P1 4.8
991:62 991:58 N i i i 2s22p2P3=2 � 2s2p2 2D5=2 4.9
998:76 499:37 Si xi i 1s22s 2S1=2 � 1s22p2P3=2 6.3
1025:69 1025:72 H i Ly� 4.5
1028:04 1028:04 Fe x 3s23p43d 4D7=2 � 3s23p43d 4F7=2 6.0
1031:90 1031:91 O vi 1s22s 2S1=2 � 1s22p2P3=2 5.5
1034:50 1034:48 Ni xiv 3s23p3 4S3=2 � 3s23p3 2P3=2 6.2
1037:63 1037:61 O vi 1s22s 2S1=2 � 1s22p2P1=2 5.5
1041:04 520:66 Si xi i 1s22s 2S1=2 � 1s22p2P1=2 6.3

Table 7.1: Lines identi�ed in the UVCS spectra.

(hencebefore the CME) reveal that the O vi and Si xi i line intensity distribution
was very similar to what observed at the beginningof our observations.

We point out that the EIT rising loops system shows up at latitudes between
20� and 30� N matching the position of the CME ejection angle. During the same
time interval, the [Fe xvi i i] � 974 �A line intensity evolution is completely di�erent:
at the beginningof UVCS observations (Figure 7.4, bottom left panel) the emission
from this line, as expected, is very weak, if any, throughout the whole slit length2.
In the following days, an enhanced[Fe xvi i i] emission,revealinga high temperature
plasma (log T � 6:7), is concentrated in a wider latitude interval between ' 20�

and 30� N, henceabove the EIT rising loop system. Figure 7.4 shows that at the
latitudes of the [Fe xvi i i] emission,the low temperature Ly� and O vi lines have
a local intensity minimum, indicating that theselines are mainly emitted from the
low temperature quiet coronaaheadand behind the hotter region. In the O vi line
this behavior is, in the November 26 and 27/28 line panel, lesspronouncedthan in
Ly� , while on November 29 no minimum appearsat the position of the Ly� dip.
This di�erence can be ascribed (seelater on x 7.6) to the O vi line being entirely
emitted from the background corona, while the hot region contributes to the Ly�
radiation. In the days after the event, the Figure shows the appearanceof a third
structure in betweenthe two streamers: this feature can be identi�ed as the radial

2We note that we have no means to ascertain whether the [Fe xvi i i] was present/absent at
earlier times becausethe available synoptic data on the previous days do not include this line.
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Figure 7.4: Line intensity distribution as a function of the position along the UVCS
slit, at, left column, the beginning of our observations; middle column, an intermediate
time; right column, the end of the observations. Intensities are given in phot cm� 2s� 1sr� 1

and have beenintegrated over 9600s. Selectedspectral lines are representativ e of plasma
emitting at progressively higher temperatures (seeTable 7.1 and Figure 7.7). Top row:
intensity along the slit of the O vi 1032 �A and of the H Ly� (multiplied by a factor 10)
lines; middle row: intensity along the slit of the Si xi i 499 �A line; bottom row: intensity
along the slit of the [Fe xvi i i] 974 �A line.

structure observed in the LASCO/C2 data (seex 7.3 and Figure 7.3, bottom row).
This implies that the hot regionat a latitude of about 25� N, is includedbetweentwo
approaching features: the northward moving streamer1 and the southward moving
radial structure described above.

In order to better understand the evolution of the [Fe xvi i i] line emission,we
show in Figure 7.5 the intensity we observed along the UVCS slit during the � 2.3
days following the event with a time resolution of 240 s. The distribution of the
line intensity variesacrossthe 20� {30� N latitude interval, �rst appearingat northern
latitudes and then migrating southward to occupy a wider area. Most of the time the
[Fe xvi i i] intensity has two emissionpeaksat � 22� and 28� N and thesepositions
remain approximately constant over the 2.3days of observations. The line intensity,
however, shows an increaseuntil the secondhalf of November 28, when it starts
decreasing.Outside the high temperature region,negligibleemissionin [Fe xvi i i] is
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Figure 7.5: Temporal evolution of the [Fe xvi i i] � 974 �A intensity along the UVCS slit.

detected.
A more quantitativ e view of the evolution with time of the [Fe xvi i i] emissionis

given in Figure 7.6, which shows the temporal pro�le of the [Fe xvi i i] 974 �A and,
for comparison,of the Fe xv � 481 �A line intensities, averagedover the 20� to 30�

latitude interval (bins 30 to 37). Spatial averaging allowed us to derive better Fe
xv intensities, because,as Fig. 7.6 shows, the 481 �A emissionis negligible at the
beginning of the observations. The [Fe xvi i i] � 974 �A increasesby more than one
order of magnitude from November 26, 18:39UT to November 27, � 16:00UT, and
slowly decreasesafterwards. On the other hand, the weak initial emissionin the
Fe xv � 481 �A line continuously increasesthroughout the 2.3 days of observations.
Qualitativ ely, this behavior of the line emission from di�erent ions of the same
element can be explained in terms of a temperature decrease with time; this is
shown in Figure 7.7 which gives (left panel) the emissivitiesof the [Fe xvi i i] � 974
�A and Fe xv � 481 �A lines (and of the [Fe x] � 1028�A line, for future reference)vs.
logT.

Figure 7.7 shows that the [Fe xvi i i] and Fe xv emissivitespeak respectively at
T � 106:7 K and 106:3 K: hence, if plasma is cooling from a temperature higher
than 106:7 K, the [Fe xvi i i] line emissivity �rst increases,until that temperature is
reached, to decreaseafterwards, while the Fe xv emissivity continuously increases
up to a temperature of 106:3 K.

UVCS data have thus revealedthe presenceof a wide (� 6 � 105 km) regionwith
anomalouslyhigh temperature plasma, which overlies the post-CME loop system
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Figure 7.6: Intensity vs. time of the [Fe xvi i i] � 974(solid) and Fe xv � 481 �A (multiplied
by a factor 10, dash) lines at the position of the CS. The Fe xv intensity beforeNovember
27, � 00:30 UT (gray region) has been extrapolated back from later times (dotted line)
becausethe line is too weak (and statistical errors too high) to be measured.

imagedby EIT and persistsfor more than two days in the aftermath of the CME.
This might possibly originate from the top of the newly reconnectedpost{CME
loops or in the CS formed after the event. Following Ciaravella et al. (2002), Ko
et al. (2003) and Raymond et al. (2003) we identify this high temperature region
with the CS that develops in the restructuring corona, as predicted by, e.g., the

ux rope/CME model of Lin & Forbes(2000). From hereonwards, we refer to the
bright [Fe xvi i i] region as to the CS region and we will justify this assumptionin
x 7.6. In the following we concentrate on the temporal evolution of the CS physical
parameters,averagedover the � 20� to 30� N latitude interval.

7.5 Ph ysical parameters in the corona and the CS

In order to derive the plasmaphysical parameterswe usedthe techniquesdescribed
in Chapter 3. Here, writing the approximated expressionfor the intensity of a
collisionally excitedspectral line (equation3.47)we de�ned the averagecontribution
function (equation 3.48) in the hypothesisthe plasmaelectronic temperature to lie
in an interval � Te � Te, hencethe plasmato be nearly isothermal along the line of
sight.
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Figure 7.7: The emissivities of [Fe x] � 1028 �A, Fe xv � 481 �A, [Fe xvi i i] � 974 �A lines
(left panel) and of [Si vi i i] � 944 �A, [Si ix ] � 950 �A, Si xi i � 499 �A lines (right panel) from
the Chianti Spectral Code (v. 4.2), basedon the ionization equilibria of Mazzotta et al.
(1998).

However, we note that post-CME loops(as shown in Figure 7.2) seemto bridge
over the solar limb: hence,we expect to seethe CS, which lies approximately in the
plane of the sky (Figure 7.2, top right cartoon), face{on. In this geometry, emission
along the LOS originates both in the CS and in the \quiet" coronal plasmaahead
and behind it, and the temperatures,densities,element abundancesof the CS and
of the intervening quiet coronal regionsmay be di�erent; the hypothesisof nearly
isothermal plasma is no longer valid. As a consequence,in order to derive the CS
parametersit is mandatory to separatethe CS and the coronal contribution along
the LOS: at the latitude of the CS, both regions contribute to the observed line
intensities, while at the latitudes besidesthe CS only the quiet coronal emissionis
present.

This has beendone as follows: Table 7.1 shows that in our casethe line-ratio
technique (x 3.3.2) can be applied to the [Fe x] 1028�A, Fe xv 481 �A and [Fe xvi i i]
974�A linesand to the [Si vi i i] 944�A and [Si ix ] 950�A lines. However, the emissivity
curvesof Fig. 7.7 show that plasmaemitting in the [Fe x] 1028�A line has too low
a temperature to account for the [Fe xvi i i] 974 �A line, which forms only at high
temperatures,while the Fe xv 481�A line originatesfrom an intermediate regimeto
which both the low and high temperature plasmasmay contribute. At the position
of the CS, where the [Fe xvi i i] emissionis detected, emissionfrom a quiet, low
temperature corona,superposesalong the LOS onto the high temperature emission
from the CS. Hence,temperaturescannot be derived simply from the observed Fe
line intensities, because,independently of the pair of lines we choose([Fe x] 1028
and Fe xv 481 or [Fe xvi i i] 974 and Fe xv 481), we end up mixing contributions
from di�erent plasmas.

In order to derive the electrontemperatureof the quiet coronaalongthe LOS, we
then resort to [Si vi i i ] 944�A and [Si ix ] 950�A line emission,astheir peakemissivities
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Figure 7.8: Block diagram showing the procedure used in the paper to separate the
contributions along the LOS of the high temperature CS and the quiet corona to the line
intensities and to determine the plasma physical parametersof both regions.

are in the 5:9 � logT � 6:0 temperature range,typical of the quiet corona(seeright
panelof Figure 7.7and Table7.1). Oncethe valueof the electrontemperatureof the
quiet coronais determinedfrom the Si lines intensity ratio, we derive with this value
and the observed [Fe x] line intensity the factor EF e = AF eNeNH L, whereL is the
thicknessof the emitting low temperature plasmaalong the LOS. Knowing Te; EF e,
we can calculate the contribution I F eX V ;QC to the Fe xv line emissionoriginating
from the quiet coronaand, by subtracting this contribution from the observed line
intensity, derive the contribution from the CS region I F eX V ;CS to the total line
emission.Becausethe [Fe xvi i i] is emitted only from the high temperature plasma
in the CS, the ratio betweenthe intensity of the [Fe xvi i i] 974line and the I F eX V ;CS

line component gives an estimate of the CS electron temperature. Note that this
procedureavoidsmaking any hypothesison the valueof the Feabundancein the CS,
possiblydi�erent from the Fe abundancein the quiet corona;however we madethe
simplifying assumptionthat the quiet coronaand the CSplasmaareboth isothermal.

To help the reader follow the procedurewe are describingwe built a 
o w-chart
diagram (seeFigure 7.8) that illustrates the links among di�erent steps. The left
part of the �gure refers to the \quiet", low temperature plasma, the right part of
the �gure refers to the CS, high temperature plasma. At the latitude of the CS,
both regionscontribute to the observed line intensities; at the latitudes besidethe
CS only the quiet coronal emissionis present.
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Having derived the electron temperaturesof the quiet, low temperature corona
and of the high temperature CS which contributes to the LOS emission,we proceed
to determine element abundancesin both regions. Absolute element abundances
AX can be derived from the collisional components of lines, provided the collisional
component of a Hydrogen line is also known (see x 3.3.4). In this case, under
the assumptionthat the collisional components of both lines originate in the same
region, we may write

AX =
EX

EH
(7.1)

In the present data set, we detected both the H Ly� and the Ly
 lines; in order
to identify the collisional and radiative components of the Hydrogen lines from
their observed intensitieswe followed the standard procedure(seex 3.3.1). Usually,
this procedureis applied to the Ly� and Ly� lines: in our case,becauseLy� is not
included in our data, weusedthe Ly� and Ly
 lines. Then, from the known electron
temperaturesof the CSand of the quiet corona,the percentagecontribution of these
regionsto the collisional intensities has beeninferred (as done for the I F eX V line),
their EH factors estimatedand abundancesAX have beencalculatedfrom equation
7.1.

We still need to know the values of the quiet corona and CS thicknessalong
the LOS (respectively, L and l), in order to derive densities. Conversely, knowing
abundancesand densities,it is easyto derive L valuesfrom the EX = AX NeNH L
relationship. Becausein the CS we do not have a meansto derive separatelyl or
Ne, we assumethe CS thicknessto be on the order of � 104 km, an error of a factor
10 implying a factor 3 error in the derived densities.

We have determinedthe quiet coronadensitiesfrom the ratio betweenthe colli-
sional and the radiative components of the O vi 1032�A line intensity (seex 3.3.3).
Emissivities from the O vi line decreaseby about two order of magnitudesas Te

increasesfrom logT = 6 to logT = 6:6, hencedensitiesderived with this method
are representativ e only of the quiet coronaand the evaluation is not a�ected by the
presenceof the CS. Knowing densities,we calculated the quiet coronathicknessL.

The separation between the radiative and collisional components of the O vi
doublet lines has been performed using the samestandard procedurefollowed for
Ly� and Ly
 lines. As mentioned in x 3.3.3, densitiesderived with this technique
are crudely evaluated as a static plasma is assumedand the emissionis supposed
to originate in the plane of the sky. Plasmaalong the LOS appearsto be static, or
to have a negligible speed,becausespectral lines do not show evidenceof any shift
in � - that is no motion along the LOS has beenrevealed- and the ratio between
the 1032and 1037O vi line intensities is, throughout our data set, on the order of
2.8 to 3.5. This ratio is indicative of motions in the radial direction (seex 3.3.6):
crudely we can say that a ratio of order � 2 points to an out
o w speedon the order
of 100 km/s (Noci et al., 1987). Higher ratios, like those in our data-set, indicate
negligible out
o w speedsand justify the technique used to derive densities in the
quiet corona. In the CS the O vi emissionis undetectable,hencewe can not infer
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out
o ws in the CS from the Doppler dimming of oxygen lines.
As shown in Figure 7.7 the Si xi i � 499 �A line is emitted (analogouslyto the

Fe xv � 481 �A line) both from the low temperature plasma at � 106 K and from
the high temperature plasmabeyond 106 K. To separatethe two contributions, we
followed the sameproceduredescribed for the Fe xv line and shown in Figure 7.8.

In closing this section we like to remind the reader that ionization equilibrium
has been implicitly assumedto hold throughout our calculations. The validit y of
this assumptionwill be discussedat the end of x 7.8.

7.6 Results

We illustrate now the results obtained by applying the technique described in the
previousSectionto our data set.

Electron temp eratures in the CS and adjacen t regions

We �rst examine the electron temperature evolution in the quiet corona. Figure
7.9 shows the behavior of the electrontemperature along the UVCS slit at di�erent
times. Scatter betweenindividual points is due to uncertainties in the [Si vi i i] and
[Si ix ] line intensities (both are blendedwith other lines, seelater), which hasbeen
minimized by averagingover 9600s. In spite of the uncertainties, however, a value
of logT � 6:25, for regionsat either side of the CS, is clearly de�ned. The regions
which border the CS, hencethe regionsbesidethe area where the CME occurred,
are occupied by streamers. BecauselogT � 6:25 is the temperature of maximum
formation of the Si xi i ion (seeFigure 7.7), we expect each streamerto correspond
to a peak in the [Si xi i] emission;this is con�rmed by Figure 7.4.

A temperature of � 106:2 K is in agreement with estimatesof temperatures in
streamersat comparableheights. For instance,Uzzoet al. (2004),from UVCSdata,
found Te ranging between6:1 � logT � 6:3, for active region streamersobserved in
2001. Electron temperatureswe derived in Chapter 5 and derived (still from UVCS
data) by Parenti et al. (2000)for streamersobserved, respectively, in 1998and 2000
are on the order of 106{106:15 K at altitudes ranging between1.5 and 1.9 R� . Foley
et al. (2002) from CDS data derived a slightly higher temperature of � 106:34 K at
1.6 solar radii for streamersobserved near solar maximum.

Over the latitude interval where the high [Fe xvi i i] emissionshows up, the
temperature from the [Si ix ] to [Si vi i i ] ratio has a minimum which reveals the
quiet coronabesidethe CS latitudes to have di�erent physical properties than the
coronaalongthe LOS aheadand behind the CS.Lower temperaturesalongthe LOS
at the CS position can be ascribed to plasmaleft over by the CME rather than to
the streamerplasmaeither sideof the CS.

This temperature dip at the CS latitude originates in the observed [Si vi i i] and
[Si ix ] line intensity variation in the transition from the CS (� 25� N) to adjacent
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Figure 7.9: Top row and bottom left panel: electron temperatures (crosses)along the
UVCS slit from the ratio betweenlines from Si vi i i and Si ix ions at representativ e times
on November 27, 28 and 29. Bins along the UVCS slit are given in the abscissa:corre-
sponding heliographic latitudes appear at the top of each panel. The solid line gives the
CS temperature from the ratio of [Fe xvi i i] to the fraction of the Fe xv line emissionwhich
originates from the CS. Outside the CS, where [Fe xvi i i] emissionis missing, the average
temperature from individual determination is indicated by the dashedline. Bottom right:
kinetic temperatures from the Ly� line pro�les along the UVCS slit (at CS latitudes)
averagedover � 30 hours of observation.

latitudes (seeFigure 7.10, left panel). Although the Si line intensities reach maxi-
mum at the CSlatitudes, it is their ratio that indicatesthe temperaturedip. Moving
away from the CS, the Si vi i i/Si ix ratio decreases;this implies higher temperature
becausethe Te increasewe derived from the CS to adjacent latitudes corresponds
to a decreasein the [Si vi i i] and [Si ix ] line emissivities(seeFigure 7.7) respectively
by a factor of � 40 and � 8 3. The low value in correspondenceof the CS does
not show any appreciablechangeover the 2.3 days of our observations. This is il-
lustrated by the right panel of Figure 7.10: becausethe electron density increases
with time (as we show in the next Section), the [Si vi i i] and [Si ix ] line intensities
increase,but their ratio keepsapproximately constant, giving a constant quiet coro-

3This is not the casefor the O vi � 1031.91�A line whoseemissivity decreasesby only a factor
� 2, seeFigure 7.4.
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Figure 7.10: Left panel: representativ e behavior of the [Si vi i i], [Si ix ] and [Ca xiv ]
spectral lines at (dots) the CS and (solid) out of the CS. Data have beenaveragedover
� 2.6 hours starting on November 28, 07:02UT and over bins 30{37 for the CS latitudes
and over all the residual bins for the adjacent region. Right panel: representativ e spectra
at the CS latitude (bins 30{37) integrated over � 2.6 hours at the beginning (November
26, dots) and at the end (November 29, solid) of our observations.

na temperature. Figure 7.10 also shows that the [Si vi i i] �� 944.4{949.2�A doublet
linesareblended,respectively, with the [Ca xiv ] � 943.6�A and [Si ix ] � 950.1�A lines,
leading to uncertainties in the line intensity determination. The ensuingerrors in
the temperature evaluation are discussedat the end of the Section. We point out
that emissivitiesfrom the O vi lines decreaseby about two ordersof magnitude as
Te increasesfrom the � logT = 6:0 of the quiet coronato the � logT = 6:6 of the
CS, hencethe CS has too high a temperature to contribute to the O vi emission.

Figure 7.9 (solid line) shows the evolution along the UVCS slit of the CS tem-
peraturesasderived from the ratio betweenthe [Fe xvi i i] and the component of the
Fe xv line originating in the CS. A comparisonbetweenFigure 7.5 and Figure 7.9
shows that a singlepeak in the CS temperature often corresponds to two peaksin
the [Fe xvi i i] line intensity at latitudes of � 22� and 28� N. This is a consequenceof
the [Fe xvi i i] emissivity changesalong the slit as temperature decreasesnorthward
and southward of the latitude of � 25� N. The occasionaldisappearanceof one of
the [Fe xvi i i] 974 �A intensity peaksmay be ascribed to reconnectionprocessesin-
volving at di�erent times loopslocated at di�erent latitudes. Although the altitude
and time di�erence in between EIT and UVCS observations does not allow us to
establisha closecorrespondencebetweenwhat is seenby the two instruments, EIT
imagesshow a spatially intermittent brightening of loop tops, indirectly supporting
UVCS evidence.

The bottom right panel of Figure 7.9 gives the kinetic temperatures Tk of the
Ly� line along the UVCS slit and is consistent with the CS temperature pro�les
shown in the other panels. Kinetic temperatureshave beencrudely evaluated from
gaussian�ts of the observed Ly� pro�les. Becausethe Ly� line originates from
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Figure 7.11: Evolution of the CS temperature (solid line) over � 2.3 days from the ratio
betweenthe observed [Fe xvi i i] line intensity and the calculated CS intensity of the Fe xv
line. Becausethe latter is negligible and cannot be evaluated in earlier data (gray area),
temperatures can only be assumedto be higher than 8 � 106 K. Temperatures from the Si
vi i i/Si ix line ratio at the CS latitude are also shown (dashedline).

both the CS and the quiet coronaalong the LOS, we expect at CS latitude a Ly�
Tk increaseweaker than the temperature increaseinferred from the Fe xvi i i / Fe
xv ratio. This is con�rmed in Figure 7.9 (bottom right panel) by the factor � 2
variation in the Ly� Tk .

Figure 7.11presents the temporal evolution of the averageCStemperature: data
have beenaccumulated over the CS latitude interval (bins 30 to 37). Initially (gray
areain the �gure), becausethe observed intensity of the Fe xv line is negligible(see
Fig. 7.6), we cannot give a reliable estimate of the CS temperature. The weak Fe
xv emissioncan be explainedby the quiet coronatemperature behind and in front
of the CS(logT � 6.05{6.10),and the CStemperature (log T � 6.9), beingat either
sideof the temperature maximum (logT = 6.3) of the Fe xv line emissivity.

A � 50% decreasein the temperature of the sheetoccurs over the 2.3 days of
observations, hinting at the CS cooling. The increasewith time of the [Ca xiv ]
943.6 �A line intensity (seeright panel, Figure 7.10) supports this conclusion,be-
causethe CS cools down approaching the temperature of maximum [Ca xiv ] line
emissivity (seeTable 7.1). There have beenpreviousdetectionsof [Ca xiv ] in CSs:
for instance,Ko et al. (2003) observed both the [Fe xvi i i] and [Ca xiv ] lines, but
could not reproduce their intensities other than invoking the CS to spreadover a
rangeof temperatures(6:46 � logT � 6:66). Possibly this dependson the di�erent
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orientation of the Ko et al. (2003) CS, which was seenedge-on: hence,di�erent
temperaturescould align along the LOS. A multitemp erature CS can be envisaged
if either reconnectionis going on with di�erent characteristicsat di�erent positions
(for instance,the reconnectingmagnetic�eld strength variesalongthe reconnection
region) or the reconnectionprocessstarted at di�erent times at di�erent position-
s along the reconnectingarcade. In both cases,integrating along the CS implies
integrating through a dishomogeneousCS.

The CStemperatureevolution describedaboveallowsusto check the assumption
wemadethat the high temperature[Fexvi i i] emissionseenby UVCSoriginatesfrom
the CS and not from the cuspsof the post{CME rising loops. Order of magnitude
estimatesof the conductive and radiative cooling time for a semi{circular loop of
height of 0.7 R� show that the loops cool mainly by conduction over times on the
order of 1h. This short time is clearly incompatible with the very slow temperature
decreaseshown in Figure 7.11. Moreover, with the low rising speedsderived from
EIT images,the post{CME rising loopswould arrive at the UVCS slit height of 0.7
R� over the solar limb only 2{3 days after the event. This led us to conclude(in
agreement with Ciaravella et al., 2003;Ko et al., 2002;Raymond et al., 2003) that
the high temperature plasmawe detectedoriginated from the CS.

Beforeconcludingthis Section,we discussthe errors in the proceduresdescribed
above. As we anticipated, both [Si vi i i] and [Si ix ] spectral lines are blendedwith
other lines and this may a�ect the determination of the quiet coronatemperature:
in particular, the [Si vi i i] � 944.37�A is blendedwith the [Ca xiv ] � 943.61�A. Because
the emissivity of [Ca xiv ] peaksat a temperature of logT = 6:5 (seeTable 7.1), its
emissionis usually negligibleoutsidethe CS.Hence,outsidethe CS, the [Si vi i i] line
intensity is not blendedwith the [Ca xiv ] line. At the CS latitudes the temperature
of logT = 6:5 is reached only at the end of our observations: at theselate times the
increased[Ca xiv ] emissionmay lead to an overestimateof the [Si vi i i] intensity by
� 40%. Taking into account this error the derived temperature may increaseby no
more than 0.1 dex, possibly indicating that � 2 days after the CME the dip in the
quiet coronatemperature, visible in Fig. 7.9at the CSposition, starts disappearing.

A further problem we need to solve is the blend of the [Si ix ] � 950.15�A and
the [Si vi i i] � 949.22�A spectral lines. However, we solved this problem taking into
account that the ratio between the intensities of the [Si vi i i] �� 944.38{949.22�A
doublet lines is 2. We then subtracted from the observed [Si ix ] � 950.15�A and [Si
vi i i] � 949.22�A blend 1/2 of the [Si vi i i] � 944.38�A intensity.

Errors in the CStemperaturedetermination dependmainly on the [Fexvi i i] and
Fexv observedintensitiesand on the separationbetweenthe fraction I F eX V ;CS of the
Fe xv intensity emitted from the CS and the fraction I F eX V ;QC emitted by the quiet
corona. The latter dependson the quiet coronaelectron temperature Te;QC derived
from the Si vi i i/Si ix ratio and we said this might possiblybe underestimatedby up
to 0.1 dex. However, the error in the temperature of the quiet coronaahead/behind
the CS needsto be lower than 0.1 dex becausean increasethat large yields a Fe xv
line emissionlarger than observed. Assuming, for instance, Te;QC to be higher by
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0.02dex doesnot sensiblymodify the CStemperaturesbeyond November 27,07UT.
At earlier times, becausethis higher Te;QC results in a higher I F eX V ;QC fraction (i.e.
a lower I F eX V ;CS), the CS temperature would be higher than shown in Figure 7.11.
Statistical errors in the observed Fe xv intensity go from � 90% at the beginning
of our observations down to � 10% on November 29 (becauseof the continuous
increasein the Fe xv intensity), while statistical errors in the observed [Fe xvi i i]
intensity are comprisedbetween 5% and 15%. In conclusion,the CS temperature
is accurately inferred after November 27, 07 UT, while at earlier stageonly a lower
minimum to the real Te can be given.

7.6.1 Elemen tal abundances in the CS and adjacen t regions

We examineherethe behavior of O, which is a high First Ionization Potential (FIP)
element, and of Fe and Si, which are low FIP elements; abundancesof theseele-
ments are given in Figure 7.12. The Oxygenabundancecan be derived only for the
regionsexternal to the CS, because,as already mentioned, the CS has too high a
temperature to contribute to the O vi emission.Errors in the abundancevaluesare
easily on the order of � 0:1 dex for O abundancesand of � 0:2 dex for Fe and Si
abundances;this error can be ascribed mainly to uncertainties in the identi�cation
of the Ly� collisional component (which a�ects all abundancesin the sameway)
and in the estimate of line intensities (more di�cult for secondorder lines). Hence
the apparent increasein the Oxygenabundancewith time, seenin the top left pan-
el of Figure 7.12, is within the uncertainties of the measurements and cannot be
con�rmed. Even so,oxygen appearsto be depletedwith respect to its photospheric
abundance(logN (O)phot = 8:82; Allen et al. 1973), an e�ect that can easily be
explained if we envisagethe quiet plasmaahead/behind the CS to be the remnant
of the streamer that has beenpartially disrupted by the CME event. An oxygen
depletion in streamershasbeenfound in the observations we described in Chapter 5
and alsoby many authors (see,e.g.,Raymond et al. 1997;Uzzoet al. 2003),hence
we may interpret the present underabundanceto be a signature of the streamer
origin of the plasmawhich is being sampled.

We note that the oxygen abundancecan be derived also from the ratio between
the O vi and Ly� radiative components (seex 3.3.5). Becauseof the di�erent de-
pendenceof the radiative and collisional components of the line on Ne, abundances
derived from radiative/collisional components tend to be di�erent (seee.g. Ray-
mond et al., 1997). In particular abundancesderived from radiative contribution
are systematicallyhigher (by a factor � 1.5{2.0) than thosederived from collisional
contribution, becauseof the di�erent weight ascribed to denserregionsalong the
line of sight. Hence,our radiative oxygenabundancesare closerto the photospheric
value. Moreover, we note that morerecent oxygenphotosphericabundancestend to
be lower than older estimates(seee.g. logN (O)phot ' 8:65; Asplund et al. 2004):
in this caseour oxygenCSunderabundancemay disappear. Hencethe presenceof a
FIP{e�ect can not be unambiguously establishedfor the high FIP element oxygen.
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Figure 7.12: Top left panel: oxygen abundancein the quiet corona at the location of
the CS vs. time (dashed line) over the 2.3 days of observation. The straight dotted line
gives the assumedphotospheric abundance. Top right panel: same as for the top left
panel, the solid line gives the Fe abundancein the CS. Bottom left panel: sameas the
above panels, for Si. Bottom right panel: the assumedCS thicknessl (solid line) and the
computed quiet corona thicknessL (dashedline) along the LOS. A gray areacovers times
when uncertainties are too high to give reliable CS elemental abundances.

On the contrary, the abundanceof low-FIP elements like Fe and Si can be e-
valuated both in the quiet corona and in the CS, becausea signi�cant fraction of
the total line emissionoriginates in the CS itself. The top right panel of Fig. 7.12
shows Fe to be overabundant, with respect to its photosphericvalue, both in the
quiet coronaand in the CS. The CS Fe abundanceis only slightly higher than the
quiet corona abundance,hencethis di�erence is within the error bars. However,
becausethis seemsto be a persistent feature throughout the data setsuntil � 18:00
UT of November 28, it is likely to represent a property of the CS plasma,possibly
disappearing with time. This overabundanceof low-FIP elements is better seenin
the bottom left panel of the �gure, where the CS Si abundanceturns out to be
about a factor 5 greaterthan its photosphericvalue. Also the CSCa turns out to be
overabundant by a factor � 2 with respect to its photosphericvalue. An enhanced
abundanceof low FIP elements in the CS has beenfound also by Ciaravella et al.
(2002) and Ko et al. (2003) and appearsto be one of the distinctive properties of
CS plasmas.
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Figure 7.13: Left panel: densities of the quiet corona along the UVCS slit at di�eren t
times. Right panel: temporal evolution of the density at the CS position. The solid line
refersto the CSdensity, the dotted line refersto the density of the low temperature plasma
in front/b ehind the CS (seeleft panel). A gray area cover times when uncertainties are
too high to give reliable CS densities.

7.6.2 Densities in the CS and ambien t corona

Figure 7.13 (left panel) shows the behavior of electron densitiesalong the UVCS
slit at di�erent times. As we said, thesehave beenderived from the ratio between
the collisional and radiative components of the O vi � 1032 �A line. Becausethe
CS plasmadoesnot contribute to the O vi line emission,densitiesderived with this
method refer to the quiet coronaplasma;in particular, at the CSlatitudes, theseare
indicative of the plasmadensitiesalong the LOS external to the CS itself. Densities
are of the order of 107 cm� 3, and are consistent with valueswe found in Chapter 5
and a little higher than those of Gibson et al. (1999) (Figure 2.2) which, however,
refer to streamersat solar activit y minimum. We note that abundancesinferred
from the O vi line components, depend on the O vi disk intensity, for which we do
not have, at the time of our observations, any measurement. Hence,densitiescan
be a�ected by a systematicerror, shouldour disk estimatebe inaccurate. The O vi
disk intensity has beenestimated assuminga value I disk (OVI ) = 1:94 � 1013 phot
cm� 2s� 1sr� 1 measuredby UVCS in 1996,as representativ e of the disk intensity at
the last minimum of solar activit y. Taking into account that on November 26, 2002
the solar activit y was in the descendingphase,after the solar maximum of 2000,we
useda value of I disk (OVI ) = 3:34� 1013 phot cm� 2s� 1sr� 1, from an estimate of the
number of ARs at that time using typical quiet Sun to AR ratio given by Vernazza
& Reeves(1978).

At the CS latitudes, densitieshave a minimum, asexpectedfrom a coronaemp-
tied by the CME ejection. As the CS volume �lls up in time, becauseof the corona
restructuring, of the northward motion of streamer1 and of the superposition, from
northern latitudes, of a bright, densestructure onto the CS location (mentioned in
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x 7.3), the minimum regiondecreasesin width and tends to disappear. This is more
clearly shown in the right panel of the �gure, where the temporal evolution of the
quiet coronain correspondenceof the CS is given (dotted line). Densitiesappear to
increaseby a factor � 2.5, over the 2.3 days of observations.

Figure 7.13shows (right panel, solid line) that the CS density remainsconstant
in time (or possiblyincreasesby no morethan 10%)and is 6 to 8 times greaterthan
in adjacent corona. We will discusslater on the behavior of the pressurein the CS;
however, it is worth reminding the readerthat the CSdensitiesof the �gure areonly
indicative, both becausethe CS thicknessmay be greater/smaller than we hypoth-
esizedand becausewe assumedit to be constant in time. As already mentioned,
if the thicknessof the CS is one order of magnitude greater/lower than 104 km,
densitieswould be a factor � 3 lower/higher. Moreover, if the CS is disappearing in
time, its thicknessl and, as a consequence,its computed densities,will changeas
well. In conclusion,we can safelyassumeonly that, in the CS, 2 � 107 � ne � 2 � 108

cm� 3.
We note that, even if the ratio betweenthe quiet coronaand CS density in on

the order of 0.14,the ratio of order 40betweenthe quiet coronaand the CSemitting
lenght along the LOS justi�es the absenceof a CS countepart in the LASCO/C2
and C3 white light images.

7.7 Ulysses observ ations

The measurements by UVCS during and following the 26 November CME showed
the creation of high ionization state Fe at 1.7 R� in the aftermath of the CME. In-
terpreting this in the context of the model illustrated in Figure 7.1suggeststhat the
Fe ionswill 
o w both up and down alongthe current sheet.The upward 
o wing ions
will �ll a shell inside the boundary of the CME. The questionhereis whether these
Fe ions can be detectedat Ulyssesand, if so,whether the measurements are consis-
tent with the model in Figure 7.1 and the measurements madeby UVCS, LASCO,
and EIT described in x 7.3 and 7.4. Of particular interest are the Ulysses/SWICS
measurements of Fe and its ionization state sinceunusually high ionization state Fe
will presumably have beenproduced in the current sheet between the post{CME
loopsand the CME that wasremotelydetectedwith UVCS.The Ulysses/SWICSin-
strument is able to detect Fe from Fe6+ through Fe16+ (Fevi i - xvi i). On November
2002Ulysseswas 90� to the west of SOHO with respect to the Sun, in quadrature,
at a northern heliographic latitude of 27� . This direction is shown by the radial
outward line in Figure 7.3, placing Ulyssesdirectly in line with the observed CME,
assumingthe CME was at or near the solar limb. The results discussedin sections
2-3 present a strong argument that the CME was on the limb.

SWICS measurements for several days around 13 December 2002(day-of-year
347, or DoY 347) are shown in Figure 7.14. The top panel is a color plot of 
ux
in individual Fe charge states versustime, normalized to a total 
ux of unity for
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Figure 7.14: Iron charge state versusday of year (DoY) in 2002 from Ulysses/SWICS.
Top: Colors give the relative abundanceof each charge state from 6+ to 16+, with the
total abundance normalized to unit y for each three hour data sample. Bottom: The
abundanceof Fe 16+ relative to the total abundanceof Fe over the range6+ to 16+. The
gray bar below the top panel indicates the interval of enhancedFe16+ that was produced
by the 26 November and 2 December CMEs.

each 3 hour data sample. It is important to note that the normal charge state of
Fe in the solar wind is � 10 (Fe xi ) and this is preciselywhat was observed over
most of the displayed 30 day period in the top panel. However, there are also two
obvious intervals of high ionization state Fe roughly on day of year (DoY) 339-344
and DoY 347-352.Theseintervals cover interaction regionsformed by the merging
of ICMEs, commonlyknown asmergedinteraction regions(MIRs) (Burlaga & Ness
1994). High ionization state Fe is observed in at least one-third of all ICMEs (Lepri
et al., 2001;Lepri & Zurbuchen 2004),and theseare obvious examplesof a positive
detection.

The bottom panel of Figure 7.14 gives the ratio of 
ux in Fe xvi i to total Fe

ux in Fe vi i - xvi i. All data with Poisson error greater than 65% have been
rejected; the Arnaud & Rothen
ug (1985) ionization equilibria have beenused to
infer temperatures. Becauseof the ion freezing{in we may expect theseto provide
information on the temperatures of the sourceregion of Fe16+ ions. As usual, the
chargecomposition data of our event are,however, not isothermal,becauseunusually
high temperatures mix with lower temperatures. This highly structured behavior
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suggeststhat we are observingat any given time plasmafrom many di�erent source
regions.

Poletto et al. (2004) extrapolated Ulyssesmeasurements back to the Sun using
the in situ 
o w speedmeasuredby SWOOPS, the solar wind plasmadetector. This
gave a rough estimateof the origin time for the plasma. Then, a positive identi�ca-
tion of the plasmaresulting from the 26 November CME was made by comparing
featuresin the solar wind with phenomenadirected towards Ulyssesin the corona.
This was aided by there being additional CMEs on 19 and 24 November and 2 De-
cember. Ejecta from the four CMEs waseasilyidenti�ed at Ulyssesusingthe results
shown in Figure 7.14 and several other standard markers, including bi-directional
streaming of 100 keV electrons,the presenceof magnetic clouds, and enhanced�
particle abundance.The ICME from the 26November CME is the �rst of two CMEs
that resulted in the MIR marked with the gray bar at the bottom of top panel in
Figure 7.14,on DoY 347-352.

Figure 7.15 shows several solar wind parameters on DoY 330-365which will
be used to separatethe 26 November ejecta from that from the following CME
and for comparisonwith the SOHO observations and Figure 7.1. The panelsare,
respectively, proton number density scaledinverselywith the squareof heliocentric
distanceto 1 AU, proton 
o w speed,proton temperature, ratio of alpha to proton
number density, total magnetic�eld strength, the north-south (� ) and east-west (� )
magnetic�eld angles,the total plasma� , the Fe/O abundanceratio, and the average
Fechargestate. Theseare from the SWOOPS(1-hour data), VHM/F GM (1-minute
data), and SWICS (3-hour data) instruments. Of these,only the 
o w speedand the
proton density are not usedas identi�ers of ICMES and this is becausewell inside
2-3 AU dynamic interactions reduce
o w speed and density di�erentials and shift
speedpatterns with respect to the actual ejecta.

The MIR containing the 26November CME is bracketedby vertical lines(shaded
region in Figure 7.15). The MIR has the typical ICME properties of low proton
temperature, enhancedrelative alpha abundance,smooth magnetic �eld intensity,
rotations of the magnetic �eld vector, low � , enhancedFe/O, and enhancedFe
averagechargestate through at least someportion of DoY 347-352.

The rotation of the magnetic �eld vector, accompaniedby low � and a smooth
magnetic �eld intensity, is a clear indication of a magneticcloud (Klein & Burlaga,
1982). In the shadedregion there is one magnetic cloud between the �rst vertical
solid line and the vertical dashedline. At the dashedline, the rotation changesits
behavior and this probably marks the beginning of the secondICME. Within the
secondICME, there is another changeat DoY 351 but this is due to the presence
of a shock (seethe proton 
o w speed) and is of no signi�cance. There is a drop in
Fe/O at DoY 350which seemsto accompany the boundary betweenthe two ICMEs.

Interpreting this in the context of Figure 7.1 is straightforward. There are two
important properties of this model to look for in the data. The �rst is the presence
of Fe xvi i at both the back and the front of the ICME, even though it has been
generatedin the coronain the aftermath of the CME. Hereweseethere is not only Fe
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Figure 7.15: Stack plot of the indicated solar wind parameters versus time over the
interval day of year (DoY) 330-365in 2002. The proton number density (cm� 3) has been
scaledwith the inversesquareof heliocentric distanceto 1 AU. Beta is the ratio of thermal
to magnetic pressures. � is the north-south magnetic �eld angle and � is the east-west
angle. Btot is the total magnetic �eld strength in nT. Na is the alpha particle number
density and Tp is the proton temperature (K). The gray region bracketed by vertical lines
delimits the MIR containing the 26 November CME.

xvi i at the front and back of the ICME, independent of wherewe pick the boundary
betweenthe two ICMEs, but alsomore-or-lessthroughout the ICME. In the context
of Figure 7.1, this could mean that Ulyssesdid not passthrough the center of the
ICME/magnetic cloud, but rather o�-center, so that its tra jectory missedthe void.
Alternativ ely, the void could havebeenvery small or absent. The �rst interpretation
is supported by the magnetic�eld rotation in the cloud, which is not either a simple
90� ! 0� ! � 90� rotation in � or a 180� ! 0� ! � 180� rotation in � . Instead, the
rotation is lessthan a full circle. Thus, we believe the �eld rotation in the magnetic
cloud and the observed enhancedFe ionization state throughout the magneticcloud
are support for the conclusionthat the observed ICME had the propertiespredicted
from Figure 7.1 and that Ulyssespassedthrough the edgeof the ICME.

The SWICS data at the bottom of Figure 7.14 exhibits strong 
uctuations in
ionization state that arenot beingresolved. This explainswhy inferred temperatures
are less than the > 6 MK inferred in the corona using UVCS. This apparently
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�lamentary structure is not present in the magnetic �eld, which has the typical
relatively smooth structure of a magnetic cloud. Figure 7.15 shows this point by
the strong �eld strength 
uctuations outside the ICME in comparisonto the near
absenceof such 
uctuations inside the ICME. The explanation for the chargestate

uctuations in the absenceof magnetic �eld 
uctuations is, as stated above, that
the Femust comefrom many di�erent sourceregions.The reconnectionbetweenthe
CME and the post 
are loops that forms the outer shell around the CME shown in
Figure 7.1 must be patchy, bursty, and localized,asis often the casein reconnection
observed elsewherein spaceplasmas.The di�erent ionization Fe states,which 
o w
up and around the CME, have been created by reconnection in di�erent source
regions at di�erent times. In this scenario,essentially all �eld lines reconnectto
form the smooth outer shell of the magnetic cloud but the structured history of
each �eld line is re
ected in the structure of the Fe ionization state.

In a recent paper Grigis & Benz (2005) report RHESSI direct observations of
reconnectionalong an arcade of magnetic loops similar to the EIT arcade previ-
ously described here. They interpret their data, which show many distinct x-ray
emissionpeaksat di�erent times, as evidenceof \elementary 
are bursts", that is,
as evidenceof reconnectionprocesseswhich progressirregularly along the arcade.
Ulyssesobservations of highly 
uctuating Fe ionization states may represent the
interplanetary imprint of such reconnectionpattern, even if we are obviously unable
to trace individual data back to the preciselocation wherereconnectionis occurring
in the corona. EIT data, however, support this interpretation, asthe location of the
brightest loop changesin time.

7.8 Discussion and conclusions

The propagationof a CME in the solar atmospherehasbeenstudied by Lin (2002),
who found that the averageAlfv �enMach number for the in
o w into the reconnection
site (i.e., the velocity of plasma 
o wing into the reconnectionsite in units of the
local Afv�en speed) needsto be larger than 0.013, in order to allow the 
ux rope
to escape into the interplanetary space.Direct measurements of the plasmain
o ws
are extremely scanty. Yokoyama et al. (2001) gave an upper limit of 5 km/s for
the in
o ws around an X-t ype neutral point over 
are loops,while Lin et al. (2005)
gave valuesranging between10:5 � vin � 106km/s for in
o ws near the CS in a fast
CME event (velocities on the order of 1500to 2000km/s for the leading edge/core
of the CME). The latter valuesrefer to measurements taken over 10 minutes at the
beginningof the CME event and are likely to decreaseas the event evolves.

There is no possibility to detect in our spectra such low velocities, becausethe
correspondingDoppler shift is too small. Nevertheless,we tried to get someinforma-
tion about in
o ws and magnetic �elds in the reconnectionregion by parametrizing
in
o w valuesand identifying thosewhich give reasonablemagnetic �eld B in in the
corona adjacent to the CS. To this end we write the equations (in cgs units) for
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Figure 7.16: Left panel: temporal pro�le of the Alfv �enic Mach number M A , for di�eren t
values of in
o w velocities. The dotted horizontal line gives the threshold value of M A

which still allows the CME to escape from the solar atmosphere. Right panel: temporal
pro�le of the magnetic �eld B in in the in
o w region for the in
o ws adopted in the left
panel. No values are given for times when physical parameters have not beenevaluated
(gray areasin Fig. 7.13, Fig. 7.11).

pressureequilibrium and massconservation acrossthe CS. If the external plasma
(pin ; � in ) is 
o wing into the CS with a speedvin carrying in a magnetic�eld B in , we
can write:

pin +
1
2

� in v2
in +

B 2
in

8�
= p0 +

1
2

� 0v2
0 (7.2)

� in vin h = � 0v0l (7.3)

wherep0 and � 0 are, respectively, the plasmapressureand density of the CS, where
B0 is negligible,and v0 is the speedof the plasma
o wing out of the top and bottom
of the CS towards, respectively, the interplanetary spaceand the chromosphere.
The CS is assumedto have a width l along the LOS and to extend radially over a
characteristic length h.

Assumingvin to take valuesbetween10 and 100km/s, h to have a characteristic
valueof � onesolar radii and l to be on the order of 104 km, aspreviously assumed,
wecansolveEq. 5 and6 for B in andv0, asall other quantities havebeenderivedfrom
observations. Hence,we prescribed constant valuesof vin and solved the equations
for the unknown quantities over the wholetime interval of our observations. Results
for MA and B in vs. time are shown in Figure 7.16.

The �gure shows that in
o w speeds� 10 km/s correspond to M A numbers that
are too low to allow the CME to be ejected into the interplanetary space,hence
they are seeminglynot realistic. On the other hand, in
o ws as high as 100 km/s
give magnetic �eld valuesincreasingwith time, a tendencyshown very mildly also
in the B in vs. time pro�le for vin of 50 km/s. Consideringthat the CS is eventually
disappearing, as revealed by the fading emissionin [Fe xvi i i], an increaseof B in
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Figure 7.17: Temporal pro�le of the observed ratio of the CS to the quiet corona
temperature (dotted line) comparedto the ratio inferred from the observed densitiesunder
the assumption of an adiabatic compressionof the plasma (solid line).

seemsunrealistic and we are drawn to discard solutions for which this happens.
Moreover, wepoint out that the M A curve shown in Figure 7.16with vin = 100km/s
is above 0.03, which seemsto be the M A peak value reached tens of minutes after
the event (Webb et al., 2003). We concludethat in
o ws towards the reconnection
region should be higher than 10 km/s, but lower than 50-100km/s. This result
points to slightly higher values than those found by Yokoyama et al. (2001) and
indicatesthat the in
o w pattern shouldpersist over the whole lifetime of the CS, as
might be expected.

From the previous in
o w values,the speedof the plasmaout
o ws from the CS
turns out to vary from v0 � 100 km/s, for in
o ws of 10 km/s, to out
o ws ten
times larger, for in
o ws of 100 km/s. Thesevaluesgive lower and upper limits for
out
o ws: if we had the possibility of observingDoppler dimming e�ect, we might
test our conclusions.However, Ko et al. (2003)and Lin et al. (2005)gave estimates
of the out
o w speedby measuringthe height vs. time pro�le of LASCO blobs seen
at altitudes larger than 2 R� . Theseauthors give speedsof 500to 1000km/s, which
are consistent with our values,consideringthat our CME was a slower event than
the CMEs analyzedby Ko et al. (2003) and Lin et al. (2005).

In
o ws towards the CS region may provide for heating the CS by adiabatic
compression.However, no conclusionhasbeenreached, yet, on whether this process
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or ohmic heating by reconnection(not to mention other heating mechanism, as, for
instance,slow-mode shocks) can account for the high temperatures in the CS. On
the basisof the plasmaparameterswe derived, wehave the possibility of checking on
this issueby comparing the quiet coronawith the CS plasma. In casethe external
plasmaundergoesan adiabatic compression
o wing into the CS, we expect:

T0

Tin
=

�
Ne;0

Ne;in

� 
 � 1

whereT0 and Tin are, respectively, the CS and quiet coronatemperature, while Ne;0

and Ne;in are the corresponding electron densities. The plot in Figure 7.17appears
to indicate that, at a late stageof the event, adiabatic compressioncan provide for
the high CS temperatures,while at earlier times other processesshould be invoked.
This is not unreasonable,as the current sheeterosionis likely to result in a reduced
ohmic heating. This result holds as long as the CS thicknessof 104 km, assumedso
far, is constant in time.

Figure 7.17 shows that, � 2 days after the event, temperature and density in
the CS are still higher than ambient values. This is obviously con�rmed by Figure
7.5 whereemissionfrom the [Fe xvi i i] ion, typical of the CS, hasnot faded,yet, at
the end of UVCS observations. This evidencepoints to a CS lifetime longer than
2 days. This duration is not uncommon for CS detected by UVCS: for instance,
in Ciaravella et al. (2002) and Ko et al. (2003) CS are observed to last for � 1
day. Prior to theseobservations, the duration of reconnectionprocesseswasusually
inferred from either the time over which chromosphericribbons kept separatingor
the time over which hot loopskept rising to higher altitudes. From the time history
of the H � ribbon separationand of the hot loop heights for the July 29, 1973
are
that was consideredto be an ideal example for a casestudy (seee.g. Moore et
al., 1980;Svestka et al., 1982), reconnectionwas recognizedto go on for at least �
10 hours. Hence,UVCS data considerablyextendedthe time interval over which
reconnectionwas observed to operate.

It is interesting to check on the duration of reconnectionprocessesin theoretical
models. Lin (2002) has pointed out the in
uence of the ambient corona in the
evolutionary behavior of the CS. The isothermal atmospherehe �rst used in his
model wassupersededin his later simulations by the Sittler & Guhathakurta (1999)
empirical atmosphere,basedon Skylab White Light coronagraphobservations and
in situ Ulyssesdata. Becausein the Sittler & Guhathakurta atmospherethe Alfv �en
speedkeepsdecreasingwith height, the CS is not rapidly eroded and its persistence
over � oneday is easilypredicted. Also, Lin (2002)showed how a weakbackground
�eld slowsdown the riseof the CME and how the morphologyof the �eld, whether it
is compactedin a small regionor not, sensiblya�ects the motion of the 
are ribbons.
Hence,while qualitativ ely wemay say that the lifetime of the CSinferred in our work
canbeconsistent with predictionsfrom the Lin & Forbes(2000)model, observations
of the magnetic �eld and a better knowledgeof the ambient atmosphereis needed
to be able to simulate theoretically results inferred from UVCSobservations. To our
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knowledge,this is a relevant issuethat hasnot beenfully explored,yet.
Throughout this work we have beenassumingionization equilibrium. To check

whether this is a realistic assumption, we computed collisional ionization and au-
toionization rates, radiative and dielectronic recombination rates, as a function of
time, for transitions betweenFe xiv and Fe xv and betweenFe xvi i and Fe xvi i-
i. We selectedtheseions, becauseare those from which we calculated the electron
temperaturesand, asa consequence,the other parametersin the CS.Over the range
of temperature covered by our data, the highest rates are those for dielectronic re-
combination processes,which are on the order of a few units � 10� 11 cm3s� 1. At
the beginningof our observations, with T0 � 8 � 106 K, Ne;0 � 6:5 � 107 cm� 3 recom-
bination times are on the order of 500s. Plasma
o wing into the current sheetat �
20 km/s crossesa 104 km CS in about � 500s: hencewe can roughly assumethat
atomic processesoccur over characteristic times comparablewith the time the plas-
ma takesto crossthe CS. Analogously, at the end of the observations, when in
o ws
are, say, ten times slower than at the beginning of the event, the plasma crossing
time is ten times longer and dielectronic recombination times (for T0 � 4 � 106 K,
Ne;0 � 7:5 � 107 cm� 3) are on the order of 300s. We concludethat ionization equi-
librium seemsto hold throughout the CS lifetime: we also point out that the CS
cooling seemsto occur on a longer time scalethan the � 5{10 minutes time scaleof
atomic processes.

With regardto Ulyssesmeasurements, the ICME resulting from the 26November
CME was already identi�ed by Poletto et al. (2004). Here, a closerexamination
of that ICME was carried out by examining the full set of measurements madeby
SWOOPS, VHM/F GM, and SWICS. Thesedata were shown in Figures 7.14 and
7.15. The data permitted separating the two ICMEs in the MIR on DoY 347-
353 through examination of magnetic �eld rotations in the magnetic cloud. This
separation was not unique, but the interpretation was independent of this. The
interpretation led to the conclusionthat the Fe ionization state was elevated, with
strong 
uctuations, from � 10+ to � 16+ throughout the entire ICME producedby
the 26 November CME. This implies both that the model shown in Figure 7.1 �ts
the in situ observations and that Ulyssespassedthrough the edgeof the resulting
ICME rather than the center. The 
uctuations in the Fe ionization state, together
with a smooth magnetic �eld, suggestthe reconnectionin the coronalcurrent sheet
that producedthe Fe xvi i was �lamentary and bursty.



Chapter 8

Coronal & cometary parameters
from sungrazer observations

8.1 In tro duction: sungrazer observ ations

Sungrazingcometshave a periheliondistanceof a few solar radii and typically never
survive after the perihelion passage.Beforethe launch of SOHO not many sungraz-
ers had beenidenti�ed (� 25{30), but with the LASCO coronagraphsthe number
of discoveredsungrazersincreasedvery quickly. Only onemonth after the launch of
the SOHOmission,on January 1996,the �rst Kreutz sungrazerhasbeendiscovered
in the LASCO/C3 coronagraphimagesand in the following months several more
cometshave been found, revealing the potential of the SOHO mission as a comet
discoverer: between the launch of SOHO and August 2005, LASCO has detected
1000sungrazingcomets!

Before the SOHO mission only one sungrazer(the Ikeya-Seki comet) has been
spectroscopicallyobserved, from the ground, when it wasat an heliocentric distance
of � 15R� . The SOHO/UVCSspectrometeraboard the SOHOsatellite, with its slit
set along the comet tra jectory, has beenable, over the past few years,to observe a
few sungrazersmostly in the HydrogenLy� and Ly� lines. From theseobservations
it is possibleto derive coronalparametersalong the comet tra jectory and cometary
characteristics,like the nucleussizeand the outgassingrate (Raymond et al., 1998b;
Uzzoet al., 2001).

In this work we focusedon the C/2001 C2 sungrazingcomet (SOHO-294in the
SOHO-team'snumbering), a member of the Kreutz family observed on February 7,
2001 by UVCS between the projected distances(on the plane of the sky) of 7.41
and 1.78R� . As shown by LASCO images(seeFigure 8.1), the comet approached
the Sun from the South-Eastquadrant at a position angle(i.e. the anglemeasured
counterclockwise from the celestial North through East) of about 100� , projected
onto the planeof the sky. In Figure 8.1 we show the visual appearanceof the comet
C/2001 C2 asseenby the LASCO/C3 coronagraphon February 7, 2001;asC/2001
C2 approached the Sun, it progressively disappearedfrom the LASCO imagesand
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Figure 8.1: The C/2001 C2 comet as observed by LASCO/C3: in this panel we super-
posedonto the 7 February 2001, 10:42 UT LASCO/C3 frame the cometary LASCO/C3
imagesat 00:18,05:18,10:20and 15:18UT; the di�eren t UVCS slit heliocentric distances
are also shown. The dotted circles are drown at 5, 10, 15, 20, 25 and 30 R � . In order to
comparethe orbit of the comet with the positions of the UVCS slit we plotted alsothe pre-
perihelion (solid line) and expectedpost-perihelion (dashedline) C/ 2001C2 tra jectory as
computed from the orbital parameters. In order to show the coronal morphology at lower
levels, we superposeonto the LASCO/C2, 21:54UT image (upper left panel) the UVCS
Ly� coronal intensity before the comet arrival at the projected heliocentric distancesof
1.78, 3.44, 4.94 and 6.17 R� (the UVCS Ly� at 7.41 R� has not beenplotted becauseit
is out of the LASCO/C2 �eld of view).

completelysublimatedbeforeperihelion. Superimposedonto the LASCO imageswe
show alsothe orbit of the comet,computedfrom the orbital parametersgiven in the
Minor Planet Electronic Circular (MPEC) 2001{ C09 and projected onto the plane
of the sky.
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Figure 8.2: The C/2001 C2 lightcurve as measuredfrom LASCO/C2 and LASCO/C3
apparent visual magnitude. The secondarybrightening after the main peak (� 12:1 R � )
has beeninterpreted like a possiblefragmentation event which probably occurred farther
from the Sun: if the fragment has a lower erosion rate than the main nucleus it can be
exposedin the �nal stageof the sublimation of the comet (grey zone).

Figure 8.2 gives the C/2001 C2 lightcurve (i.e. the variation of the sungrazer
magnitudewith the heliocentric distanceof observation) built from LASCO/C2 and
C3 data. The Figure shows that, after the main peakof the lightcurve at � 12:1 R� ,
C/2001 C2 brightens again, starting from � 5:3 R� . The presenceof a maximum
in the lightcurve is typical of sungrazers: due to the increasein solar 
ux, the
sungrazerlightcurvesshow a rapid increasein intensity asthe cometapproachesthe
Sun. Becausethe visual magnitude is dominated by light scattered by dust, this
increasecorrespondsto an increasein the total cross-sectionalareaof dust particles
exposed to the solar 
ux, related in part to an increasein the rate of gas and
dust production. Then, after a peak in intensity, the lightcurves rapidly decrease,
probably becausecomadust grainssublimateat a rate which exceedsthe production
rate. In every case,however, the fading after the main peakstopsat about 7 R� and
is followed by di�erent kinds of lightcurves: in somecasesthe lightcurve 
attens,
while in others there are somesecondaryincreasesin brightness. The latters have
beenexplainedby Sekanina (2003) with the introduction of an erosionmodel that
predicts the existenceof subfragments with a lower than averagesusceptibility to
erosion. The subfragments, given the large pixel sizeof the coronagraphdetectors,
are in generaloptically unresolved; however the author showed that, introducingone
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or more nearby companionswith a slower erosionrate, it is possibleto reproduce
the observed lightcurvesof many sungrazers.

Hence, following Sekanina (2003), a possible explanation for the C/2001 C2
secondarybrightening is that a fragmentation of the cometary nucleus occurred
farther from the Sun: if the fragment traveling with the comet has a lower erosion
rate than the main nucleus,it can survive after the disintegration of the main part
and can be observed in white light below � 5:3 R� (grey zonein Figure 8.2). An
alternative explanation is that the comet fragments at about 5.3 R� , exposingmore
surfaceareato sunlight and increasingits outgassingrate for a short time until the
fragments sublimate.

A �rst questionon the UVCS observation of cometswe want to addressis how
and why does the UVCS spectrum change,when a comet enters the �eld of view
of the experiment. Physical processesleading to the formation of the observed
cometary UV emissionare di�erent from those (typical of the coronal plasma) we
described in Chapter 3. Hence, it is necessaryto introduce here di�erent plasma
diagnostic techniqueswhich apply only in this peculiar case,when a cool cometary
plasma interacts with the hot corona. In the next sectionswe �rst describe UVC-
S data, to show how they changed at the time of the comet transit through the
instrument slit (x 8.2.1) and we make a comparisonbetween the observed coronal
and cometary line pro�les (x 8.2.2). We then illustrate the physicsof cometary line
formation (x 8.3) and the origin of a secondarycomponent observed in the Ly� line
pro�le. Hence,we describe a model we usedto derive both cometary and coronal
parametersfrom our observations (x 8.4). Finally we give our results (x 8.4.1) and
we show how UVCS data have beenusedalso to estimate the cometary dust grain
number density (x 8.4.2).

8.2 UV CS data

Observations of comet C/2001 C2 were made when the comet was at heliocentric
distancesof 7.42, 6.17, 4.98, 3.60 and 2.20 R� , as shown in Figure 8.1. At each
heliocentric distancewe acquireda seriesof spectra with an exposuretime of 200s
for a total observingtime of about 70 minutes. In order to follow the comet orbital
motion, the position angleof the slit center was set equal to 110� for the �rst three
heliocentric distancesand 100� for the last two observations (seeFigure 8.1). The
slit width was150� m wide, giving a �eld of view of 42" (projected slit width) times
40' (projected slit length); data have beenacquiredwith a spatial resolution of 21"
(which corresponds to a projected distanceon the plane of the sky of ' 15200km)
and a spectral resolution of 0.595�A (0.549 �A for the redundant channel) given by
the 150� m slit width. The selectedspectral windowscoveredrangesbetween1024.3
{ 1039.4�A, 997.2{ 1000.4�A, 989.3{ 992.9�A and 975.8{ 986.8�A (1211.1{ 1221.1
�A for the redundant channel). Thesewindows allow observations of coronalplasma
in the linesof the O vi �� 1032,1037�A doublet, of Si xi i � 499�A line (secondorder)
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and of H i Ly� and Ly� lines. The 975.8{ 986.8�A window includesthe C i i i � 977
�A line, which allows us to estimatethe amount of scatteredlight in coronalspectra,
and it may possibly be present in cometary spectra as well. Moreover the 989.3{
992.9window (1205.4{ 1208.7�A for the redundant channel) includesa blend of the
N i i i � 991.6�A and Si i i i � 1206.5�A lines, possiblypresent in comet spectra.

The UVCS line emissionat the time of the comet passageoriginates from a
superposition of the cometarysignal, the coronaland interplanetary emission(which
might be important for the Ly� line) and the detector dark counts. The intensity
of the Ly� line increasesby up to a factor � 8 with respect to the background
coronal emissionwhen the comet enters the UVCS �eld of view (seelater, Table
8.1). Hencethe identi�cation of the cometary signal was made by calculating the
average emissionover exposurestaken before the comet entered the UVCS �eld
of view (UVCS sungrazerobservations begin at each heliocentric distance 15{20
minutes before the comet transit into the slit) and subtracting this background
from the following exposures. The comet gave a signal only when it was at the
heliocentric distancesof 4.98and 3.60R� (UVCS slit respectively at the projected
altitudes of 4.94and 3.44R� ); moreover in the above spectral rangesthe cometary
emission is mainly observed in the H Ly� line. A transient weak emissionwas
also detected in the Ly� line and in the N i i i { Si i i i window. Unfortunately the
Ly� intensity was very low and has beenusedonly to estimate the Ly� and Ly�
percentage due to radiative and/or collisional excitation (seebelow). In the N i i i
{ Si i i i window we identify the observed emissionas Si i i i � 1206.5�A rather than
N i i i � 991.6�A or O i � 990.8�A, which falls somewhato� the wavelength observed.
As we show in Figure 8.3, shortward of the Ly� peak we seean intensity of about
7 times the background, that we ascribe to the Si i i i � 1206.5�A line. This emission
is not a 
uctuation in the Ly� wing intensity as it risesabove background by more
than 3� . This interpretation is possiblysupported by the presence,in our data, of a
background Ly� emission(seex 8.4.2)which is due to interaction betweencometary
silicate dust grains and coronal plasma: henceit is likely that the detectedcounts
are due to Si i i i ions coming from sublimation of silicate grains.

Becausein our data no C i i i signalwasrecorded,no correctionhasbeenmadefor
scatteredlight from the solar disk. We note that the C i i i � 977 �A line wasobserved
by UVCS in spectra of the Comet Kudo-Fujikawa (Povich et al. 2003)and hasbeen
ascribed to carbon atoms evaporated from the dust and then photoionized. This
processmay be analogousto the processwe invoke to account for the Si i i i � 1206.5
�A line on our spectra. In the following we focus on the cometary emissionat 4.98
and 3.60R� in the Ly� line.

8.2.1 The observ ed emission

In Figure 8.4 we show composite imagesof the integrated Ly� intensity, from all
the available exposuresat the two heliocentric distances. Theseimageshave been
scaledin arcsecin the direction normal to the slit taking into account the cometary



146 Coronal & cometary parameters from sungrazer observations

Figure 8.3: Line pro�les for the Si i i i (left panel) and the Ly� lines (right panel) at 4.98
R� (averageover 3 exposures).

velocity component perpendicular to the slit v? and the duration of each exposure.
They give a realistic representation of the comet'sappearanceprovided there are no
major changesin the comet during the time it takes to crossthe UVCS slit. The
left panels(i.e. before the subtraction of background Ly� ) show that at 4.98 R�

the comet is adjacent to a weakly emitting coronal structure, which is crossedby
the comet at 3.60 R� . This very small coronal feature was observed in the UVCS
Ly� intensity at 2.20,3.60and 4.98R� , but is hardly detectablein the LASCO/C2
image(seeFigure 8.1). In the 3.60R� panelsin Figure 8.4 (top), becauseof the low
intensity of the coronal background with respect to the cometary signal, the Ly�
intensity has been plotted in logarithmic scalein order to show both the coronal
and cometary emission.

A comparisonbetween the top and bottom panelsof Figure 8.4 reveals a very
interesting di�erence between the comet structure at 4.98 and 3.60 R� : at the
greater heliocentric distance the image shows the presenceof two tails, only one
of which is observed at the lower altitude (we hereafter refer to the northernmost
and brighter tail as tail 1, tail 2 being the weaker structure). Also, at 4.98 R�

the main tail intensity seemsto decreasewith time (or distance) more slowly than
does the single tail at 3.60 R� . A �rst interpretation of the data could be that
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Figure 8.4: Composite Ly� imagesof C/2001 C2 observed at 3.60 (top panels)and 4.98
R� (bottom panels). At both heliocentric distanceswe give the Ly� imagesbefore (left)
and after (right) the subtraction of the background Ly� . note at 4.98 R � the presenceof
two tails and the longer Ly� signal persistenceafter the comet passagewith respect to
the 3.60 R� observation. In the y axis 0 marks the UVCS slit center position; North is
up. Theseimageshave not beencorrected for the cometary motion along the slit.

the comet is composedof two fragments at 4.98 R� and of a single object at 3.60
R� . Neverthelessthree other interpretations for the origin of two tails are possible:
�rst the two tails could be generatedby a single object, if one hypothesizesthat
on the nucleussurfacethere are two emitting regionsfrom which plasmaand dust
are ejected. However we have to considerthat, for sungrazingcomets,due to the
small heliocentric distances,the nucleusis exposedto an extremely high solar 
ux
(� 2:5 � 109 erg cm� 2s� 1 at 5 R� ), henceit is di�cult to imagine a nucleus with
only two emitting regions: probably the whole nucleus surface is active and this
interpretation can be excluded. A secondpossibleinterpretation is that cometary
dust particles have beenejectedfrom a singleobject at two di�erent times: model
computations(Z. Sekanina, personalcommunication) show that the sectorin which
dust ejected from the comet at di�erent times should lie is between latitudes of
1� S and 15� S and the two tails in Figure 8.4 are located about between 4� S and
12� S, henceexactly in the samesector. In this case,tail 1 would be the younger
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emission,made up mostly of tiny, sub{micron sized grains, while tail 2 would be
the older emission,containing (at the observed distancesof up to � 200") relatively
large particles. In principle we cannot exclude this secondinterpretation for the
origin of the two tails: However, under this interpretation it is not easyto explain
why the comet shows 2 tails at 4.98R� and only one tail � onehour later at 3.60
R� (seeFigure 8.4). A third interpretation of the origin of two tails could be that
the enhancedLy� emissioncloseto the small coronal streamer (tail 1) originates
from interaction betweencometary plasmaand the streameritself: we rule out this
possibility in x 8.4. In conclusion,in this study we will concentrate only on the two
fragment interpretation assumingthat the 2 observed tails are the signaturesof 2
separatefragments.

Figure 8.5: Left panel: composite Ly� image of C/2001 C2 observed at 4.98 R � and
shifted for the cometary motion along the slit (North is on the right). Middle and right
panels: tail 1 and tail 2 Ly� imagesobtained respectively by symmetric re
ection of the
northward half of tail 1 and by subtraction of the tail 1 isophotesfrom the observed image
(seetext).

In order to separate the contribution of the two tails, we assumedthat the
cometary Ly� intensity distribution along the slit is symmetric around the peak,
as suggestedby the image at 3.60 R� . After correcting the Ly� imagesfor the
cometary motion in the direction parallel to the slit (using the computed valuesof
the cometary velocity component vsl it along the UVCS slit of vsl it = 58:2 and 107
km/s, respectively at 4.98and3.60R� ), weassumedthat tail 1 intensitiesnorthward
of their peakvaluesare, at each time, una�ected by tail 2 and we built the intensity
distribution of tail 1 by simply mirroring its northern isophotes(Figure 8.5, middle
panel). The secondarytail isophoteshave beenobtained by subtracting from the
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original Ly� image (Figure 8.5, left panel) the contribution of tail 1 (Figure 8.5,
right panel). We note herethat, with this procedure,the number of Ly� counts we
attribute to tail 1 and/or to tail 2 dependsalso on the subtraction of the coronal
background: in particular, the intensity of the small coronal streamer mentioned
above can slightly changeduring the observation. For instance,an underestimateof
the streamerintensity, which liesnorthward of tail 1, could leadto an overerestimate
of the tail 1 Ly� counts, hence,by re
ection and subtraction, an underestimatein
tail 2. However, aswe veri�ed performing the sameanalysiswith di�erent valuesof
the streamerintensity, this indetermination can lead to a systematicerror of about
30 % over all the derived parameters. Hencethe errors we give in the following
sectionsare only statistical errors from the �t (seelater), but all parametersmay
be a�ected by the systematicerror mentioned above.

8.2.2 Ly � line pro�les

We now proceed to analyze the Ly� line pro�les for the coronal and cometary
signals. To this end we made a Gaussian�t to the Ly� pro�les obtained at the
position along the slit wherethe line intensity peaks.Averagecoronalpro�les have
beenobtainedby summingover all the exposuresprior to the cometarrival and over
all the bins wherewe later observed a cometarysignal: this coronalbackground has
beensubtracted from the cometary signal before�tting the comet line pro�les.

Table8.1givesthe parametersderived from the gaussian�ts to the cometaryand
coronal Ly� pro�les. As we mentioned, the Ly� line signal was too weak to allow
us to derive a statistically signi�cant pro�le. The FWHM from the gaussian�t has
beencorrected for the instrumental pro�le (seex 4.3); from the correctedFWHM
(i.e. FWHM c in Table 8.1) we derived the kinetic temperature Tk . As observed also
by Uzzo et al. (2001) for comet C/2000 C6, at 4.98 R� the shift � � between the
cometaryandcoronalpro�le (or, moreprecisely, the shift � � = (� com

c � � cor
c ) between

the centroids of the coronal and cometary line pro�les) is, in the �rst exposure,
signi�cant. This shift can be ascribed to partial �lling of the UVCS aperture by the
comet, which results in a pro�le shifted towards longer wavelengths.

Table 8.1 shows that at 3.60R� the width of the Ly� pro�le from the comet is
the sameasthe coronalwidth. This meansthat the coronalplasmaand the plasma
emitting the cometary signal have the sametemperature, an e�ect which will be
discussedin the next Section and agreeswith the results obtained by Uzzo et al.
(2001), in his observations of the C/2000 C6 sungrazingcomet. Becauseat 3.60R�

we are sampling coronal plasma from a weakly emitting �lamentary structure, we
may comparethe temperature we derived with typical streamervalues: for instance
Strachan et al. (2002) found at 3.60 R� a perpendicular kinetic temperature for
Ly� of 1 { 2�106 K along the streameraxis, in agreement with our value.

At 4.98R� , Table 8.1 suggeststhat the cometary Ly� pro�le is wider than the
coronal pro�le at that heliocentric distance,but, as shown by a more sophisticated
study, there are two components to the pro�le. For a detailed analysisof the line
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Cometary Ly� pro�le

h texp � � F WH M F WH M c Tk I (Ly � )

(R� ) (UT) (�A) (�A) (�A) (106 K) (phot/cm 2s sr)

4.98 19:18 0.260 1.166 1.016 1.37 3.35�109

19:22 0.131 1.119 0.9611 1.23 3.09�109

19:25 0.123 1.123 0.9661 1.24 2.40�109

19:28 0.121 1.034 0.8602 0.983 1.16�109

3.60 20:18 0.114 1.087 0.9231 1.13 3.84�1010

20:21 0.0621 1.001 0.8211 0.896 5.12�1010

20:25 0.0402 1.045 0.8740 1.01 2.49�1010

20:28 0.0561 1.032 0.8587 0.980 1.31�1010

Coronal Ly� pro�le

h texp � � F WH M F WH M c Tk I (Ly � )

(R� ) (UT) (�A) (�A) (�A) (106 K) (phot/cm 2s sr)

4.98 18:54� 19:18 { 0.9325 0.7356 0.719 9.71�108

3.60 20:04� 20:18 { 1.042 0.8706 1.01 4.84�109

Table 8.1: Ly� line pro�le parameters from gaussian�ts
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Figure 8.6: Left: cometary Ly� line pro�les at 4.98 R� (solid line, coronal pro�le
subtracted) for the �rst four exposuresafter the comet entered the UVCS slit. The shape
of the Ly� pro�le in �rst exposuresmay be interpreted as a superposition of two pro�les
(seetext): the red { shifted one disappears after the fourth exposure and the cometary
line approaches the coronal pro�le (dotted line). Right: cometary pro�le averagedover
the �rst three exposures (solid), gaussian �t over the main component (dots) and the
secondarypro�le (dashes).

pro�les at this heliocentric distance, we built the Ly� pro�les for tail 1 over the
bin with peak Ly� intensity from each of the �rst 4 exposuresafter the comet
entered the UVCS slit. Theseare given in Figure 8.6 (left panel). The Figure shows
that a secondaryLy� peak, red { shifted with respect to the main component,
and weakening progressively with time (it can hardly be identi�ed after the 4th
exposure),may be present in the �rst exposures.In order to increasethe statistical
signi�canceof the secondarypro�le - if any - weaveragedthe Ly� pro�le over the �rst
three exposures(seeFigure 8.6, right panel). Superposedonto this we also show a
gaussian�t to the main component: the �t hasbeenconstructedtaking into account
only the blue side of the line and assumingthe pro�le to be symmetric around
its peak. The pro�le of the secondarycomponent, calculated from the di�erence
betweenthe observed and the gaussianpredicted intensities is alsoshown. Bars on
the Figure represent the 1 � error bars: intensities of the secondarycomponent are
above the 1 � uncertainty level. We concludethat a possibly signi�cant secondary,
red{shifted, Ly� component is present in the �rst four exposuresafter the comet
entered the UVCS slit. The identi�cation of two components in the Ly� line pro�le
has been possibleonly in tail 1, becauseof the lower intensity measuredin the
secondarytail pro�les; however, the Ly� pro�les observed in tail 2 also appear to
be wider than the coronalpro�le, suggestingthat this secondaryLy� component is
present in both tails. In the following, we considerthe Ly� pro�le at 4.98 R� as
the sum of two components: the origin of the secondarycomponent and the 0.6 �A
relative Doppler shift are discussedin x 8.3.

The FWHM of the main component of the Ly� pro�le (Figure 8.6,dotted pro�le
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in the right panel) is about 0.9 �A, henceconsistent with the coronalwidth evaluated
from the pre-cometexposures(seeTable 8.1). Becauseat this heliocentric distance
we are in a low latitude open �eld region, we should comparethe value we found
with valuesgiven in the literature for the Ly� width in low latitude coronal holes.
However, there are no Ly� width valuesfor low latitude coronal holesin the liter-
ature and, sinceat 4.98 R� the �eld lines of coronal streamersare probably open,
we can compareour valueswith thoseof Kohl et al. (1997)and Frazin et al. (2003)
who found in an equatorial coronalstreamerat 5 R� a 1=eLy� width corresponding
to 1.5 �106 K, in agreement with our value given in Table 8.1 of � 1:2 � 106 K. Polar
coronalholemeasurements giveTk � 3:8�106 K above4.0R� (Cranmer et al. 1999),
which is larger than what we observed in the comet.

8.3 Ph ysics of cometary and coronal Ly � emission

We illustrate brie
y here the mechanisms by which the interaction between the
cometary and coronal plasmas results in an enhancedLy� emission (Raymond
et al., 1998b; Uzzo et al., 2001). First we have to check whether the observed
Ly� line is radiatively excited or has a signi�cant collisional component. As we
described in x 3.3.1, for Ly � and Ly � lines it is possible to separate radiative
and collisional components by solving a simple linear system (seeequations3.52)
which requires the collisional and radiative Ly � =Ly� ratios to be known (R� �; c

and R� �; r , respectively). These ratios depend on well known atomic factors and
on the Ly � and Ly � disk intensities. At the high temperatures typical of coro-
nal plasma (logTe � 6:0) R� �; c ' 0:14, while using I disk (Ly � ) = 6:678 � 1015

phot cm� 2s� 1sr� 1 from SOLSTICE (SOLar STellar Irr adiance Comparison Exper-
iment) data and I disk (Ly � ) = 9:947� 1013 phot cm� 2s� 1sr� 1 from SUMER (Solar
Ultraviolet Measurements of Emitted Radiation) data both measuredon 14 May,
2001(the Sumer observation closestin time to our observations), we computed a
R� �; r ' 0:0021. From thesevaluesit turns out that both at 3.60and 4.98R� about
100% of cometary Ly� originates from radiative excitation of neutral hydrogen,
while the Ly� radiative component is only � 30%of the total emission.

Hence,becausethe cometary Ly� line is only radiatively excited (as is usually
the casein the corona, seee.g. Raymond et al., 1997) and, as we showed in the
previoussection, its width is not larger than the coronal line width, we can invoke
two possibilities to explain its origin: either the enhancedLy� intensity originates
from photons scatteredby hydrogen atoms created in the photodissociation of the
water moleculesejected by the comet, or else the products of water dissociation
interact with coronal protons and, by charge transfer processes,create the neutral
hydrogen atoms with the kinetic temperature of the coronal protons, which then
scatter Ly� line photons.

However, we point out that the Ly� signal from the products of dissociation
of water would have a pro�le narrower than the coronal one and would disappear
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shortly after the comet leavesthe UVCS slit (Raymond et al., 1998b). Becausethe
cometarypro�les have the samewidth and the samecentroid position asthe average
coronal pro�le, the second-generationneutral hydrogen atoms have the samebulk
speedand kinetic velocity distribution asthe coronalH atoms. We concludethat H
atoms responsible for this emissionformed from the interaction (charge exchange)
of coronal protons with neutral atoms that are secondaryproducts from the comet
ejection of H2O; becausein the processp+ + H ! H + p+ the momentum transfer
is very small (McClure, 1966), the newly formed H atoms have about the coronal
proton velocity distribution. This conclusionis in agreement with previous�ndings
by Uzzoet al. (2001) from the analysisof the C/2000 C6 sungrazer.

We can now discussthe origin of the secondarycomponent observed at 4.98
R� in the Ly� pro�les of tail 1, which we described in x 8.2.2. The secondary
pro�le is observed only in the �rst 4 exposures,which amount to a total time of
800 seconds,which (see later) is very closeto the characteristic time � cx for the
charge exchangeprocessdiscussedabove. Hence,while the main pro�le is due to
Ly� photons scatteredby H atoms createdby chargetransfer with coronalprotons
(which are\at rest" with respect to coronalH atoms), wesuggestthat the secondary
pro�le originates from those H atoms, created by H2O photodissociation, which
did not have enoughtime for charge exchangeand, moving with the comet along
the LOS, give a red { shifted pro�le. This hypothesis is supported by the narrow
width (� 0.5 �A) of the secondarypro�le shown in Figure 8.6: becausethe cometary
material is \cooler" than the coronal plasma,the line hasa smaller width 1.

In this scenariowe may also explain why this secondarycomponent is unob-
servable at 3.60 R� : at 4.98 R� the comet is crossinga coronal hole region, hence
the secondaryLy� intensity due to the H atoms moving inward with the comet
(vr � 250km/s) and the main component due to the H atomsmoving outward with
the solar wind (vout � 170km/s; seePoletto et al., 2002)are both Doppler dimmed.
On the contrary at 3.60 R� the comet is crossinga coronal streamer, henceonly
the secondaryLy� component due to the H atoms from water photodissociation
is Doppler dimmed, while the main component comesfrom coronal H atoms with
vout � 0. As a consequencethe expected ratio between the intensities of the two
components is � 20, making the secondarycomponent unobservable. A possible
objection to this interpretation comesfrom the kinetic temperature we derived from
the secondarypro�le (Tk � 2:5� 105 K), higher than expectedfor cometarymaterial.

An alternativeexplanationfor the secondaryLy� component must beconsidered:
the O atoms from the H2O photodissociation have a crosssection for the charge
exchange processwith coronal protons which is about the sameas the H atoms
charge exchange crosssection (seee.g. Kimura et al., 1997), becausethe H and
O First Ionization Potential are approximately equal. This meansthat H atoms

1We note that the shift of about 0.6 �A between the main and the secondaryLy� pro�le in
Figure 8.6 (corresponding to about 150km/s) is larger than implied by the component vLO S � 80
km/s of the cometary velocity derived from the orbital parameters. This inconsistencymay be due
to the uncertainty in separating the two components of the Ly� pro�le.
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could form alsoby chargetransfer with cometaryO atoms;but, becauseO is about
16 times heavier than H, there may be somemomentum exchange in the process.
This might explain the red shift of the secondarycomponent: becauseof the near
equality of the crosssectionsfor the two processes,we can assumethat the number
NH p of H atoms createdby chargetransfer betweencometary H atoms and coronal
protons is about twicethe number NH O of H atomscreatedby the sameprocesswith
cometary O. Hence,assumingthat these atoms are responsible for the secondary
Ly� emission,we estimated that, in order to reproduce its intensity, each H atom
scatters �g = 0:62 Ly� chromosphericphotons per second. At 4.98 R� in a static
plasmawe have �g = 4:50 phot s� 1H� 1, hencewe needa Doppler dimming factor of
0.14 to bring �g down to the value 0.62we estimated. This correspondsto a plasma
speed of ' 260 km/s (seeKohl et al., 1997), which agreeswith estimatesof the
radial velocity vr of the comet.
The explanation we gave above for the absenceof the secondarycomponent at
3.60 R� , holds also for this alternative explanation. However, an objection to this
interpretation comesfrom Lindsay et al. (1996) who seemto imply that very little
momentum transfer occurs in the charge exchange between O atoms and coronal
protons.

A third possibility is that the cometproducesenoughgasto dynamically a�ect a
small regionof the coronait passesthrough. This can take the form of a bow shock
(e.g. Raymond et al., 1998b). The comet producesabout 1028 atoms per second
at 4.95 R� , which is comparableto the number of atoms swept up per secondin
a cylinder of 1010 cm radius (which is � the mean free path for charge transfer),
and length equal to the distancecoveredby the comet in onesecond,if the coronal
density is in the rangeestimatedbelow. Thusthe cometarymaterial candynamically
a�ect the coronal gas,but it is not clear whether or not a bow shock will form.

We are unable to make a choice among the interpretations we outlined and we
leave this point open for future work.

8.4 A model for the observ ed Ly � emission

After identifying the atomic processesat work in the comet-coronainteraction we
show how the observed intensities allow us to derive the comet outgassingrate,
the cometary nucleus dimension and the coronal density. To this end we need
to establish a relationship between the unknown number _N of neutral H atoms
producedby cometary outgassingper secondand the observed Ly� intensity.

The meanlifetime � H of H atomsproducedby photodissociation may be written
as:

� H = (� � 1
cx + � � 1

ion )� 1 (8.1)

wherethe chargetransfer rate � � 1
cx and the ionization rate � � 1

ion dependon the plasma
conditions and are in generalunknown; theserates increaseas the cometapproches
the Sun. However, at plasmaconditions at 3.60 R� (temperature of � 106 K and
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relative velocity betweencoronalgasand cometary H atoms of about 250km/s), it
turns out that (Scholz & Walters, 1991;Uzzo et al., 2001):

� cx = � ion ' (3:1 � 107 cm� 3s)=Ne ) � H =
� ion

2
(8.2)

At 4.98 R� the relative velocity between coronal plasma and cometary H atoms
increasesbecauseof the coronal plasmaout
o w velocity: for a low latitude coronal
holeout
o w velocity vout ' 170km/s (Poletto et al., 2002)wehavea relativevelocity
of about 420 km/s and � cx ' 1:8 � 107 cm� 3s=Ne = � ion =R� (R� � � ion =�cx = 1:72).
Hencein general� H = � ion =(R� + 1) with R� = 1 and R� = 1:72 respectively at 3.60
and 4.98R� .

The number Ncoma (cm� 3) of neutrals moving with the comet and outgassedat
a rate _N (cm� 3s� 1) is Ncoma = _N � H = _N � ion =(R� + 1). Theseatomsundergocharge
transfer with coronalprotons at a rate � � 1

cx , hencethe comet,moving at a velocity v,
leavesalong its path a number NH = Ncoma=(� cxv) = _N R� =[(R� + 1)v] of neutrals
per cm. This shows that NH is independent of the electron density Ne, becausean
Ne increasecorrespondsto a greaternumber of neutrals createdby chargetransfer:
these,however, have a shorter lifetime becauseof the increaseof the ionization rate.

After the comet passagethe Ly� starts decreasingwith time: the number NH

of H atoms that the comet leaves along its path via charge transfer exponentially
decays with a lifetime � ion and the cometary Ly� signal disappears. Changesin Ne

modify only the exponential decay e� t=� ion � e� t N e=k (k = 3:1 � 107 cm� 3s) giving a
longer Ly� signal persistencewhereNe is smaller.

As we anticipated in x 8.2, at 4.98 R� the Ly� isophotesshow two cometary
tails (seeFigure 8.4). Now from equation8.2we canexcludethe possibility that the
enhancedemission,dubbed tail 1, is due to the interaction between the cometary
plasmaandthe enhanceddensity of the coronalstreamer. Wherethe electrondensity
Ne increases(i.e. near the streamer`sedge) the charge transfer rate � � 1

cx increases
and the number of H atoms produced (hence the Ly� intensity) should increase.
Nevertheless,as a consequenceof equation 8.2, at locations where Ne raises, the
Ly� signal duration decreases,leading to a weaker rather than a stronger Ly�
emissionat the location of tail 1 in Figure 8.4. Moreover, sublimation of cometary
dust grains provides a better explanation for the persistenceof the Ly� signal, as
will be shown in x 8.4.2.

The total (i.e. summedover the slit length) number of Ly� counts Ci expected
in the exposurei after the �rst cometaryobservation in the spectrographslit is (see
Uzzoet al., 2001):

Ci =
Aef f

4� � 2

_N �g
v

R�

R� + 1

Z (i +1) texp

i texp

Z l

0
e� [t � tcr oss (x)]=� ion dx dt (8.3)

whereAef f is the e�ective area of the UVCS instrument (Aef f = 0:0075and 0.015
cm2 respectively at the projected heliocentric distancesof 3.44and 4.94R� ), � and
v are, respectively, the comet-Earth distance(in AU) and the orbital speedof the
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comet, texp = 200 s is the exposure time, l = 3:0 � 109 cm is the UVCS slit width
projected onto the plane of the sky, tcr oss(x) = tstar t + x=v is the time at which the
comet crossesthe position x on the slit (tstar t is the unknown time at which the
comet �rst enters the slit) and � ion is the unknown characteristic time for H atom
ionization. In the equation 8.3 there are two unknown parameters(� ion and tstar t )
and a normalization _N : it is possible,given the observed Ci curve, to �nd the pair of
valuesfor (� ion , tstar t ) at which the � 2 value is minimum: statistical errors in the �t
are estimated from the iso { � 2 curves(seelater, Figure 8.8). The electron density
Ne of the plasmaencountered by the cometary nucleuscan be easily inferred from
the � ion value given by the �t.

The value of �g has beencomputed from the following parameters: at 3.60 R�

we usedthe averageTk = 1:0 � 106 K from cometary pro�les (Table 8.1) and, since
the comet is passingthrough a small streamer,an out
o w speedvout = 0 (seee.g.
Strachan et al., 2002);at 4.98R� , weusedTk = 7:19�105 K from the coronalFWHM
(seeTable 8.1) and the out
o w speedestimated above from Poletto et al. (2002).
For a scattering angleof � scatt = 90� (the Earth-comet distancewas approximately
1.004AU at the time of our observations, hencethe comet was about on the plane
of the sky at both heliocentric distances)we obtained �g = 8:62 phot s� 1H� 1 at 3.60
R� and �g = 1:09 phot s� 1H� 1 at 4.98 R� . At both heliocentric distanceswe used
I disk (Ly � ) = 7:75 � 1015 phot cm� 2s� 1sr� 1 from the 7 February, 2001 SOLSTICE
measurement.

The outgassingrate _N derived from the model can be used to estimate the
ejectedmassrate QH 2O (Kg/s) by simply assumingthat each water moleculegives
rise to two neutral hydrogenatoms. O atoms can alsoneutralize protons by charge
transfer, but oxygen is ionized more rapidly than hydrogen. From the _N value it is
possiblealsoto give an estimatefor the cometarynucleusactive surfaceSact exposed
to the solar radiation: assuminga balancebetweenthe energysuppliedby the solar
radiation over Sact and the energyrequired to sublimate the quantit y of ice derived
from _N , we have

Sact =
_N L

F� (1 � A) NA
(8.4)

whereL = 4:81� 1011 erg mol� 1 is the ice latent heat of sublimation, A = 0:06 is the
cometary albedo,F� = 1:37� 106(215:21R� =r)2 erg cm� 2s� 1 is the solar 
ux scaled
to the cometaryheliocentric distancer (R� ) and NA (molecmol� 1) is the Avogadro
number. From the Sact valueit is possible(assuminga sphericalnucleus)to estimate
the equivalent radius for the cometarynucleusR =

p
Sact=� . This relationshipholds

only in absenceof unobserved fragmentation events, as we discusslater.

8.4.1 Cometary and coronal parameters

The derived Ci curves for tail 1 and 2 and the observed curve at 3.60 R� have
been comparedwith the Ci predicted curve (equation 8.3) in order to determine
the fragment parameters. Table 8.2 gives the results we obtained for the cometary
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and coronal plasma parametersat 4.98 and 3.60 R� from the model described in
the previous section. An exampleof the observed and modeled curves of the Ly�
counts vs. time is given in 8.7. We note that, before�tting the Ci pro�le observed
at 4.98R� we subtracted in both tails (fragment a and b in the Table) the intensity
of the secondaryLy� component (from the �rst exposures),becausethe H atoms
responsible for this secondaryemissionare not included in the model described
above.

Figure 8.7: Observed (solid) and modeled (dots) Ly� counts at 4.98 R � in the main
(left panel) and secondary(right panel) cometary tail. before �tting the observed counts
we subtracted in both tails the intensity of the secondaryLy� component from the �rst
exposures;also, before �tting the counts of tail 1, a constant term of 280 counts has been
subtracted from the tail 1 curve to take into account the e�ect of pyroxenedust grains.

Figure 8.7 shows that the Ci curve for the secondarytail (right panel) hasbeen
easily �tted yielding the parametersgiven in Table 8.2. On the contrary the tail 1
curve (left panel) shows a very slow decreasein time and the �t givesus a very high
� ion value (� ion � 2000s), hencea low Ne (� 1:6 � 104 cm� 3). As we mentioned in
x 8.2, tail 1 is closer than tail 2 to a small coronal streamer, so in this region we
expect an electron density equal or greater than the density Ne = 1:6 � 104 cm� 3

obtained from the tail 2 �t.
However the shape of the tail 1 Ci curve (dashed line in Figure 8.7) does not

exponentially decay to 0, but tends to a constant Ly� emissionof about 280counts.
Hence,in order to determine� ion , wesubtracteda constant backgroundof 280counts
from the measuredintensities, obtaining the solid curve in Figure 8.7. From this
curve, using the above model, we evaluated the main fragment parametersgiven in
Table8.2. From the Sact valuesgiven in this Table, assuminga sphericalshape both
for the main and the secondaryfragment, we obtained respectively radii of 7:8� 0:4

0:5

and 5:4� 0:2
0:5 m; thesevaluesare similar to the nucleusdiametersgiven by Uzzo et

al. (2001) for comet C/2000 C6.
As expected, the derived � ion values in Table 8.2 decreasefrom tail 2 to tail 1

giving us a higher coronal electron density near the small streamer(Ne = 3:0 � 104
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Model parameters Derived parameters

Rsky tstar t � ion
_N QH 2O R Ne

(R� ) (s) (s) (1028 s� 1) (Kg/s) (m) (cm� 3)

4:98a 235� 9
14 1020� 110

150 0:59� 0:06
0:07 58:9� 6:0

7:0 7:8� 0:4
0:5 (3:0� 0:5

0:3) � 104

4:98b 505� 20
24 1900� 210

245 0:29� 0:03 28:5 � 2:7 5:4� 0:2
0:5 (1:6 � 0:2) � 104

3:60 292� 12
24 430� 50

30 8:2� 0:8
0:9 820� 80

90 20:3� 1:2
0:8 (7:2� 0:5

0:7) � 104

a main fragment, b subfragment

Table 8.2: C/2001 C2 model and derived parameters

cm� 3). We give a detailed interpretation for the constant Ly� in the next section:
here we anticipate only that this Ly� emissionwill be ascribed to the sublimation
of pyroxenedust grains, a processwhich yields an extra number of neutrals in the
coma.

Figure 8.8: Left panel: observed (solid) and modeled (dots) Ly� counts at 3.60 R � .
Right panel: the iso { � 2 curves showing the pair of values for (� ion , tstar t ) at which the
� 2 value is minimum. Errors in the parametersare determined from the iso { � 2 curves.

At 3.60R� the proceduredescribed in x 8.4givesthe resultsshown in Figure 8.8
and in Table 8.2. Analogously, the Ne value derived at 3.60R� , is at the lower edge
of the pro�le of the streamerdensity band given for instanceby Gibsonet al. (1999)
(seeFigure 2.2) or by Strachan et al. (2002)at our heliocentric distances.However
this low Ne value is realistic becausethe coronal feature crossedby the comet is a
very tenuous feature, nearly unobservable in the LASCO/C3 and C2 images(see
Figure 8.1). Hencethe values inferred from the comet-coronaplasma interaction,
although rather low with respect to standard streamer densities,provide us with
valuesdescribingthe physical status of faint structures.

At 3.60 R� we observe only one tail, implying that the secondaryfragment
disappeared by sublimation along its path between 4.98 and 3.60 R� . This can
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be veri�ed as follows: the thicknessof the sublimated layer Rsubl may be estimated
(following Iseli et al. 2002)by integrating over the cometaryorbit the rate of change
in radius dR=dt, which is given by

dR
dt

=
dR
dr

dr
dt

= �
F� (r ) (1 � A)

16� � com L
� 0:85 (cm s� 1) (8.5)

where r is the heliocentric distance, F� (r ) and A are given in x 8.3, � com � 0:6 g
cm� 3 is the density of porous ice, L � 2:5 � 1010 erg g� 1 is the ice latent heat of
sublimation and 0.85 is the fraction of the solar radiation energywhich, by model
computationswith sungrazersat small heliocentric distances(Iseli et al. 2002),goes
into sublimation. Integrating this equation between the two cometary heliocentric
distancesof 4.98 and 3.60 R� and taking for dr=dt � vr the averagevalue vr '
2:6 � 107 cm/s we obtained a value Rsubl ' 2:0 m which is of the sameorder as
the subfragment estimated radius (Table 8.2). This meansthat at this heliocentric
distancewe cannot seetwo tails becausethe subfragment sublimatesbetween4.98
and 3.60R� .

We note that from the _N value in Table 8.2 we derive a radius of 20.3m, larger
than the main fragment radius at 4.98 R� . This is a consequenceof the increased
surfaceSact (seee.g. Uzzoet al., 2001): at this heliocentric distancethe main nucleus
is fragmented in many undetectablesmall piecesincreasingthe surfaceSact exposed
to the solar 
ux (hencethe derived _N value) and giving an unrealistic value for the
object radius. This explains also why we did not observe the comet at 2.20 R� :
the comet never reached this heliocentric distance. This scenariois con�rmed by
the following considerations:if the tensile strength of the cometary nucleussurface
would benegligible,a lower estimatefor the heliocentric distanceat which the comet
would break up, in a highly idealizedcase,is given by the Roche limit L R :

LR = 2:44
�

� �

� com

� 1=3

R�

where � � = 1:41 g cm� 3 is the averageSun density; with the density of porous ice
given above, this formula yields L R = 3:24 R� . Non gravitational stresseshowever
may fracture the comet above L R : following Chyba, Thomas & Zahnle (1993), the
nucleus fragmentation becomesmost probable when the averagepressureon the
sunward side is about equal to its tensile strength (� 103 � � 105 dyn cm� 2). For
typical comet material this happens around 5 R� : we can concludethat between
about 3.2R� and 5 R� (hencebetweenthe heliocentric distancesof our observation)
the occurrenceof cometary nucleus fragmentation events becomesmore probable.
Fragmentation processesbetweenthesetwo heliocentric distancesincreasethe ero-
sion rate (as discussedabove), leading to the observed completesublimation of the
nucleusmaterial before2.20R� ; the coexistenceof both fragmentation and erosion
processesis neededto explain the cometary disappearenceabove this heliocentric
distance.



160 Coronal & cometary parameters from sungrazer observations

In the next Section, for completness,we show how the Ly� background we
subtracted from the tail 1 Ci curve has been used to derive an estimate for the
number density of pyroxenedust grains. This is an important estimate becausein
the literature there are no measurements for the grain density in sungrazersand our
resultsmay help modelersto better understandthe shape of the observed sungrazer
lightcurves. As we will seethis lead us to study the interaction between coronal
protons and cometary dust grains, a processthat we have not described in the �rst
part of this Chapter.

8.4.2 E�ect of Pyro xene dust grains

Wehaveshown in the last sectionthat at 4.98R� a subtraction in each exposureof a
constant Ly� intensity of about I (Ly � ) ' 280counts = 3:93� 109 phot cm� 2s� 1sr� 1

from the tail 1 Ci pro�le allows us to determine, by the model described above, a
realistic � ion value. The additional number �NH of H atomswhich producesthis Ly�
emissionis �NH = [4� I (Ly � )]=(�gL) ' 3:0 H cm� 3 where �g has beencomputed in
x 8.4 and L is the extensionof tail 1 alongthe line of sight, which we assumedto be
of the sameorder as its extensionon the plane of the sky (L ' 10 bins ' 1:52� 105

km, seemiddle panel in Figure 8.5). We need now to explain the origin of these
additional H atoms.

Kimura et al. (2002) interpreted the observed sungrazerlightcurves in terms
of the di�erent characteristic timescalesfor sublimation of 
u�y aggregatesof crys-
talline olivine ([Mg, Fe]2 SiO4) and pyroxene([Mg, Fe]2 Si2O6) grains. Theseauthors
de�ned the dust sublimation zoneasthe heliocentric distanceat which the timescale
for grain sublimation � s is equal to the time � � r taken by the comet to cover the
distance� r = 0:1 R� . They found pyroxeneaggregatesin sungrazercomaeto have
their sublimation zoneat h � 5 R� , which correspondsto the heliocentric distanceof
our observations. Moreover Kimura et al. (2002)hypothesizethat \The sublimation
of pyroxenegrains might account for the Ly� emissionthat peaksaround 4 { 5 R�

if pyroxenegrainsact asagent to neutralizeprotons in the solarcorona.". Following
this scenario,we ascribe the number �NH of additional H atoms to a chargetransfer
processbetweenproducts from pyroxenegrains sublimation and coronal protons.

Tachibana et al. (2002) showed that enstatite (Mg2Si2O6, an endmember of
pyroxene) evaporates preferentially via emissionof SiO2 yielding to the formation
of a forsterite (Mg2SiO4, an endmember of olivine) layer on the surfaceof enstatite.
Hence(seealso Kimura et al., 2002) we assumedthat the massloss of pyroxene
grains in the sublimation processoccurs by ejection of SiO2 moleculesalone. The
authors alsoshowed that, during the SiO2 evaporation from enstatite, the thickness
of the forsterite layer increaseswith time in the early stageof evaporation and later
remainsconstant at � 4{ 6�m dependingon the external temperature. This means
that, de�ning the equivalent grain radius Rd = rm n1=3 = 200nm � 4{ 6�m (taking
a monomerradius rm = 100nm and a number n = 8 for the monomersof the grain,
seeKimura et al., 2002),all the available SiO2 massin the grain evaporates.
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After the SiO2 moleculeshave beenejectedfrom the grain, they are photodis-
sociated by the solar radiation. In the literature there is no estimate for the SiO2

photodissociation rate: this moleculeis likely to behave as CO2, which has a pho-
todissociation time of ' 113s at 5 R� (Huebneret al., 1992). Hencewe assumethat
each SiO2 molecule photodissociates immediately after the evaporation from the
pyroxenegrains; we assumedalso that this processproducesthree neutral atoms.

From a comparisonbetweenthe experimental chargetransfer processrates(from
Kimura et al., 1997)and the estimatedionization rates in the coronalplasmainter-
acting with the comet (T ' 7:2 � 105 K from the Ly� FWHM and Ne = 3:0 � 104

cm� 3 from the tail 1 �t described above), it turns out that about half of the Si atoms
from the photodissociation of SiO2 undergoeschargetransfer with coronalprotons,
while all the producedO atomsundergochargetransfer beforebeing ionized. Hence
we have that the number density N (Si ) and N (O) of Si and O atoms available for
chargeexchangetraveling with the comet are:

N (Si ) =
1
2

Nd
md(SiO2)
m(SiO2)

; N (O) = 2Nd
md(SiO2)
m(SiO2)

= 4N (Si)

where md(SiO2) is the SiO2 massof the grain and m(SiO2) = 9:98 � 10� 23 g is
the massof a SiO2 molecule. Assuming that the pyroxene composition formula
is Mg1:8Fe0:2Si2O6 (seee.g. Wooden et al., 1999) and using typical bulk density
and radius for the pyroxene grains estimated by Kimura et al. (2002), we have
md(SiO2) = 6:42 � 10� 14 g. Knowing N (Si) and N (O), from the cross sections
� cx(Si ) and � cx(O) for inelastic processesin collisions of H + ions with neutral Si
and O atoms(Kim ura et al., 1997),wemay derive the expectednumber of H neutrals
producedby chargetransfer asa function of the unknown Nd. Equating this number
to the �NH number estimatedabove we �nd:

Nd = �NH

�
Np

md(SiO2)
m(SiO2)

vp

�
� cx(Si )

2
+ 2� cx(O)

�
� ion

� � 1

= 6:2 � 10� 10cm� 3

where Np ' Ne is the coronal proton density and vp ' 420 km/s is the proton
velocity with respect to the colliding neutrals which move in �rst approximation
with the comet. In the literature there are no dust measurements for sungrazing
comets;the only estimate we found refersto the the grain number density derived
by Vega1, Vega2 and Giotto spacecraftmeasurements during the comet P/Halley

yb y: at a referencedistanceof 1000km from the nucleus,whenthe cometwasat an
heliocentric distancebetween' 0:8 and 0.9 AU, it turns out that the grains with a
massof � 10� 14 g have a number density of � 1� 2�10� 5cm� 3 (Vaisberget al., 1987;
Mazetset al., 1987;McDonnell et al., 1987),hence� 4 ordersof magnitudegreater
than in our case. If the grain number density Nd decreaseslike / 1=d2 (where d is
the distancefrom the cometary nucleus), in the Halley comaNd = 6:2 � 10� 10 cm� 3

at a distanced ' 1:3� 105 km from the nucleus,which correspondsto about 175" in
our observations (Figure 8.4).
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8.5 Summary

In conclusion,in this work we report on UVCS observations of a sungrazingcomet
fragmentation: this event hasbeendirectly observed for the �rst time by UVCS at
4.98R� and inferred at 3.60R� from the observed apparent increasein the derived
nucleus radius. The observations at 4.98 R� allow us to observe two fragments
whoseoutgassingratesand the radius have beeninferred from the data; the smaller
fragment radius is compatible with its total sublimation between4.98and 3.60R� .
The observed increasein the Sact value at 3.60R� indicates that the main nucleus
breaks into many small piecesbetween thesetwo heliocentric distances. The slow
decreaseof the Ly� intensity with time at 4.98R� hasbeenreproducedby assuming
that additional H atomsare createdby the interaction betweencoronalprotons and
cometary pyroxene dust grains. This assumption allows us to give for the �rst
time an order of magnitude estimate for the pyroxenedust grain number density in
sungrazingcomets.

Estimatesof the kinetic temperatureandelectrondensity of an equatorialcoronal
hole at 4.98R� and of a coronal streamerat 3.60R� , consistent with valuesgiven
in the literature for theseparametersnear the last solarmaximum, show an increase
by a factor 2 in the density value acrossthe coronal hole{streamerboundary. The
density for a faint structure, hardly detectablein white light images,has also been
inferred; this may represent a lower limit of densitiesfor coronal streamers.



Chapter 9

Summary and Future Perspectiv es

After a review, in the �rst part of this Thesis,of the spectroscopicdiagnostic tech-
niques that allow us to infer the coronal plasma physical parameters,and, in the
secondpart, of the workswherethesehavebeenapplied,we like to summarizein this
last Chapter the most relevant results we obtained and to outline works in progress
and/or planned for the near future.
In the �rst work (Chapter 5) we reported on UVCS observations of a streamercom-
plex taken at 1.6 and 1.9 R� (Bemporad et al., 2003),near the maximum phaseof
the activit y cycle (June 10{17, 2000). From theseobservations we derived electron
densities,temperaturesand elemental abundancesacrossthe two observed stream-
ers at both heliocentric distances. In particular, streamerdensitiesat both heights
(Table 5.4) are about a factor two larger than typical densitiesderived at the mini-
mum of the solaractivit y (seeFigure 2.2), and this characteristic may be ascribed to
variations betweenthe di�erent phasesof solarcycle. The variation of densitiesfrom
the center to the edgeof the streamerderived from our data is in agreement with
other estimates(seee.g. Strachan et al., 2002;Wilhelm et al., 2002) for streamers
at solar minimum, but we point out that our results apply to streamersthat do not
show the O vi /Ly � dychotomy observed in the samestructures at solar minimum
(i.e. streamercores,whereLy� emissionis highest,correspond to a weakly emitting
region in the O vi radiation, an e�ect which is most easily interpreted as being
causedby a local oxygendepletion). Electron temperaturesacrossthe streameraxis
(Table 5.3) show a decreasetowards the streamer edgesby about 15%; however
(taking into account that, for a slit centered at the spreameraxis, positions along
the slit at the streamerboundariesare at an higher altitude) a 7% variation can be
ascribed to the altitude increase. Interestingly, we found from the ratio technique
a 25%di�erence in temperature betweenthe two streamers,con�rmed by an emis-
sion measureloci analysis(seeFigure 5.7); this e�ect can be related to the di�erent
\age" of the two structures, asthe cooler streamerwasnewly formedafter a plasma
blowout (seeSuesset al., 2004).
Our determination of the oxygenabundances�rst revealedthe youngerstreamerto
be overabundant with respect to the secondstreamer. We can hypothesizethat in
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the youngerstreamergravitational settling had not enoughtime to reducethe oxy-
genabundancefrom photosphericto coronal values. This happensalsowith others
elements, overabundant in the \y ounger" structure. We have beenable to check the
behavior of the oxygen abundanceacrossthe older (and hotter) streamer: it turns
out that in the edgethe abundanceis higher than in the center. However, as we
mentioned, we don't observe two lobes in the O vi intensity acrossthe streamers
as observed by other authors in the minimum of the solar activit y. Perhapswe can
justify this apparent contradiction as a consequenceof the strong density increase
between streamer's legs and center that balancesthe abundancee�ect and yields
the observed singlepeack distribution of the O vi line intensity acrossthe streamer.
As we mentioned in x 2.4, the determination of the abundanceof trace elements in
di�erent solar structures and in the solar wind may be crucial for the identi�cation
of the solar wind sources.Analysesof streamerdata taken at the minimum of the
solar activit y cycle raisedthe questionof whether streamers'legsmight be the site
whereslow wind originates,becausethe oxygenabundancein the lateral branchesof
the streamer,at coronal levels, turned out to be similar to the slow wind abundance
measuredin situ. Becauseour data were acquired at the time of a SOHO{Sun{
Ulyssesquadrature, we checked whether the behavior found at minimum is shared
by our streamersat maximum of the activit y cicle. Hence, in order to �nd some
indications about the origin of slow wind, we comparedcoronal Fe/O valueswith
thoseacquiredin situ by the SWICS experiment aboard the Ulyssesspacecraft.To
this end, we needto know the geometryof �eldlines that extend from the coronal
levels observed by UVCS to the distancessampledby SWICS. The magnetic �eld
con�guration as beenderived via an MHD extrapolation model, which makes use
of the photosphericmagnetic �eld measurements of the Wilcox Solar Observatory.
It turns out that UVCS and SWICS values are in good agreement (for example
(F e=O)UV CS = 0:12� 0:03 and (F e=O)SW I CS = 0:09� 0:04 on June 11). However
the 
uctuations in the in situ valuesare so large that a comparisoncan be made
only betweentime{averagedvalues,giving little evidencein favor of an association
betweenabundancesin the streamerlegsand slow wind.

In our secondwork we studied the early evolution of a CME that occurred on
January 31, 2000,and was observed by UVCS at 1.6 and 1.9 R� (Bemporad et al.,
2005b). In the �rst part of our analysiswe identi�ed (from a comparisonbetween
LASCO and EIT images)the CME sourceregion on the solar disk: it is important
for CME modelers to understand how possibleinteractions between the magnetic
�eld above the sourceactive region (AR) and the overlying large scale�elds may
give rise to the helical 
ux ropesobserved in the interplanetary medium. A study of
magneticcon�gurations above this AR which may leadto the releaseof the observed
CME is at present in progress.In particular, we plan to useMagnetoHydrodynam-
ic codes1 to reconstruct the coronal magnetic �elds starting from �elds measured

1Seehttp://ccmc.gsfc.nasa.gov/models/
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at the photosphericlevels. Thesesimulations will help us understand whether the
background structures observed in Mauna Loa and LASCO imagesplayed a role in
the releaseof the CME by interacting with the dipolar �eld of the AR. Moreover,
it will be important to study how the orientation of the magnetic neutral line on
the disk gave rise to the complex structure we observed in Mauna Loa di�erence
images.
The whole event turns out to be very faint in UV line emission: di�erent CME
structures are hardly identi�able even on the strongestspectral lines (H Ly� , O vi
and Si xi i), whoseintensities show at most a changeby about 30{40%with respec-
t to the value at the beginning of the observations, followed by some
uctuations.
Thesestructures,however becomeclearly visible in the running di�erence imageswe
reconstructedfrom UVCS data. By a comparisonwith the Mauna Loa white light
data, we identi�ed in the UV reconstructedCME images(Figure 6.6) the typical
three parts (front, void and core) of our CME. The overall CME structure agrees
with that envisagedby the Lin, Raymond & Van Ballegooijen (2004) CME model:
this \loss of equilibrium" model requireschangesin the magnetic �elds above the
sourceAR such that the 
ux rope, initially \suspended" over the AR, is destabi-
lized. This scenariois in agreement with the variation in the AR we identi�ed as
the CME sourceof the sunspot number and of its total area.
Then, we estimatedfrom the pB data the electrondensitiesin the di�erent parts of
the CME, by assuminga priori the length L along the LOS of the CME region and
the density pro�le of the background corona(adjusted to reproducethe background
pB observed at di�erent latitudes). It turns out that the CME corehasthe greatest
density (seeTable 6.2), while the CME front and void have a density respectively
� 25% and 45% lower than the core. From thesevalues,by assumingtwo simple
geometriesfor the CME bubble, we derived an order of magnitude estimate of the
massof di�erent CME parts and of the wholeCME: the valuewe found for the total
mass(� 6� 8� 1014 g) is about onethird of the massmeasuredfrom LASCO images
at higher levels(2:1� 1015 g) and canbe representativ e of the CME massin the early
stageof its developement (seeconclusionsof Chapter 6).
With the densitieswe derived from the pB (hence, independently of the unknown
plasma temperature), we have beenable to estimate the averageelectron temper-
ature in the CME region neededto reproduce the observed Ly� , O vi and Si xi i
line intensities. To this end, we had to estimate also the plasmaout
o w speeds(to
compute the Doppler dimming factors of Ly� and O vi lines) from the Mauna Loa
images,which turn out to be lower than � 100km/s at 1.6R� (the CME accelerates
at higher heliocentric distances).The resulting temperaturesare about a factor 1.4,
1.8 and 2.0higher than the surrounding1:4� 106 K corona,respectively, in the CME
front, void and core. This temperature increaseis con�rmed also by the detection
of an O vi � 1032�A line broadeningat the CME void and corewhich corresponds
to an oxygen kinetic temperature about 25%larger in theseregions. While plasma
heating at the CME front can be interpreted by a simple adiabatic compression,
other processeshave to be invoked in the void and core regions. In order to �nd
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alternative explanations for the observed temperature increaseand have a further
con�rmation of this behaviour, the analysisof the UVCS data acquired at 1.9 R�

will be crucial: this will be donein the next months.
We alsoplan to separatethe contribution to the observed line pro�les from di�erent
coronaland CME regions.This will help us understandthe real increasein the oxy-
gen kinetic temperature at the CME void and core, as the value mentioned above
is only indicative of the behaviour of the averagecoronal plus CME region. Taking
into account that no signi�cant line Doppler shifts were observed, this analysiswill
help us constrain the valuesof CME ejection angle which strongly a�ect our esti-
mate of the CME mass(x 6.11).

In the third work reported in this Thesis we analyzedUVCS observations (at
an heliocentric distanceof 1.7 R� ) of the coronal restructuring after a CME which
occurredon November 26, 2002(Bemporad et al., 2006). Thesedata, acquireddur-
ing a SOHO-Ulyssesquadrature, gave us the unique opportunit y to describe the
structure of a current sheet(CS), which formed in the aftermath of the CME, from
lower coronal levels out to interplanetary distances. In particular, we derived the
physical parametersof this CS over 2.3 days following the event. After separat-
ing the quiet coronaand CS contributions to the plasmaemissionalong the line of
sight, we derived the temporal pro�le of the CS temperature, density and elemental
abundances.We showed that the CS temperature decreasesby more than a factor
two, over the observingtime. This is the �rst time that the temporal pro�le of the
physical parametersof a CS is given. The behavior of density is not aswell de�ned,
due to the superposition of a densefeature onto the CS location at the end of our
observations.
A rangeof valuesfor the plasma in
o w speedtowards the reconnectionregion has
been inferred, together with values of the magnetic �eld in the reconnectionre-
gion. Moreover, we showed that adiabatic compressionof plasma cannot account
for the heating of the reconnectionregion, other than at a very late phaseof the
phenomenon. The resulting Interplanetary CME observed in situ by Ulyssesis
consistent with CME models. Strong 
uctuations in the high ionization Fe states
detectedin situ suggestbursty, rather than smooth, reconnectionin the coronalCS
and have beenrelated to the irregular progressionof reconnectionevents along the
arcadeof post-event loops. The quadraturecon�guration at the time data have been
acquired allowed us (the �rst time ever) to establisha direct relationship between
the high temperature plasmaat the reconnectionsite and the high ionization stages
of Fe detectedin situ (Poletto et al., 2004).
We did not mention in the work described above that during the 2.3 days of obser-
vations, UVCS observed (Northward of the CME) repeated,suddenand short lived
(30 { 60 min ) emissionpeaksin the \cool" H Ly � , Ly 
 , C i i i and O vi lines. These
events are the extensionat higher altitudes of recursive chromosphericejectionsof
plasma observed in the EIT He i i images. Radial speedsof these jets, evaluated
from EIT images,are strongly variable with time (� 20{200km/s) and the motion
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of each jet has peculiar kinematical properties. EIT data reveal theseejectionsto
originate from homologouscompact 
ares whosesourceis an island of included po-
larit y located just inside the baseof a coronal streamer,as shown by a comparison
with MDI data. Someof theseejectionsresult in narrow CMEs that move outwards
along the streamer;interestingly, the streameris transiently \in
ated" by the ejec-
tion, but it is not disrupted as it happensfor typical CMEs. The study of this new
type of CMEs, that we dubbed \streamer pu�s" (seeBemporad et al. 2005a), will
require a more thorough analysisof the UVCS and EIT data which is at present in
progress.In the near future we plan to derive the temporal pro�les of the electron
density, electron and kinetic temperature along the axis of the jets. Preliminary
results from an analysisof data point towards an higher plasmatemperature at the
leadingedgeof the jets; this e�ect might be a consequenceof adiabatic compression
and/or shock heating. A further data analysis will help us �gure out how these
jets interact with the background streamerplasmawithout disrupting the stream-
er itself, and will possiblyleadto a morere�ned model for the origin of theseevents.

In the fourth and last work of this Thesis we analyzedUVCS data of the sun-
grazingcometC/2001 C2 that wasobserved on February 7, 2001,at the heliocentric
distancesof 4.98 and 3.60 R� (Bemporad et al., 2005c). In Chapter 8 we showed
how, from these data, we derived an estimate for both cometary (i.e. outgassing
rate and nucleusradius) and coronal (i.e. kinetic temperature and electrondensity)
parameters. In particular, at 4.98R� the cometcrosseda boundary regionbetween
a coronal hole and a streamer: from the detection and separationof the Ly� emis-
sion from two cometary tails we found the value of the coronal electron density of
theseregionswhich points towards an increaseby about a factor two (seeTable8.2)
betweenthe coronal hole and streamer limb density. The low Ne value we derived
at 3.6 R� is representativ e of the tenuous coronal feature (nearly unobservable in
the LASCO images)crossedby the comet at this height.
We note herethat, the absenceof a cometarybow shock (as revealedby an analysis
of the Ly� line pro�les), usedby other authors to infer the plasmaout
o w speedvout

of the coronalplasmaencountered by the comet (seeRaymond et al. 1998b), led us
to assumean a priori value for vout at 4.98R� (while at 3.60R� the comet crossed
a coronalstreamerregionand at this height we can assumea negligibleout
o w; see
e.g. Strachan et al., 2002). However, the secondaryH atoms travel with the solar
wind, hencethe sungrazersLy� imagestrongly dependson the local magnitudeand
direction of the wind velocity vector. Should the comet encounter, for instance, a
transition region between slow and fast wind regime, we might expect to observe
an \inhomogeneousLy� image" of the comet: in this sense,UVCS observations of
sungrazerscould be used as \tracers" of the solar wind inhomogeneities. To this
end, it is necessaryto better understand the relationship betweenthe shape of the
observed Ly� tails and the physical parametersof the coronalplasmacrossedby the
comet. S. Giordanoand collaborators areworking on a cometsimulation codebased
on the Monte Carlo technique with the aim of reproducing the observed sungrazer
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Ly� image as a function of both coronal (e.g. kinetic temperature, electron den-
sity, electron temperature, wind speed,etc...) and cometary (e.g. outgassingrate,
velocity distribution and kinetic temperature of the outgassed,etc...) free parame-
ters. On the basisof this work, we plan to better constrain in the next future the
out
o w speedvaluesof coronal plasma as a function of the observed shape of the
sungrazerLy� tail. This will possiblyprovide a new technique to estimatevout also
at distanceslarger than � 5 R� , whereother sungrazershave alreadybeenobserved
and tipically the Doppler dimming technique cannot be applied becauseof the very
faint coronal UV intensities.
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